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ABSTRACT

Gamma-ray binaries consist of a compact object orbiting with a massive star.

The violent interactions within these systems, due either to the collision of the pul-

sar/stellar winds or the relativistic jets of a black hole, are capable of accelerating

charged particles to TeV energies. Due to the orbital motion of the binary system,

this acceleration occurs in a constantly-evolving environment. Gamma-ray binaries

therefore act as “natural laboratories” for the study of non-thermal acceleration and

radiation mechanisms, as well as a means to study the physics of compact objects.

This dissertation is concerned primarily with the discovery of a new gamma-ray

binary system: PSR J2032+4127/MT91 213. At the time of its discovery, this was only

the second gamma-ray binary system with a firmly identified compact object, and just

the seventh gamma-ray binary known. This system’s unique 50-year orbital period sets

it apart from other gamma-ray binary systems and underscores the significance of the

100-hour observing campaign to cover the periastron passage in the autumn of 2017 by

VERITAS, MAGIC, and Swift-XRT. As a result of these observations, detailed light

curves and spectra were constructed which exhibit complex variability. This variability

maps the continually-changing environment at the interface of the pulsar and stellar

winds, allowing for examination of the underlying physical processes.

The analysis of gamma-ray emission from PSR J2032+4127/MT91 213 was

complicated by the fact that the binary system lies in the same area of the sky as

another gamma-ray source: TeV J2032+4130. This fact motivated the development

of a more sophisticated data analysis method, based on the method of maximum-

likelihood estimation, which is capable of simultaneously detecting and characterizing

the emission of two or more sources in the same field of view. This analysis was tested

on several known sources and shown to be consistent with standard analysis methods.
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Its ability to distinguish between multiple sources in the same field was demonstrated in

a re-analysis of the PSR J2032+4127/MT91 213 + TeV J2032+4130 system. Finally,

the method was used to search for “hidden” sources in the vicinity of other gamma-ray

binary systems, yielding negative results but providing insight into the nature of the

wind interaction in these systems.

The results presented in this dissertation are based on extensive observations

carried out by VERITAS: the Very Energetic Radiation Imaging Telescope Array Sys-

tem. VERITAS, which comprises an array of four Imaging Atmospheric Cherenkov

Telescopes (IACTs), is uniquely suited for detecting gamma-ray emission in the GeV-

TeV range, providing the high sensitivity and precision needed to track the complex

variability in PSR J2032+4127/MT91 213’s periastron passage. The physical instru-

mentation of VERITAS and the standard VERITAS software/data analysis tools, both

discussed in detail in this work, were critical in obtaining the results here presented.
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Chapter 1

ASTROPHYSICS AT VERY HIGH ENERGIES

The very high-energy (VHE, E > 100 GeV) regime of the Universe, unexplored

until the past few decades, contains a rich treasure-trove of information for high-energy

physicists. Light emitted at such energies is not due to thermal radiation and thus

offers a unique window into the “non-thermal universe”. In particular, VHE radiation

is often associated with the acceleration of particles in extreme physical environments

unattainable to any Earth-bound laboratory. The study of VHE radiation therefore

extends the study of particle acceleration and interaction at extreme energies. Because

of the association of this radiation with particle acceleration, it also functions as a

natural way to examine the production of energetic cosmic rays, which appear to be

ubiquitous in the galaxy.

1.1 Cosmic Rays

The particles now known as “cosmic rays” were first discovered by Victor Hess

in 1912 during a high-altitude balloon flight [35]. The term now refers to the near

isotropic stream of energetic particles which enter Earth’s atmosphere at the rate of

approximately 1000 particles m−2s−1. They consist mostly of ionized nuclei: 90%

protons, 9% helium, and 1% heavier nuclei and electrons [36]. The energy spectrum

(shown in Figure 1.1) spans more than 10 decades in energy and exhibits a general

power-law shape (flux ∝ (E/E0)γ) with an average spectral index γ close to -3. Cosmic

rays are very nearly isotropic due to diffusion in the Galactic magnetic field, though

small anisotropies have been reported [37].

Because cosmic rays consist of charged particles which are repeatedly deflected

as they traverse the Galaxy, the arrival direction of an observed cosmic ray at Earth is
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Figure 1.1: The cosmic ray spectrum produced by combining data from various exper-
iments. Image available at https://web.physics.utah.edu/ whanlon/spectrum.html
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not indicative of its ultimate source. Cosmic rays do not “point back” to their point

of origin. This complicates the question of where the particles originate (where are

they accelerated to such high energies?). While the ultimate origin of these cosmic

rays remains a mystery, much can be said with confidence. Firstly, the bulk of cosmic

rays very likely originate within our own Galaxy. The considerable energy density of

cosmic rays observed on Earth makes the prospect of a universal sea of cosmic rays

throughout space an unlikely prospect [38]. Moreover, while cosmic rays themselves

cannot be traced back to their source, observations of energetic radiation can be used

to indirectly map the distribution of cosmic rays. This is because a portion of the

accelerated particles will radiate away some of their energy as they interact with the

local magnetic field and interstellar medium at the acceleration site. Details of particle

acceleration and radiation mechanisms will be discussed later, in Section 1.2. The point

is that, while cosmic rays themselves do not point back to their acceleration site, they

should generate non-thermal radiation (mostly gamma rays) from the acceleration site.

Since electromagnetic radiation is not deflected in the Galactic magnetic fields, this

radiation can effectively be used to trace cosmic ray acceleration sites in the Galaxy.

Measurements of diffuse gamma-ray emission from instruments such as Fermi -LAT

indicate that the majority of cosmic rays observed from Earth are accelerated within

our Galaxy, rather than diffusing in from outside [39]. Further evidence for a Galactic

origin of cosmic rays comes from observations of gamma-ray emission in the Magellanic

clouds, which indicate lower levels of cosmic rays in those galaxies than in our own

[40, 41]. This contradicts the notion of a largely universal sea of cosmic rays, which

would pervade nearby galaxies at nearly equal levels.

While there is firm evidence that most cosmic rays are of galactic origin, there

is good reason to believe that at least some of them, particularly those at the highest

energies, are of extragalactic origin. The most straightforward argument to this end

is that at the highest energies, galaxies should not be able to confine the cosmic rays

accelerated within them. Assuming an average galactic magnetic field of ∼ 3µG, the

Larmor radius of a proton exceeds 1 kpc for energies greater than ∼ 3× 1018 eV. The
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bulk of cosmic rays in this energy range should therefore be of extragalactic origin.

The resulting spectrum of cosmic rays observed from Earth should be dominated by

particles accelerated within the galaxy up to energies approaching ∼ 1018 eV, at which

point a transition from galactic to extragalactic sources should be observed. The

observed spectra of cosmic rays provide evidence for this scenario. While the overall

spectrum can be approximated as a simple power law with an index of ≈ −3, closer

inspection reveals detailed features in the spectrum. In particular, the power-law index

is apparently variable with energy. The all-particle spectrum is observed to steepen

from an index of ≈ −2.7 to a new index of ≈ −3.1 beginning at about ≈ 3 × 1015

eV [42, 43]. This feature is followed by a flattening back to an index of ≈ −2.7

beginning near 1018 eV[44]. These two features have come to be known as the “knee”

and the “ankle” in the cosmic-ray spectrum: the former referring to the steepening of

the spectrum near 1015 eV, the latter referring to the hardening at 1018 eV1. Taken

together, the knee and the ankle are generally thought to support the notion of a

transition from galactic to extragalactic origins for cosmic rays. The ankle is most

easily interpreted as the energy at which extragalactic sources become dominant of

galactic ones, which explains its appearance near the same energy that cosmic-ray

escape from the Galaxy becomes significant.

The knee is generally thought to indicate the joint effect of galactic accelera-

tion mechanisms nearing their maximum energy, together with increased “leakage” of

particles escaping the Galaxy at higher energies [45]. The specific acceleration sites

within the Galaxy have long been suspected to be supernovae. This idea was first

suggested by Baade and Zwicky in 1934 [46] and remains prominent for two reasons:

1) supernovae explosions in the Galaxy provide more than enough energy to power

the observed cosmic-ray luminosity and 2) the acceleration mechanism at supernovae

sites can be shown to reproduce a power-law distribution in energy, in accordance with

1 These features are not easy to discern from Figure 1.1, but are more easily identified
when multiplying the flux by a factor of E3 to identify deviations from flatness.
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observations. Energetically, the luminosity of cosmic rays in the galaxy has been esti-

mated to be about ≈ 7× 1040 erg s−1[47]. Supernovae typically release ≈ 1051 erg per

explosion [48], and occur in the Galaxy at a rate of ≈ 25 per kyr [49], giving an average

power output of ≈ 8× 1041 erg s−1. Thus only 10% of the observed supernova energy

output is required to explain the luminosity of cosmic rays. The specific mechanism

for acceleration will be discussed in a later section, but it can be shown that the most

likely acceleration mechanism for charged particles in the vicinity of supernovae is one

that produces a power-law distribution in energy, further strengthening the case for

supernovae as the dominant source of galactic cosmic rays.

The acceleration site of extragalactic cosmic rays remains a topic of discussion,

but is likely associated with active galactic nuclei [50, 51].

While general classes of astrophysical objects have been hypothesized as sites of

cosmic-ray acceleration, the proverbial “smoking gun” remains to be found. Since the

arrival direction of cosmic rays does not point back to the acceleration site, indirect

methods are necessary. Wherever these particles are initially accelerated, they should

radiate away some of their energy as they interact with the local magnetic fields and

interstellar medium. This radiation is unperturbed by the Galactic magnetic field and

thus travels directly from the source. Studies of non-thermal radiation from potential

acceleration sites are therefore a fruitful way to search for the origin of cosmic rays.

1.2 Particle Acceleration

Second Order Fermi Acceleration

At the heart of the search for the origin of cosmic rays is the question of how

and where they are accelerated to such high energies. The relevant mechanisms are

electromagnetic in nature. Of these, two broad categories can be recognized: direct

acceleration by a large scale electric field, or stochastic acceleration characterized by

small energy gains over long time intervals from small scale fields. In practice, the

high conductivity associated with the ionized plasma in many astrophysical environ-

ments effectively rules out the prolonged presence of a large electric field, and therefore

5



Figure 1.2: A sketch showing a single idealized collision between a particle and a
massive interstellar cloud.

stochastic acceleration mechanisms are favored in most phenomenological explanations.

The stochastic acceleration approach was first developed by Fermi in 1949 [52]. Fermi

showed that random interactions with regions of moving magnetic field will, on aver-

age, cause charged particles to gain energy according to a power-law distribution. Here

we summarize a derivation of this result, following Longair [53].

Let us consider the collision between a charged particle of mass m with a mag-

netized interstellar cloud whose mass can be considered infinite in comparison. In the

rest frame of the galaxy, the cloud velocity is ~V and the particle velocity is ~v. The

collision is depicted in Figure 1.2. Let the unprimed frame S correspond to the galac-

tic rest frame, and the primed frame S ′ correspond to the center of mass frame of the

cloud and particle, which approximately moves with the cloud’s velocity ~V .

In the primed frame, the particle’s energy and momentum are described by:

E ′ = γV (E + pV cos θ)

p′x = −γV
(
p cos θ +

V

c2
E

) (1.1)

During the collision, the particle’s energy is unchanged and the x-component of

its momentum is reversed:
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E ′ = γV (E + pV cos θ)

p′x = γV

(
p cos θ +

V

c2
E

) (1.2)

Transforming back into the unprimed frame via a second Lorentz transforma-

tion:

E ′′ = γ2
V

[
E + E

(
V

c

)2

+ 2V p cos θ

]

= γ2
VE

[
1 +

(
V

c

)2

+
2V v cos θ

c2

] (1.3)

Therefore:

∆E = E ′′ − E = γ2
VE

[(
V

c

)2

+
2V v cos θ

c2

]
+ E(γ2

V − 1)

Since it is likely that V << c, γ2
V ≈ 1 +

(
V
c

)2
and

∆E ≈ γ2
VE

[
2

(
V

c

)2

+
2V v cos θ

c2

]
(1.4)

Thus in any single collision the particle may either gain or lose energy, depending

on the collision angle θ. A “head-on” collision will increase the particle’s energy while a

“tail-on” collision will decrease it. The average change in energy per collision therefore

depends upon the average angle of incidence. This is not isotropic: head-on collisions

will tend to happen more frequently due to the greater relative velocity of those clouds

in the particle’s frame of reference. The probability of a collision at an angle θ should

be proportional to the relative velocity of the cloud:

P (θ) ∝ V cos θ + v

1 + V v cos θ
c2

In the relativistic limit v → c:

P (θ) ∝ 1 +
V

c
cos θ
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The average change in energy is found by integrating Equation 1.4 with the

above (normalized) probability distribution for θ over all values of θ:

〈
∆E

E

〉
=

8

3

(
V

c

)2

(1.5)

This result indicates that particles colliding randomly with magnetized clouds

will, on average, gain energy in proportion to the square of the cloud’s velocity. For

this reason, this mechanism is known as “second order Fermi acceleration”.

Spectrum

If the mean separation distance between clouds is L, then the average time

elapsed in between collisions will be approximately L/c. The average rate of energy

increase will then be:

dE

dt
≈ ∆E

L/c
=

8

3

V 2

Lc
E = αE

The number of particles per unit volume N with an energy of E )(the particle

spectrum produced by this acceleration) obeys the diffusion-loss equation [53]:

dN

dt
= D∇2N +

∂

∂E
[b(E)N ]− N

τesc

+Q(E)

Where b(E) is the energy loss rate of the particles, τesc is the characteristic time the

particle remains within the acceleration region, D is a diffusion coefficient, and Q(E)

is the rate at which new particles are injected into the volume. In the steady state,

and in the absence of diffusion, dN
dt

= ∇2N = 0. If we further neglect particle injection

(Q(E) = 0), then the diffusion-loss equation simplifies (with b(E) = −αE) to:

− d

dE
[αEN ]− N

τesc

= 0

Which has as a solution:

N(E) ∝ E−x (1.6)
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Where x = 1 + 1
ατesc

. In the context of cosmic-ray physics, Equation 1.6 is the most

important feature of second-order Fermi acceleration, since it predicts a power-law

distribution in energy in accordance with the cosmic-ray spectrum observed from Earth.

While this second-order acceleration mechanism successfully explains the power-

law shape of the cosmic-ray energy spectrum, it has several shortcomings. The fact

that the energy gain per collision is proportional to (V/c)2 makes this a quite inefficient

method of accelerating particles to very high energies, given that the typical speeds of

interstellar clouds are V/c ≤ 10−4[53]. Additionally, the theory fails to explain why

the observed power-law index should be close to 2.5.

First Order Fermi Acceleration

Decades after Fermi’s work, several authors proposed a more efficient mechanism

utilizing the same principles of Fermi’s original idea [54, 55, 56, 57]. In what has come to

be known as “diffusive shock acceleration” or “first-order Fermi acceleration”, charged

particles repeatedly crossing an astrophysical shock front will consistently experience

head-on interactions, resulting in much more efficient acceleration. Furthermore, it can

be shown that this process predicts a power-law distribution with an index close to the

observed value.

Astrophysical shocks are ubiquitous in the Universe, and are very likely present

in supernova remnants and the jets of active galactic nuclei. Such shocks are created

when fast-moving outflows are forced into another environment (such as the interstellar

medium) at speeds greater than the local speed of sound. The gas in the environment

is unable to equilibrate and is generally divided into a “shocked” and an “unshocked”

region. The barrier dividing the two regions is the shock front, which propagates

forward into the unshocked gas.

Let us consider such a shock front which propagates to the right (the x direction)

at a speed U relative to the interstellar medium (Figure 1.3a). Ahead (“upstream”) of

the shock front, the gas is unshocked and has no bulk speed. The shock front itself acts

as a discontinuity between the unshocked gas in the upstream region and the shocked
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gas in the “downstream” region. In the rest frame of the shock front, we denote the

density, pressure, temperature, and speed of the unshocked gas as ρ1, P1, T1, and v1. By

definition, v1 = U . Gas in the downstream region has density, pressure, temperature,

and speed of ρ2, P2, T2, and v2. While discontinuous, the properties of the shocked and

unshocked gas are necessarily related via conservation of mass, energy, and momentum

across the shock front ([53]):

ρ1v1 = ρ2v2

ρ1v1

(
1

2
v2

1 +
Γ

Γ− 1

P1

ρ1

)
= ρ2v2

(
1

2
v2

2 +
Γ

Γ− 1

P2

ρ2

)
P1 + ρ1v

2
1 = P2 + ρ2v

2
2

(1.7)

Where the gas is treated as an ideal gas with Γ as the ratio of specific heat capacities.

We define the Mach number of the shock wave as M1 = U/c1, with c1 being the speed

of sound of the unshocked gas. For very strong shocks (M1 >> 1) the conditions 1.7

simplify to [53]:

P2

P1

=
2ΓM2

1

Γ + 1
ρ2

ρ1

=
Γ + 1

Γ− 1

T2

T1

=
2Γ (Γ− 1)M2

1

(Γ + 1)2

(1.8)

As unshocked gas passes through the shock front, it is compressed and heated. The

first equation from 1.7 can be combined with the second from 1.8 to give:

v2

v1

=
ρ1

ρ2

=
Γ− 1

Γ + 1
(1.9)

In the frame of the shock front therefore, gas is slowed as it crosses the shock from

upstream to downstream. To see how this results in particle acceleration, let us consider

a mono-atomic ideal gas with Γ = 5/3. The speeds of the unshocked and shocked gases

then relate as:

v2 =
1

4
v1 (1.10)
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Figure 1.3: The interface between the the shocked and unshocked gases is depicted
from different reference frames.

in the frame of the shock front. This is depicted in Figure 1.3b.

We now consider a relativistic particle which is originally upstream of the shock

with energy E = pc in the upstream frame. In the frame of the unshocked (upstream)

gas, the shock front approaches with a speed of U , followed by the shocked gas (down-

stream) approaching at a speed of V = 3
4
U (Figure 1.3c). This is similar to the head-on

collision with the magnetic cloud discussed earlier. If the particle is incident upon the

shock front with an angle θ1 to the normal, then its energy in the downstream frame

is found via a Lorentz transformation:

E ′ = γVE

(
1− V

c
cos θ1

)
(1.11)

Here, upstream region is the unprimed frame, and the downstream region is the
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primed frame. In the downstream region, the unshocked gas approaches with a speed

of 3
4
U (Figure 1.3d). The particle is effectively isotropized by turbulent magnetic fields

within the gas and attains an angle of θ′2 to the normal receding shock front (Figure

1.4). The particle’s energy remains the same (in the primed frame) while its direction

changes. In the unshocked frame, the particle’s energy is:

E ′′ = γVE
′
(

1 +
V

c
cos θ′2

)

If we assume that the shock speed is non-relativistic (γ2
V ≈ 1 + V 2

c2
) then:

∆E

E
= γ2

V

[(
V

c

)2

+
V

c
cos θ′2 −

V

c
cos θ1 −

(
V

c

)2

cos θ1 cos θ′2

]
(1.12)

The average energy gain in such an interaction is found by averaging 〈cos θ1〉
and 〈cos θ′2〉. Since the speed of the shock is negligible compared with the speed of the

particle, the probability of the particle crossing the shock is proportional to cos θ. It

follows that:

〈cos θ〉 =

∫ θmax

θmin
cos2 θ sin θdθ∫ θmax

θmin
cos θ sin θdθ

=

1
3

cos3 θ
∣∣∣θmax

θmin

1
2

cos2 θ
∣∣∣θmax

θmin

(1.13)

To find 〈cos θ1〉 we integrate Equation 1.13 over all angles which carry the par-

ticle from the upstream region to the downstream: θmin = π/2, θmax = π. This gives:

〈cos θ1〉 = −2

3

Similarly, to cross from downstream back to upstream: θmin = 0, θmax = π/2,

which gives:

〈cos θ′2〉 =
2

3
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Figure 1.4: The geometry of a charged particle crossing the shock front and being
isotropized by the turbulent magnetic field.

Substituting into Equation 1.12 we find, to first order in V/c:

〈
∆E

E

〉
=

4

3

V

c

The increase in energy is therefore first order in V/c, hence the name “first order

Fermi acceleration”.

Spectrum

Particles contained within the shock can repeatedly cross the shock front, gain-

ing energy in each round trip. After a single interaction, the particle’s energy is

E = βE0, where E0 is the particle’s initial energy and β = 1 + 4
3
V
c

is the average

fractional energy gain of the particle per shock crossing. After each collision there is a

finite probability for the particle to escape the acceleration region. Let us define P as

the probability of the particle remaining in the acceleration region after each collision.

This probability is calculated following Bell [56].

If the size of the acceleration region is not a constraint, particle escape occurs

as a result of advection away from the shock front in the downstream region. This is

due to the fact that particles in the upstream region will, on average, observe the shock

front to be approaching with speed U , while particles in the downstream region observe
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the shock front to be receding with speed φesc = 1/4U . We can therefore estimate the

escape probability by comparing the flux of particles entering the downstream region

with the flux of particles far downstream of the shock front. The flux of particles

through a surface far downstream of the shock will therefore be 1
4
nU , where n is the

number density of particles. The flux of particles entering the downstream region across

the shock front will be

φenter =
1

2
nc

∫ π

π/2

cos θ sin θdθ =
nc

4

The escape probability can be found by taking the ratio of the two fluxes:

Pesc =
φesc

φenter

=
U

c

The probability P for the particle to remain in the shock is therefore P = 1 − Pesc =

1− U
c
, which is energy independent.

If there were initially N0 particles with identical energy E0 within the accel-

eration region, then after k round trips across the shock front, N = N0P
k particles

remain, with average energy E = βkE0. It follows that:

ln (N/N0)

ln (E/E0)
=

lnP

ln β

And therefore:

N

N0

=

(
E

E0

)lnP/ lnβ

Which is the integral energy spectrum (N(≥ E)). The differential spectrum is then:

N(E)dE = constant×
(
E

E0

)lnP/ lnβ−1

dE

With lnP = ln
(
1− U

c

)
≈ −U

c
and ln β = ln

(
1 + 4

3
V
c

)
≈ 4

3
V
c

= U
c
:

N(E)dE = constant×
(
E

E0

)−2

dE (1.14)

This acceleration mechanism therefore predicts a specific and unique power-law

index regardless of the characteristics of the physical environment, so long as there are
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strong shocks present. This is likely to be the case in many astrophysical environments,

such as supernova remnants and active galactic nuclei. Because of its relative efficiency

(first order in V/c) and because it produces a power-law spectrum with an index close

to that which is observed experimentally, first-order Fermi acceleration (diffusive shock

acceleration) has prevailed in astrophysical thinking since its development in the 1970s.

Non-linear Effects

The previous derivation assumed that the environment of the shock is not sig-

nificantly altered by the presence of the energetic cosmic rays accelerated there. In

many physical environments, the energy of the accelerated cosmic rays can become

comparable to the energy of the surrounding plasma and therefore the cosmic rays can

have a significant impact on their acceleration environment. Particle acceleration in

such environments is governed by non-linear diffusive shock acceleration (NLDS). In

NLDS, particles are still accelerated stochastically by repeatedly crossing the shock

front; however the diffusion and scattering of these particles is modified by effects they

themselves create. Firstly, the pressure created by accelerating particles can slow down

the plasma flowing into the shock from the upstream region. This results in a position-

dependent plasma velocity in the upstream region and therefore a position-dependent

compression ratio (vupstream/vdownstream), with compression ratio increase with distance

upstream of the shock. Assuming that the diffusion length of accelerated particles is

energy-dependent, this means that higher-energy particles, which diffuse far into the

upstream region, will see a larger compression ratio than lower-energy particles which

cannot diffuse as far upstream. The result is curved particle spectrum rather than a

simple power-law [36, 58].

Another effect results from the fact that cosmic rays streaming upstream of the

shock can create a “streaming instability” which can greatly amplify the magnetic field

of the plasma. This was first noticed by Bell [56]. This amplified magnetic field can

enhance the scattering efficiency of the plasma, keeping accelerating particles confined
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for longer. This broadens the energy spectrum of the accelerated particles and, in

particular, increases the maximum energy attained by the accelerated cosmic rays.

1.3 Radiation mechanisms

As charged particles are accelerated, they will lose some of their energy in the

form of radiation as they interact with magnetic fields, photon fields, and the physical

medium in the acceleration region. Here we summarize the most important radiation

mechanisms, restricting our focus to non-thermal radiation.

Synchrotron Radiation

When a charged particle moves with velocity ~v in the vicinity of a magnetic field

~B, the Lorentz force will cause the particle to spiral around the magnetic field lines.

The radius of this gyration is the Larmor radius:

RL =
p⊥
eB

(1.15)

And the angular frequency is the Larmor frequency:

ωL =
eBc

E
(1.16)

While the magnetic field does not work on the particle, the particle will lose energy

in the form of radiation due to the fact that it is accelerating. When this process

happens with relativistic particles it is known as synchrotron radiation. This radiation

is responsible for non-thermal emission from a variety of astrophysical sources across

the electromagnetic spectrum, from the radio regime through to the gamma-ray regime.

The energy loss rate of a single relativistic electron due to synchrotron radiation can

be found by calculating the power in the electron’s instantaneous rest frame using

the Larmor formula and performing Lorentz transforms to express this power in the

observer frame. This calculation can be found in several places, including Longair [53]

and Blumenthal & Gould [59]. In terms of the magnetic field energy density uB, the

dimensionless speed β = v/c, and the Thomson cross section:

σT =
8π

3

( e

mc2

)2

(1.17)
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The energy loss can be obtained:

dE

dt
= −4

3
σTβ

2γ2cuB (1.18)

Equation 1.18 represents the average energy loss rate over an isotropic distribu-

tion of pitch angles between ~v and ~B. It should be noted that synchrotron radiation is

dominated by electrons (as opposed to protons), due to this much higher energy loss

rate and smaller Larmor radius.

The energy radiated by a single electron reaches the observer in the form of

narrowly beamed pulses. The radiation is strongly beamed in the direction of motion

toward the observer due to relativistic aberration. The synchrotron energy spectrum is

the Fourier transform of the time series of these pulses. The full calculation has been

done elsewhere [59, 53], the result is:

Pemitted(E) =

√
3e3B sinα

mec2

E

Ec

∫ ∞
E/Ec

K5/3 (ξ) dξ (1.19)

Where K5/3 is a modified Bessel function, α is the electron pitch angle, and:

Ec =
3

2

(
Ee
mec2

)2
eB~
mec

sinα (1.20)

in terms of the electron energy Ee. The spectrum is sharply peaked around Ec: most

of the energy radiated from electrons of energy Ee will be in the form of photons with

energy close to Ec.

We are particularly interested in the photon energy spectrum that would be

produced by a distribution of electrons. In particular, let us assume that the electron

distribution follows a power law (as is expected from diffusive shock acceleration):

n(E)dE = k

(
E

E0

)−p
dE (1.21)

The resulting synchrotron spectrum (power received per unit volume per unit

energy) can then be written as [59]:
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J(E) =
4πke3B(p+1)/2

mc2

(
3e

4πmc

)(p−1)/2

a(p)

(
E

E0

)−(p−1)/2

(1.22)

Where a(p) is given by Equation 4.60 in [59]. The key result to note is that

a power-law distribution of electrons with index p emitting synchrotron radiation will

produce a photon power-law distribution with a steeper index of (p− 1)/2. Measure-

ment of the spectral index of radiation can therefore be used to identify properties of

the underlying electron distribution.

Inverse Compton Scattering

Compton scattering occurs when a photon interacts with an electron, resulting

in an increase in the kinetic energy of the electron at the expense of a decrease in

the photon’s energy (and therefore an increase in wavelength) [60]. When the process

works in reverse (very energetic electrons scatter photons to very high energies) it is

known as inverse Compton scattering.

The classical derivation of inverse Compton scattering is accomplished by ap-

plying the standard Compton scattering results in the rest frame of the electron, and

then transforming back into the lab frame. The full derivation will not be repeated

here; the salient result is that, for near head-on collisions, the photon can gain energy

in proportion to γ2 (Eγ,f ∼ γ2Eγ,i). Relativistic electrons accelerated at astrophysical

shocks can therefore interact with ambient photons (from a nearby star, or from the

CMB, for example) and upscatter them to gamma-ray energies.

If the photon energy in the rest frame of the electron is small in comparison to

the electron’s rest energy (the Thomson limit), the energy loss rate can be written [53]:

dE

dt
= −4

3
σTβ

2γ2curad (1.23)

Where urad is the radiation energy density. Note that this expression is com-

pletely identical to the loss rate for synchrotron radiation (Equation 1.18) except for

the substitution uB → urad.
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This result is only valid in the Thomson limit. As the photon energy becomes

comparable to the electron energy in the electron’s rest frame, the scattering cross

section is best described by the Klein-Nishina formula [59]:

dσ

dΩ
=

1

2
r2
e

(
E ′γ,f
E ′γ,i

)2
(
E ′γ,i
E ′γ,f

+
E ′γ,f
E ′γ,i

− sin2 θ

)
(1.24)

Where re is the classical electron radius and E ′γ,i/f is the initial/final energy of the

photon in the rest frame of the electron.

The spectrum of scattered photons per electron is given in Equation 2.48-49 of

[59]. If the distribution of electrons responsible for upscattering the photons is described

by a power-law with index p (Equation 1.21), then the resulting photon spectrum can

be calculated. This is again done following [59], who derive two separate results for the

Thomson regime and the “Klein-Nishina regime” (where the photon energy dominates

the electron rest mass in the electron frame).

In the Thomson regime:

dn

dtdE
= πr2

eck2p+3 p2 + 4p+ 11

(p+ 3)2(p+ 1)(p+ 5)

(
E

E0

)−(p+1)/2

×
∫ (

E ′

E ′0

)(p−1)/2

n(E ′)dE ′

(1.25)

Where n(E ′) is the number density of photons.

In the Klein-Nishina regime:

dn

dtdE
= πr2

eck

(
E

mc2

)−(p+1)

×
∫
n(E ′)

E ′

(
ln
EE ′

m2c4
+ C(p)

)
dE ′ (1.26)

Where C(p) is an energy-independent parameter given by Equation 2.85 in [59].

The important note is that a population of electrons described by a power law of index

p cooling via inverse Compton scattering will produce a power-law radiation spectrum

with an initial index of (p+ 1)/2, steepening to p+ 1 at higher energies.
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Non-thermal Bremsstrahlung

Electrons will emit radiation when they are accelerated in the vicinity of the

Coulomb field of an atomic nucleus. The resulting radiation is known as “bremsstrahlung”

(bremsstrahlung being German for “braking radiation”).

From [53], the bremsstrahlung spectrum for a single electron passing through a

gas of nuclei of density N can be written:

I(E) =
16π3Z2e6N

3c3m2
ev

ln

(
192v

Z1/3c

)
(1.27)

Where v is the initial speed of the electron. The intensity spectrum radiated

by a single electron is therefore energy-independent. This spectrum has the prop-

erty, as shown in [61], that a power-law distribution of electrons losing energy via

bremsstrahlung will produce a power-law photon spectrum with the same spectral

index.

Neutral Pion Decay

Relativistic protons can produce high-energy gamma rays as inelastic collisions

with the ambient gas or photons facilitate the production of secondary particles such

as pions, which can promptly decay into gamma rays.

The kinetic energy of a proton can create a neutral pion π0 during a collision

with an atomic nucleus. This can happen if the proton has at least≈ 280 MeV of kinetic

energy. This is more than twice the mass of the π0 (135 MeV); the excess kinetic energy

is required in order that the momentum of the system be conserved during the collision

[61]. The newly created π0 will almost immediately (τ ≈ 8.4 × 10−17 s) decay into a

pair of gamma rays, each with an energy of mπ0c2/2 = 67.5 MeV in the rest frame of

the pion.

Neutral pions can also be produced via the “photo-pion” interaction whereby the

scattering of a proton by a high-energy photon facilitates the production of pions [53].

Neutral pions produced in this way will rapidly decay into gamma rays, as described

above.
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The energy in the lab frame is obtained by a Lorentz transformation:

Eγ = γE ′γ (1 + β cos θ′) = γ
mπ0c2

2
(1 + β cos θ′) (1.28)

The pion decay is isotropic in its rest frame (due to the fact that π0 has zero

spin):

dN ′ =
1

4π
dΩ′ =

1

2
d (cos θ′) (1.29)

From Equaton 1.28:

d cos θ′ =
2dEγ

γβmπ0c2
(1.30)

And therefore:

dN ′

dEγ
=

1

γβmπ0c2
(1.31)

In the rest frame of the pion, the energy spectrum is constant from Emin =

γ
mπ0c2

2
(1− β) to Emax = γ

mπ0c2

2
(1 + β). The observed gamma-ray spectrum for a

single event will therefore take the form of a uniform rectangle from Emin to Emax,

which necessarily includes E =
mπ0c2

2
= 67.5 MeV. The total energy spectrum of a

population of protons emitting gamma-rays via neutral pion decay will therefore be a

superposition of rectangles of which only the energy E =
mπ0c2

2
is always present. The

result is a characteristic “bump” in the gamma-ray spectrum, corresponding to 67.5

MeV in the pion rest frame. This distinctive feature, known as the “pion bump”, is a

signature of the presence of relativistic protons at the emission site. Because the bulk

of cosmic rays are protons, and neutral pion decay is the only radiation mechanism

in which protons dominate, the search for pion bumps in astrophysical spectra has

become a major goal in the search for cosmic ray acceleration sites.

1.4 Sources of VHE gamma rays

Particle acceleration is likely to occur in any astrophysical environment where

strong shocks are present. The particles will emit some of their energy in the form of one
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or several of the radiation mechanisms discussed in the previous section. Observations

of nonthermal radiation can therefore identify sources of significant acceleration.

1.4.1 Galactic Sources

Supernova Remnants

A supernova is a catastrophic explosion that occurs either when a massive star

exhausts its nuclear fuel and undergoes core collapse, or when a white dwarf in a binary

system exceeds its critical mass and undergoes a thermonuclear explosion. The shock

front of the explosion and the ejected material of the former star propagate radially

away over a period of thousands of years. This leftover material expanding into the

interstellar medium is known as a supernova remnant (SNR). SNRs have long been

hypothesized as the primary source of Galactic cosmic rays, due to the vast supply

of energy available as well as the likely presence of diffusive shock acceleration, which

produces a power-law distribution of accelerated particles. An image of the Tycho

supernova remnant (which resulted from a white dwarf exceeding its maximum mass

[62]) is shown in Figure 1.5.

Some (∼ 1%) of the gravitational binding energy of the star will be converted

into bulk kinetic energy of its ejected outer envelope (the remainder of the energy being

carried away in the form of neutrinos [63]). For a supernova of energy E ∼ 1051 erg,

and with ejected mass 2 − 10 M�, the ejected material will form an expanding shell

around the former star, expanding outward at vshell '
√

2E
Mshell

' 104 km/s [36]. The

ejected material expands outward into the interstellar medium at a bulk speed faster

than the sound speed in the medium, forming a strong shock. Particle acceleration

can occur in the vicinity of this shock via the diffusive shock acceleration mechanism

discussed in Section 1.2.

Non-thermal radiation from across the electromagnetic spectrum including ra-

dio, X rays, and gamma rays, has been detected from many supernova remnants.
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The detailed structure of this emission is quite sensitive to the specific initial con-

ditions of the explosion, as well as the age of the remnant. As of the time of writ-

ing, VHE emission has been observed from 24 SNRs, according to TeVCat ([64],

http://tevcat2.uchicago.edu/). Non-thermal radio and X-ray emission likely results

from the synchrotron emission of relativistic electrons gyrating in the SNR ambient

magnetic field [65]. Evidence indicates that the magnetic field within these shocks can

be significantly greater than that of the ambient interstellar medium [66]. This is a

result of streaming instabilities causing magnetic field amplification in the plasma up-

stream of the shock front. The gamma-ray emission is caused in part by non-thermal

bremsstrahlung and inverse Compton scattering from relativistic electrons, although

the detection of the characteristic pion bump in several SNRs proves that protons are

being accelerated as well [67, 68]. While proton acceleration is likely occurring in sev-

eral SNRs at least up to ∼ TeV energies, it is not yet clear if these sources are capable

of accelerating particles to the PeV energies at which the “knee” in the cosmic-ray

spectrum is observed. The search for astrophysical sources with ≥ PeV-energy protons

(known colloquially as “PeVatrons”) is ongoing, although recent evidence has identified

at least one strong candidate (SNR G106.3+2.7)[69, 70]. New instruments such as the

Large High Altitude Air Shower Observatory (LHAASO, [71]), which is designed to

detect radiation and cosmic rays in the TeV - PeV energy range, will greatly aid in

this search.

Pulsars

A massive star which ends its life in a supernova explosion leaves behind the

former stellar core in the form of either a neutron star or a black hole, depending

upon the mass of the star. A neutron star is formed during the supernova explosion

as nuclear fusion in the star’s core can no longer support its weight. The increasing

density during collapse supplies enough energy for protons and electrons to combine

into neutrons via

p+ e− → n+ νe
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Figure 1.5: A composite X-ray and optical image of the Tycho supernova remnant,
from NASA’s Chandra X-ray observatory.

A gas of mostly neutrons forms and becomes a neutron star if neutron degeneracy

pressure is sufficient to support the weight of the star. A typical neutron star has a mass

of MNS ≈ 1.4 M� and radius of RNS ≈ 106 cm = 10 km, resulting in a typical average

density of ρNS ≈ 1014 g cm−3. The star is initially quite hot T ∼ 109 K, but cools over

time as there are no means of internal energy production. Conservation of angular

momentum and magnetic flux during the collapse often leave the neutron star with a

very high rotation rate (ΩNS ∼ 10−1000 s−1) and magnetic field (BNS ∼ 1010−1013 G).

Neutron stars were first predicted by Baade and Zwicky in 1934 [46], only two

years after the neutron was discovered by Chadwick [72]. More specific predictions

were made by Oppenheimer and Volkoff in 1939 [73]. They were first discovered by

Bell in 1968 [74].

As was first suggested by [75], the immense rotational energy associated with

the rapidly-rotating neutron star can be released in the form of energetic radiation due

to the strong magnetic field of the neutron star. The rotating, magnetized neutron

star can generate an extremely large electric potential which accelerates electrons to

relativistic energies. As these energetic particles move along the neutron star’s curved
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magnetic field lines, they radiate away some of their energy in the form of curvature

radiation (similar to synchrotron radiation) which is strongly beamed along the mag-

netic axis of the star. If the rotational and magnetic axes of the star are misaligned,

the observed result looks like a lighthouse, where radiation from the star is only seen

as one of the magnetic poles sweeps through the observer field of view. Because this

creates the illusion of the radiation being pulsed, this type of neutron star has come to

be known as a “pulsar”. Pulsars emit non-thermal radiation across the electromagnetic

spectrum: particularly in the radio, X-ray, and gamma-ray bands.

VHE radiation from pulsars was first observed from the Crab pulsar by VER-

ITAS [2] (Figure 1.6) and VHE emission has now been confirmed from four pulsars

[76, 77, 78].

Pulsar Wind Nebulae

Much of the energy from the high rotation rate of a pulsar is dissipated in the

form of a relativistic “wind” of electrons and positrons which escape the pulsar to a large

distance. Close to the pulsar, charged particles co-rotate with the pulsar magnetic field.

At a distance of rL = c/Ω from the pulsar this results in luminal co-rotation speeds;

beyond this distance particles can escape to infinity along open field lines. The volume

enclosed by the cylinder of radius rL is known as the “light cylinder” and comprises

the pulsars magnetosphere. The pulsed emission from the pulsar likely originates from

within the magnetosphere. Particles escaping the magnetosphere eventually attain

relativistic speeds and form a shock where the wind reaches the interstellar medium

[79]. At this “termination shock”, electrons and positrons are accelerated through

the process of diffusive shock acceleration. As they accelerate, they lose energy by

emitting radiation through synchrotron and inverse Compton processes; this radiation

is then observed in the form of non-thermal radio, X-ray, and gamma-ray emission.

The resulting nebula, known as a “pulsar wind nebula” (PWN) surrounds the central

pulsar. PWNe are the most common source of VHE radiation within the Galaxy. The

Crab Nebula (Figure 1.7) was the first object ever observed in this energy band [80] and
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Figure 1.6: The pulsar profile of the Crab pulsar, reproduced from [2]. The top plot
shows gamma-ray counts binned by pulsar phase, showing two peaks corresponding to
two pulses. The profile is shown twice for clarity. The lower panel shows zoomed in
views of each pulse.
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Figure 1.7: An image of the Crab Nebula and supernova remnant, from NASA’s Hubble
Space Telescope.

has become the “standard candle” of gamma-ray astronomy. According to TeVCat, 34

PWNe have now been observed at VHE energies.

Gamma-ray Binaries

A pulsar wind nebula is formed when the wind from an isolated pulsar shocks

the surrounding interstellar medium; resulting in steady non-thermal emission. If the

pulsar is not isolated, its wind can interact with and shock the wind of the companion

star, leading to non-thermal radiation originating at the interaction surface between

the two stars. Shocks can also be generated in the relativistic jet of a black hole com-

panion. In several such instances, the resulting radiation can be observed in the VHE

energy band; these objects are known as gamma-ray binaries. Gamma-ray binaries are

characterized by synchrotron and inverse Compton radiation which is highly variable

in time as a function of the orbit of the system as well as the viewing geometry of

the observers. Nine systems have so far been classified as gamma-ray binaries. For a

detailed discussion of these systems, see chapter 5.
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Figure 1.8: Shown are the two widely-theorized mechanisms of gamma-ray production
in gamma-ray binaries. From [3].

Other Galactic Sources

The source classes presented in the preceding sections represent the great ma-

jority of identified Galactic VHE sources, however other types of VHE emission have

been observed in the Galaxy. These include novae [81], colliding wind binaries [82], star

forming regions [83], and globular clusters [84]. The Galactic center exhibits diffuse

VHE emission as well as a number of unidentified sources in the Galactic plane[85].

1.4.2 Extragalactic sources

Active Galactic Nuclei

By far the most numerous source of extragalactic VHE emission is active galactic

nuclei (AGNs). An active galactic nucleus occurs when a supermassive black hole

(SMBH) at the center of a galaxy accretes matter from its surroundings. Non-thermal

emission from AGN likely originates from shocks forming within relativistic jets which

flow out from the SMBH [86]. Particles are accelerated at the shock via diffusive shock
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acceleration and radiate non-thermally via synchrotron and inverse Compton radiation

[87]. In some cases, relativistic electrons in the jet can upscatter synchrotron photons to

even higher energies in a process known as synchrotron self-Compton (SSC) radiation.

Hadronic and “lepto-hadronic” models have also been proposed to explain the observed

emission from AGN [88]. As of the time of writing, 89 AGN have been observed in the

VHE band. An image of the AGN in the galaxy Centaurus A is shown in Figure 1.9.

AGN are classified based on the viewing angle of the relativistic jet with the

line of sight [89]. AGN in which the jet is aimed very near to the line of sight are

called blazars, as opposed to radio galaxies whose jets are directed at large angles to

the line of sight. Blazars can be further subdivided on the basis of their emission lines.

Flat spectrum radio quasars (FSRQs) exhibit strong optical emission lines, whereas

BL Lacertae (BL Lac) objects do not.

Gamma-ray Bursts

Gamma-ray bursts (GRBs) are likely the result of either a core-collapse or

compact-merger supernova and when they occur are briefly the brightest objects in

the observable Universe. Unlike supernova remnants, which remain visible for thou-

sands of years after the initial explosion, the luminosity of GRBs is concentrated within

∼ minutes to ∼ hours after the initial event2. This is followed by an “afterglow” last-

ing for several days during which the luminosity diminishes. The relativistic outflow

from the energetic explosion shocks the medium into which it expands, resulting in

particle acceleration and radiation. Non-thermal radiation from GRBs is likely due to

synchrotron and inverse Compton radiation [90], and SSC radiation may also play a

role [91]. VHE emission was first observed from a GRB in 2019 ([4], Figure 1.10), and

has since been observed from a total of 5 GRBs [92, 93, 94, 95].

2 Some GRBs are caused by core-collapse supernovae and therefore leave behind su-
pernova remnants. Here we distinguish between the emission related to the initial
explosion (the GRB) and the emission associated with the expanding supernova shell
(SNRs).
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Figure 1.9: A false color composite image shows the jets emanating from the central
black hole of the Centaurus A galaxy. The image combines infrared data from the
APEX telescope, X-ray data from the Chandra X-ray observatory, and visible light
data from the MPG/ESO 2.2 m telescope located at La Silla, Chile.
Image credit: ESO/WFI (Optical); MPIfR/ESO/APEX/A.Weiss et al. (Submillime-
tre); NASA/CXC/CfA/R.Kraft et al. (X-ray)
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Figure 1.10: A significance skymap shows the first detection of a gamma-ray burst in
the VHE regime. Reproduced from [4].

Other Extragalactic Sources

In addition to the sources mentioned above, a few other types of extragalactic

sources have been observed as sources of VHE emission. VHE emission has been

observed in two starburst galaxies [96, 97], likely resulting from the higher density of

supernovae and cosmic rays in these objects. The Large Magellanic cloud is a source

of large-scale diffuse emission, as well as a few identified individual sources [98].

1.5 Current Status of VHE Astronomy

The detection of VHE photons is typically accomplished by causing incoming

photons to interact with some medium via pair production and observing the secondary

products. Because a large amount of matter is required to cause VHE photons to

interact, astronomical observations conducted in this energy band are typically done

via ground-based instruments, using the atmosphere as a calorimeter. Ground-based

VHE observatories fall into two categories: Imaging Atmospheric Cherenkov Telescopes
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Figure 1.11: The all-sky map of VHE gamma-ray sources as of Fall 2024, from TeVCat.

(IACTs), which use the atmosphere as a gamma-ray calorimeter, and Extensive Air

Shower arrays, which which observe interactions in ground-based water tanks. The

specifics of these processes are described in Chapter 2. Here we briefly summarize the

historical development of VHE astronomy.

The method of using Cherenkov light as a means to detect gamma rays was

first demonstrated by Galbraith and Jelley in 1953 [99]. The light is emitted as a

gamma-ray photon interacts with nuclei in the air, leading to the production of an

electron/positron pair. Repeated cycles of Bremsstrahlung radiation and pair produc-

tion produce a large shower of particles which radiate Cherenkov light as they move

superluminally in the atmosphere. This process is described in detail in Chapter 2.

VHE emission from an astrophysical source was first observed by the Whipple tele-

scope at the Fred Lawrence Whipple Observatory in 1989 [80] with the detection of

the Crab Nebula. Aside from the Crab Nebula, Whipple also detected VHE gamma

rays from several AGNs, including Markarian 421 and Markarian 501 [100, 101]. The

HEGRA observatory in La Palma, which saw first light in 1997, was the first IACT to

successfully implement stereoscopic observations with multiple Cherenkov telescopes
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[102]. This resulted in improved sensitivity, angular resolution, and energy reconstruc-

tion [103]. Among HEGRA’s chief discoveries were the SNR Cassiopeia A [104], the

PWN TeV J2032+4130 [105], and the radio galaxy M87 [106]. The current generation

of IACTs comprises H.E.S.S in Namibia [107], MAGIC in La Palma [108], and VER-

ITAS in Arizona [109]. These instruments are able to detect sources of similar flux of

the Crab Nebula in under a minute and boast ∼ arcminute scale angular resolution.

They are shown in Figure 1.12.

The High Energy Stereoscopic System (H.E.S.S.) is an array of five IACTs

located in Namibia. H.E.S.S. is sensitive to gamma-rays in the range from ∼ 30 GeV

to up to 100 TeV [107] and has a 5◦ field of view. Four of the telescopes are 13 meters in

diameter and have been operating since 2003. In 2012, a fifth telescope,with a diameter

of 28 meters, was added to the array. This significantly reduced the energy threshold

of the array [110].

The Major Atmospheric Gamma Imaging Telescope (MAGIC) is an array of

two IACTs located in La Palma, Spain. The first telescope began operations in 2004,

and was joined by the second in 2009. Each telescope is 17 meters in diameter, and

the array has a field of view of 3.5◦. MAGIC is sensitive to gamma rays in the ∼ 50

GeV to ∼50 TeV range [108].

The Very Energetic Radiation Imaging Telescope Array System (VERITAS) is

an array of four IACTs located near Tucson, Arizona. Each telescope is 12 meters in

diameter. The array has a field of view of 3.5◦ and is sensitive to gamma rays in the

range of ∼ 85 GeV to ∼ 30 TeV. VERITAS is described in detail in Chapter 3.

Air shower arrays are an alternative to IACTs for the detection of gamma-rays.

Air shower arrays typically consist of a large number of ground-based water tanks

within which secondary particles from the photon-induced atmospheric particle shower

emit Cherenkov radiation. Light sensors within the tanks capture this radiation and

use it to reconstruct the properties of the original gamma ray which caused the particle

shower. Because only the highest energy gamma rays are capable of producing showers

that reach the ground, the energy range over which air shower arrays are typically most
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Figure 1.12: Top: The H.E.S.S. array. Middle: The MAGIC array. Bottom: The
VERITAS array.

34



sensitive shifts to higher energy relative to IACTs, typically from ∼10s to ∼ 100s of

TeV. In this way air shower arrays complement IACTs, which rapidly lose sensitivity

above ∼ 10− 30 TeV.

The High Altitude Water Cherenkov Observatory (HAWC, [111]) is an air

shower array located in Sierra Negra, Mexico. The array comprises 300 water tanks

covering an area of approximately 22,000 m2. HAWC has a larger field of view than

any IACT (2 steradians) and is most sensitive to gamma rays in the energy range of

∼ 100 GeV - ∼ 100 TeV.

The Large High Altitude Air Shower Observatory (LHAASO, [71]) is another ac-

tive air shower array located in Daocheng County, Sichuan Province, China. LHAASO

consists of three interconnected arrays: a 1.3 km2 array (KM2A), a 78,000 m2 Water

Cherenkov Detector Array (WCDA), and a Wide Field-of-view Cherenkov Telescopes

Array (WFCTA). The KM2A and WCDA are designed for gamma ray detection while

the WFCTA is designed to observe cosmic rays. Like HAWC, LHAASO has a large

(∼ 2 sr) field of view. It is most sensitive to gamma rays in the energy range from ∼
hundreds of GeV to ∼ a few PeV.

The number of known VHE sources ballooned rapidly with the onset of these

observatories: as of the time of writing, more than 300 astrophysical sources have been

detected in the VHE regime, according to TeVCat.
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Chapter 2

VERY HIGH ENERGY GAMMA-RAY ASTRONOMY WITH
IMAGING ATMOSPHERIC CHERENKOV TELESCOPES

Gamma-ray astronomy is fundamentally different from astronomy at other wave-

lengths. Radio, optical, X-ray, and other telescopes rely on the basic principle of

reflecting or refracting incoming photons onto a photosensitive detector. This pro-

cess is ineffective for photons with energies greater than a few MeV. At these energies,

photons are best observed via their forced interaction with matter, usually pair produc-

tion. The design of gamma-ray telescopes thus differs dramatically from instruments at

other wavelengths. Furthermore, the analysis of data collected by these instruments is

greatly complicated by the fact that photons themselves are not directly observed, and

the properties of the original photon must be reconstructed by observing the products

of the initial photon interaction. In this chapter, we describe the basic mechanisms of

photon interactions at gamma-ray energies which drive the design of these telescopes,

with a focus on ground-based gamma-ray detectors.

2.1 Basic principles

Broadly speaking, a gamma-ray detector must accomplish two things: 1) allow

the incoming gamma-ray photon to interact within some material, and 2) observe the

products of this interaction in order to reconstruct the properties (i.e. direction, energy)

of the original photon. The latter is a more complex task than the former, and the

design of a gamma-ray instrument is dictated by simultaneously optimizing these two

tasks within the desired energy range (and budgetary constraints). For photon energies

above ∼ tens of MeV, pair production (γ → e+ + e−) is the dominant interaction

with matter. Most gamma-ray detectors are thus designed around letting a photon
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interact and then tracking the resulting pairs. At lower gamma-ray energies, Compton

scattering can also be an important mechanism which drives the detector design (see

e.g. COMPTEL [112] and the planned AMEGO [113]). In this discussion we focus on

the high-energy (HE; ∼ 108 − 1011 eV) and very high-energy (VHE; ∼ 1011 − 5× 1013

eV), and therefore only consider pair production processes.

Pair production cannot occur in a vacuum (in order to ensure momentum con-

servation before and after the interaction), so some amount of matter is required in

order for the interaction to take place. The characteristic distance traversed by a

gamma-ray photon within a given material before pair production is related to the

radiation length X0 of the material:

λpp =
9

7
X0 (2.1)

The radiation length is a characteristic of the material and is related to the

atomic number Z and the density ρ. X0 is defined as the characteristic amount of

matter traversed by an electron before losing all but 1/e of its initial energy in the

Bremsstrahlung process. If an electron travels a physical distance z0 in a material of

density ρ before decaying to E = 1
e
E0, then the radiation length is related to the travel

distance as:

X0 =

∫ z0

0

ρ(z′)dz′ (2.2)

X0 thus has dimensions of mass/area, and is typically expressed in units of

g cm−2.

Measurement of the direction and energy of the pairs can be used to infer the

direction and energy of the primary photon. This is complicated by the fact that the

resulting pairs will be scattered, degrading the information they contain about the ini-

tial photon. This Coulomb scattering also scales with distance traversed through the

material [114]. Space-based gamma-ray telescopes mitigate this by breaking the pair

converter into several relatively thin layers, each accompanied with particle tracking
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Figure 2.1: A schematic showing the basic design of a space-based gamma-ray detector.
A gamma ray enters the telescope through the anticoincidence detector and converts
into an electron/positron pair within a layer of Tungsten foil. The resulting pairs are
tracked as they pass through subsequent layers containing silicon strip detectors before
finally depositing their energy into the calorimeter.

detectors. This allows the photon to traverse several radiation lengths while simulta-

neously ensuring the e± pairs cannot travel far before being tracked by the detector.

A general schematic of this design is shown in Figure 2.1.

2.2 Fermi -LAT

The Large Area Telescope (LAT) onboard the Fermi Gamma-ray Space Tele-

scope is a modern example of a space-based gamma-ray telescope [115]. The LAT

makes use of the general design described above. It consists of 16 planes of high Z

material (tungsten) to facilitate pair conversion. These planes range in thickness from

95 µm for the first 12 planes and 720 µm for the final four. This corresponds to 0.027

and 0.18 radiation lengths, respectively. Each plane is accompanied by two layers of

400 µm-thick silicon strip detectors which detect the charged pair particles and can be

used to measure the tracks of charged particles. The energy of the pairs is measured by

a calorimeter comprised of CsI crystals at the back of the detector. An anticoincidence
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detector (a layer of scintillating tiles which is sensitive to charged particles) is utilized

to detect charged particles entering the detector with the aim of vetoing cosmic-ray

events. A detailed description of the instrument is given in [115].

The LAT is sensitive to gamma-ray photons with energies ranging from ∼ 20

MeV to hundreds of GeV. At lower energies, the detector is limited by Coulomb scat-

tering of converted pairs, which degrades the direction reconstruction, as well as the

increasing importance of Compton scattering close to the 1 MeV threshold for pair pro-

duction. Instruments targeting this energy range require a different design ([112, 113]).

At high energies, the LAT is primarily limited by statistical uncertainties due

to the low number of photons able to be collected by the ∼ 9500 cm2 detector. As

was discussed in the previous chapter, flux from gamma-ray sources typically exhibits

some form of a power law relationship with energy (dN
dE
∝ E−Γ) so that the flux rapidly

decreases with energy. With a collection area of 9500 cm2 this corresponds to about

∼ 7 photons per year above 1 TeV from a Crab-like source. The Fermi telescope has

been operating since 2008 and therefore now has sufficiently large exposure times to

observe dozens of sources above 500 GeV up to 2 TeV [116]1. Much larger collection

areas are required to effectively characterize the nature of sources at these energies

with relatively short (∼ tens of hours) exposure times. Such telescopes are impractical

for space-based missions due to the cost and size constraints of getting the instrument

into orbit. Observations of very high-energy gamma rays is thus only practical via

ground-based instruments.

2.3 The atmosphere as a gamma-ray detector

Fundamentally, ground-based gamma-ray detectors make use of the same basic

principles as do space-based detectors: allow the primary photon to interact and pro-

duce pairs and then use the pairs to reconstruct the properties of the initial photon.

1 The cited catalog shows 41 sources with
√
TS ≥ 3 in the 500 GeV - 2 TeV range.

Given that this catalog is now (at the time of writing) seven years old, the current
number of detected in this energy range is likely significantly higher.
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For ground-based instruments, the atmosphere itself provides the material necessary

to initiate pair production. Radiation from the secondary particles then provides the

means of detection by optical telescopes on the ground.

2.3.1 Extensive Air Showers

The typical radiation length in air is ≈37.1 g cm−2, and the total thickness of

the atmosphere above sea level (a.s.l) is ≈1030 g cm−2; the atmosphere is therefore

≈ 28 radiation lengths thick and very opaque to gamma rays [117]. Upon entering the

atmosphere, a gamma ray will pair produce after traversing a thickness λpp = 9
7
X0.

The resulting electron and positron traverse a thickness X0 before interacting with an

air molecule and radiating via the Bremsstrahlung process. If the resulting photon is

sufficiently energetic, it will pair produce after traversing another λpp, and the process

will repeat itself. The emission angle for both processes is inversely proportional to

energy: θ ∝ mec
2/E0 and the products will therefore be tightly beamed along the

direction of the initial photon [117].

This process can be examined within a simple model first developed by Heitler

[118]. In this framework, we make the approximation that the characteristic length

scales for pair production (9
7
X0) and Bremsstrahlung radiation (X0) are equal (λpp ≈

X0). A gamma ray incident upon the atmosphere will create a cascade of particles

and photons via recurring pair production and Bremsstrahlung radiation, known as

an extensive air shower (EAS). At each “level” of the shower (each integer multiple of

radiation length nX0), the number of particles (photons and e±) increases as N = 2n.

This is illustrated in the top panel of Figure 2.2. The energy E0 of the initial photon

is shared equally among shower constituents with energy E:

E =
E0

2n
(2.3)

The cascade will continue to develop in this way until the average particle energy

reaches a critical energy, Ec, at which ionization becomes the dominant loss mechanism

for energetic electrons. This defines the maximum number of radiation lengths n:
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Figure 2.2: The top figure shows a simplified model of the development of a gamma-ray
initiated air shower. The bottom figure shows a simplified model of the development
of a hadron initiated air shower.
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E = Ec =
E0

2nmax
(2.4)

Which implies

nmax =
1

ln 2
ln
E0

Ec
(2.5)

From which we can find the maximum number of particles:

Nmax =
E0

Ec
(2.6)

In air, Ec ≈ 85 MeV. This model, though simplistic, nonetheless accurately reproduces

the linear dependence between the maximum number of shower particles and E0, as

well as the logarithmic dependence upon E0 of the maximum shower depth.

2.3.2 Cherenkov Radiation

The charged particles produced in the shower cause the atmosphere to radiate

in a process called Cherenkov radiation. Predicted by Heaviside [119] and named for

Cherenkov [120] who discovered it, this radiation is the result of polarization within

a dielectric medium caused by a fast-moving charged particle. A charged particle

moving through a dielectric will briefly polarize the molecules in the vicinity of the

charge. For a slow-moving charge, this results in polarization which is symmetric

in every direction, and thus no net electric field at large distances is observed. If

the charge is moving faster than c/n (the speed of light in the medium, where n is

the refractive index), then the polarization becomes asymmetric about the particle’s

trajectory, resulting in a net, transient dipole field moving along the trajectory of the

particle. These cases are illustrated in the left panels of Figure 2.3. The latter case

results in brief pulses of radiation tracking the particle trajectory. These pulses will

interfere destructively unless the particle motion is sufficiently fast. Figure 2.3 (right

panels) shows the spherical wavefront of each pulse along the particle trajectory. For

particle velocity v < c/n, the wavelets are not able to form a coherent front, and no

radiation is observed. Conversely, if v ≥ c/n, the particle is able to produce pulses
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Figure 2.3: Left : Superluminal motion within a dielectric medium induces an asym-
metric polarization with respect to the direction of motion. Right : Light emitted in
the vicinity of the traveling particle constructively interferes to form a wavefront if
v > c/n. Reproduced from [5]. Reprinted with permission from Elsevier Masson SAS.

which constructively interfere to form a wavefront traveling at an angle θ relative to

the particle trajectory. The angle of the wave motion can be found by examining the

wavelets using Huygen’s principle:

cos θ =
c/n

v
(2.7)

Clearly, no coherent radiation will be seen unless the particle velocity v equals

or exceeds the speed of light in air c/n. At sea level, n ≈ (1 + 2.9× 10−4) [9], and an

electron with velocity c results in a Cherenkov angle of ∼ 1.4◦. Cherenkov radiation is

most prominent in the blue/UV wavelength regime; the spectrum is given by [121]:

d2Nph

dxdλ
=

2πα

λ2
sin2 θc (2.8)

where θc is the Cherenkov angle and α is the fine-structure constant. The observed

spectrum peaks near 340 nm, with shorter-wavelength emission suffering significant

atmospheric absorption [122].

The distribution of the changing Cherenkov photons reaching the ground is

determined by the longitudinal and lateral development of the particle shower, as well

as the altitudinally-varying Cherenkov angle (left panel of Figure 2.4). The altitudinal

variation is introduced in Equation 2.7 because the index of refraction decreases with

altitude. The effect of the Cherenkov emission angle is to focus the light around ∼ 120
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m from the shower axis at sea level. The particle shower, in principle strongly beamed

along the photon direction, obtains a significant lateral extent due to multiple Coulomb

scattering of the charged particles. The shower particles are scattered at a typical angle

of ∼ 5◦ [122, 9, 36]. This results in a significant blurring of the Cherenkov ring; leading

to a near uniform “pool” of light on the ground out to a radius of ∼ 120 m followed

by a slow decay for several hundred meters (Figure 2.5). For a 1 TeV gamma ray, the

photon density within this pool will be ∼ 100 photons m−2. The origin of Cherenkov

emission (superluminal particle velocities) also gives rise to peculiarities in the relative

arrival times of photons generated through the shower [123]. If the horizontal distance

from the shower axis to the observer is sufficiently small (. 100 m), photons emitted

at the end of the shower will arrive before the photons that were emitted earlier from

the beginning of the shower. This is a consequence of the shower front moving faster

than the photons it radiates (and is also what allows for the radiation to be coherent,

as explained above). For greater horizontal distances, or larger viewing angles (larger

ratio of horizontal to vertical distance), this effect is overcome by the large distances

the photons must travel, as well as the increasing index of refraction at lower altitudes

(which slows the light speed c/n), and the photon arrival time increases approximately

linearly with shower longitude/viewing angle. This phenomenon is depicted in the

right panel of Figure 2.4.

Therein lies the basic principles that allow for ground-based gamma-ray astron-

omy. An energetic photon induces a cascade of charged particles and photons, which in

turn cause the atmosphere to coherently radiate optical photons that reach the ground

in detectable quantities. The number of shower particles (and thus the light yield)

scales linearly with the energy of the primary photon, and the shower axis traces its

direction. There remains an (unfortunate) caveat (for the gamma-ray astronomer):

such particle showers and the resultant Cherenkov light also arise from high-energy

cosmic rays entering the atmosphere, and the flux of these particles is in general much

(∼ 105 times) greater. Here we briefly discuss air showers which result from hadronic

primaries, an immense background confronting the relatively few gamma-ray induced
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Figure 2.4: Left: The Cherenkov opening angle increasing with decreasing altitude.
Right: The relative arrival time of photons emitted along the shower longitude (mea-
sured in degrees). The different curves show different horizontal distances between
observer and shower axis.

Figure 2.5: The 1D (left) and 2D (right) distribution of Cherenkov photons on the
ground. Figure 1 from [6], Figure 4 from [7].
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showers.

2.3.3 Hadronic Air Showers

A proton entering the atmosphere will eventually collide with a nucleus within an

air molecule, converting some of its energy to charged and neutral pions, among small

amounts of other particles. [124, 125, 126]. The former rapidly (t ∼ 10−16 s) decay

into gamma rays (π0 → γ + γ), which initiate an electromagnetic sub-shower which

develops in the same manner as described previously in the Chapter (pair production

and Bremsstrahlung). The charged pions will either interact with air molecules to

produce more pions, or decay into muons and neutrinos (π± → µ± + νµ). The relative

probability of these two processes is dependent upon particle energy and altitude (air

density) [125]. If the pions have sufficient energy (typically∼ 10s of GeV and dependent

upon the energy of the primary) they will traverse the necessary depth ≈ 120 g · cm−2

and interact with another nucleus before they are able to decay into muons and/or

neutrinos. This interaction spawns a new generation of pions with slightly less energy

than the previous one. Once the average energy of pions falls below this threshold

energy, decay into muons and neutrinos becomes dominant over interactions with nuclei

in the air. Many of these muons can penetrate to ground level and be observed before

decaying, due to the relativistic time dilation of their 2.2 µs decay time.

Thus the initial proton interaction yields an electromagnetic cascade and a cas-

cade of more hadrons. The number of hadrons produced at each interaction changes

slowly with energy, and for a first-order approximation akin to the Heitler model [126]

can be taken as a constant such that the number of particles at each level n of the

shower is ∼ 10n. At each interaction, 1/3 of the primary energy is carried away by

neutral pions into a subsequent electromagnetic cascade; the remainder takes the form

of charged pions. Thus at the nth level of the shower, the energy per charged pion will

be:

Eπ =
E0(

3
2
10n
) (2.9)
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The pions will continue interacting in this fashion until the average energy Eπ

falls below the critical energy Ec, at which point the pions will decay before interacting.

This simplified model is depicted in the right panel of Figure 2.2. Ec is determined

by the balance between the decay length scale (the distance traversed by the hadron

before decaying in the lab frame) and the interaction length scale (determined by the

air density). Because the former depends upon the energy of the primary E0 while the

latter does not, Ec decreases slowly with E0, with Ec ≈ 30 GeV for a 100 TeV primary,

and Ec ≈ 10 GeV for a 100 PeV primary [126]. Each charged particle will cause

Cherenkov radiation as long as v > c/n (Equation 2.7). Due mostly to the differing

nature of the interactions in hadronic vs photonic showers (strong vs electromagnetic,

respectively), the secondary particles produced in the hadron-initiated shower tend to

have greater transverse momentum than those in the photon-induced shower [127]. The

irregular development of the hadron-initiated shower, along with the larger transverse

momentum of the hadronic secondaries, results in a broad and highly non-uniform

distribution of light on the ground (Figure 2.7). Figure 2.6 shows a comparison of

the lateral and longitudinal development of a gamma-ray vs proton induced particle

shower.

The shower development of heavier cosmic rays is more complicated, but to a

first approximation can be treated as a superposition of Z separate proton showers orig-

inating at the same position [126], where Z is the atomic number of the nucleus. Elec-

trons entering the atmosphere will quickly radiate gamma rays via the Bremsstrahlung

process and initiate an electromagnetic cascade nearly indistinguishable from a gamma-

ray induced shower2.

2.4 Imaging Atmospheric Cherenkov Telescopes

The goal of ground-based gamma-ray astronomy is to observe and characterize

the gamma-ray induced particle shower in order to reconstruct the properties of the

2 An electron-induced shower and a photon-induced shower will differ in size by one
radiation length.
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Figure 2.6: Monte Carlo simulations of the shower development of a 100 GeV gamma
ray (left) and a 100 GeV proton (right) [8]. Red tracks show the path of electrons,
positrons, and gamma rays. Green tracks show muons, blue tracks show hadrons.
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Figure 2.7: Figure 8 from [9], used with permission. The simulated light pool of a 300
GeV gamma ray (right), and a 1 TeV proton (left).

primary gamma-ray photon. Here we focus on gamma-ray instruments designed to

observe the shower via the Cherenkov light produced in the atmosphere: Imaging

Atmospheric Cherenkov Telescopes (IACTs), though it is also possible to observe the

remnants of the particle shower that reach the ground, as is the case in Extensive

Air Shower arrays such as MILAGRO [128], ARGO-YBJ [129], The Tibet Air Shower

Array [130], HAWC [111], and LHAASO [71].

At the most basic level, the Imaging Atmospheric Cherenkov technique involves

the use of a large mirror to focus Cherenkov photons onto a photon sensitive camera

connected to an oscilloscope. This technique was first demonstrated by Galbraith and

Jelley in 1953 [99], who used a 0.2 m2 mirror and a single photomultiplier tube (PMT)

to measure pulses from Cherenkov showers at a rate of ∼ 1/minute. The design goals of

IACTs are driven by the characteristics of Cherenkov light. The most basic requirement

is the need to detect the signal from Cherenkov photons above the background light

of the night sky (stars, airglow, artificial lighting, etc.). Following Weekes [117], the

number of photoelectrons S collected by the telescope depends upon the observed

Cherenkov photon density spectrum C(λ) ( photons
area×wavelength

), the wavelength-dependent
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response of the PMT η(λ), the mirror collection area A, and the mirror reflectivity

R(λ):

S =

∫ λ2

λ1

C(λ)η(λ)R(λ)Adλ (2.10)

Where λ1,2 are the bounds of the PMT sensitivity. This signal is then super-

imposed on the background light from the night sky. If a temporally-steady night sky

flux W (λ) ( photons
area×wavelength×time×solid angle

) is assumed, we can similarly write the number

of night-sky photons collected during a period τ :

B =

∫ λ2

λ1

W (λ)τη(λ)R(λ)AΩdλ (2.11)

Unlike the Cherenkov signal, the night sky signal is isotropic and steady, and

therefore depends on both solid angle Ω and time τ . The fluctuation (noise) due to

the night sky background is
√
B. The signal-to-noise ratio S/N = S/

√
B therefore

increases with the square root of PMT response and mirror area, and decreases with

the root of collection time and solid angle:

S

N
∝
(
RAη

τΩ

) 1
2

(2.12)

The flux of the weakest detectable pulse, and therefore the energy threshold of

the telescope, is inversely proportional to S/N . The inverse proportionality between

signal-to-noise and collection time τ assumes that τ is at least large enough to contain

the Cherenkov pulse. The typical time of the pulse is only ∼ 3− 5 ns; very fast charge

collectors/digitizers are therefore desirable to keep τ as small as possible while still

being large enough to contain the pulse. The first IACTs utilized charge integration

instruments with fixed integration windows; the current generation of instruments

utilize rapid signal digitizers capable of sampling the light pulse at GHz frequencies,

leaving the charge integration to be performed computationally. Increased mirror area

results in a higher signal-to-noise ratio as well as a lower energy threshold. Large mirror

areas are therefore desirable; modern IACTs have mirror areas as high as ∼ 600 m2.
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Because the Cherenkov shower has a characteristic size of up to a few degrees, and the

smallest meaningful structures are still on arcminute scales, the requirements for the

reflector are significantly relaxed compared to instruments used for optical astronomy.

A simple tessellated array of ∼ hundreds of small mirror segments suffices to effectively

image the shower at significantly lower cost than a completely smooth reflector. The

efficiency of the mirror must also be taken into account; the best mirrors will reflect

90% of the incident light, but will significantly degrade with age [131]. Lower mirror

reflectivity effectively reduces the size A of the mirror.

Multiple PMTs are also required in order to image the shower. The camera must

at least be large enough to completely image Cherenkov showers, which may subtend

∼ a degree, and will be offset from the camera center by another ∼ degree, depending

on horizontal distance from the shower. The camera should therefore be at least ∼ 2◦

in diameter. A larger field of view will enable the imaging of more distant showers,

which increases the effective area for high-energy showers. In addition, it allows for

imaging of more extended gamma-ray sources, which may subtend several degrees.

The PMTs should be small enough to sample the details of the shower, not more

than a few arcminutes. Smaller pixel sizes result in higher resolution shower images,

which increases angular resolution and cosmic-ray background rejection, but may also

lower the signal-to-noise ratio. The PMT response η is primarily characterized by the

quantum efficiency of the tube, which is typically ∼ 30% [132].

When imaged in such a camera, the Cherenkov light will resemble an ellipse.

The major axis of the ellipse is determined by the longitude of the shower; the width

of the ellipse reflects the lateral development. The minor axis corresponds to the point

of maximum shower development. Because the longitudinal axis of the shower is the

same as the initial trajectory of the photon, the major axis of the ellipse indicates the

direction of origin of the primary photon. A single telescope can then constrain the

origin of the gamma ray to a single dimension (i.e. somewhere along the line defined

by the major axis of the ellipse). In contrast to the relatively compact gamma-ray

initiated showers, showers of hadronic origin are significantly longer and more broad
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Figure 2.8: A gamma-ray initiated Cherenkov shower (left) compared to a cosmic-ray
initiated shower (right) as imaged in the camera of an IACT. The light blue circles
show an attempted elliptical parameterization of each image.
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(Figure 2.6). This dramatic difference in the morphology (see Figure 2.8) allows for

extremely efficient discrimination between gamma-ray and hadron initiated showers

(e.g. [133]), which can overcome the otherwise overwhelming background of cosmic

rays.

The unique nature of the Cherenkov light pool (steady emission over a ∼ 120 m

radius) has the important consequence that the effective collection area of the detector

far exceeds the mirror surface area. A detector placed anywhere within the lightpool

will be able to observe the light pulse, resulting in an effective area of ∼ 5 × 104 m2.

This exceeds the effective area of space-based instruments by nearly five orders of

magnitude, and allows for the observation of gamma-ray sources above ∼ hundreds of

GeV despite the very weak fluxes at such high energies.

The performance of an IACT observatory can improve dramatically if more

than one telescope is used to image the light pulses. As long as the telescope spacing

is not too sparse (distance between telescopes . 120 m), the effective area scales with

the geometric size of the telescope array rather than the size of the light pool, which

can more than double the effective area, compared to that of a single telescope. In

addition, the use of multiple telescopes enables effective reconstruction of the original

photon direction by intersecting the major axes of the images, as illustrated in Figure

2.9. The precision of this technique improves with the number of telescope images.

With the large effective areas and precise event reconstruction offered by IACT arrays,

modern IACT instruments are able to detect Crab-strength sources in under a minute,

reconstruct photon energies to within ∼ 15%, and resolve gamma-ray sources down

to ∼ arcminute scales [109]. The coming Cherenkov Telescope Array Observatory

(CTAO) represents the next generation of IACTs. It will utilize innovative design and

modern technology to greatly improve upon the performance of current IACTs. This

is briefly discussed in Chapter 8.
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Figure 2.9: Figure 5 from [7]. Three telescopes within the lightpool capture images of
the gamma-ray shower. The intersection of the major axes of the images indicates the
initial direction of the photon.
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Chapter 3

THE VERITAS OBSERVATORY

VERITAS (the Very Energetic Radiation Imaging Telescope Array System) is

an array of Imaging Atmospheric Cherenkov Telescopes (IACTs) located in southern

Arizona. The array, pictured in Figure 3.1, consists of four individual telescopes and

is designed for observations of VHE gamma rays within the ∼ 85 GeV - ∼ 30 TeV

energy range. VERITAS is located at the Fred Lawrence Whipple Observatory near

Tucson, Arizona at 31◦ 40′ 30.21′′ N, 110◦ 57′ 07.8′′ W and sits at an altitude of 1268

meters. Here we review the design and specifications of the VERITAS array including

the optics, camera and electronics, and data acquisition.

Figure 3.1: The VERITAS array in southern Arizona.
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3.1 Optics

Each VERITAS reflector comprises a 12-meter aperture reflector with a 12-meter

focal length making it an f/1 system. The reflector follows a Davies-Cotton design

[134], which makes use of many identical, spherical mirror facets. The mirror consists of

350 hexagonal facets measuring 60.96 cm in width [131], giving the mirror a total area of

≈ 110 m2. Each facet has an identical 12-meter focal length and has its axis facing the

point 2f = 24 meters from the telescope center (see figure 3.3). Each facet is fixed to a

triangular frame with adjustable screws, enabling manual alignment. Precise alignment

of the facets is necessary to minimize the point spread function (PSF) of the reflecting

surface. The alignment of individual facets can be determined following the procedure

outlined by McCann et al [11]: a digital camera placed at the focus of the telescope

images the reflecting surface as the telescope scans a grid of points in the vicinity of a

bright star. Facets which are aligned correctly are brightest when the telescope points

directly at the star; misaligned facets are brightest when the telescope points away from

the star by an angle equal to twice the misalignment angle. In this way, the optimal

pointing angle for each individual facet can be determined; the facets pointing can be

adjusted using the three screws on the triangular frame on which it is mounted. This

alignment results in an optical PSF of ∼ 0.05◦ at an elevation of ∼ 70◦(figure 3.4, left).

The PSF varies slightly with elevation due to flexure of the optical support structure

(figure 3.4, right). The facets are coated with ∼ 180 nm of aluminum and anodized

to increase mirror longevity. The mirror reflectivity is determined by comparing the

image of a star with its focal-plane reflection in the same field of view [135], with typical

values of ∼ 70 − 80%. The mirrors are continuously exposed to the Arizona desert,

which makes frequent re-coating necessary. The VERITAS mirror facets are cleaned

and re-coated every few years, typically resulting in a ∼ 5−10% increase in reflectivity.

The simplicity of the Davies-Cotton design is its primary advantage (identical

mirror facets are easier and less expensive to produce), along with the small off-axis

aberration compared to similar designs (i.e. parabolic) [136, 137]. A drawback of the

design is a significant time spread in the arrival times of photons in the focal plane from
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Figure 3.2: Close up view of VERITAS mirror facets.
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Figure 3.3: Figure 1 from [10]. A schematic of the Davies-Cotton design.

different areas of the mirror, which can be on the order of the timescale of Cherenkov

pulses (a few ns) for large mirror diameters (& 15 m) [10].

The mirror facets are affixed to a tubular steel optical support structure (OSS) to

form the mirror of the telescope. A quadrapod fixed to the OSS holds the camera, whose

weight is balanced by counterweights extending behind the OSS. A single telescope is

pictured in Figure 3.5.

The telescope pointing is handled by an altitude-over-azimuth positioner which

is capable of ∼ 1◦/s slew speeds. Telescope pointing measurements, as determined by

an encoder coupled to the positioner, are recorded at a rate of 4 Hz and written to a

database. Data from the encoder are supplemented by the VERITAS Pointing Monitor

(VPM), which consists of CCD cameras at the base of each reflector. These cameras

image the sky in the direction of the telescope pointing, and use the positions of ob-

served stars to determine the actual pointing of the telescope. Pointing measurements

recorded by the VPM are recorded at a rate of 0.5 Hz, and can determine the absolute
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Figure 3.4: Figures 6,7 from [11]. Left: The optical PSF at 70◦. The solid circle denotes
the size of the PMT. Right: The optical PSF as a function of elevation. The dashed
line denotes the PMT radius. The histogram shows the distribution of elevations at
which the facet alignment was optimized.

Figure 3.5: A single VERITAS telescope.
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pointing of the telescopes with an accuracy of . 20′′ [138].

3.2 Cameras

Each telescope is equipped with a 1.8-m camera box which lies in the focal plane

of the telescope. The camera consists of 499 2.86-cm pixels arranged in a hexagonal

grid with 0.15◦ spacing, resulting in a 3.5◦ overall field of view (FOV). A picture of a

VERITAS camera is shown in Figure 3.6. A single pixel consists of a photomultiplier

tube (PMT) which is coupled at its base to a preamplifier. Each pixel is equipped with

a Winston cone light concentrator, which reduces the dead space between pixels and

also shields off-axis background light. The cones increase the light-collection efficiency

of the camera from ∼ 55% to ∼ 75% [139].

Figure 3.6: A VERITAS camera, consisting of 499 individual photomultiplier tubes.
Image from [12].
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3.2.1 Photomultiplier tubes

Photomultiplier tubes are sensitive light detectors which use electric fields and

dynodes to multiply the electrons emitted by incoming photons via the photoelectric

effect. These detectors are characterized by low noise, high gain, and fast response.

PMTs consist of photocathode, a series of dynodes, and an anode. A photon incident on

the photocathode will cause an electron to be ejected. A ∼ 100 V potential difference

between the cathode and first dynode directs the electron toward the dynode, where it

collides and releases several more electrons. Each of these electrons is again accelerated

toward the next dynode in the chain via a similar potential difference where they each

eject several more electrons. The result is an exponentially growing number of electrons

corresponding to the initial photon. This process is sketched in the top panel of figure

3.7. If a PMT has M identical dynodes, and each dynode emits α electrons per incident

electron, then the number of electrons leaving the anode N (the gain of the PMT) is:

N = αM (3.1)

Typical PMTs have α ∼ 4, M ∼ 10, resulting in gains of ∼ 106. An incident photon

will therefore result in a short pulse of current. The electron emission ratio α, and

therefore the PMT gain, depends on the dynode potential difference. Typically α is

proportional to some power of the potential difference ∆V [13]:

α ∝ ∆V ρ (3.2)

With ρ ∼ 0.7− 0.8. The overall gain therefore depends on applied voltage:

N = αM ∝ ∆V ρM (3.3)

Typically ∆V ∼ 100 V, and so ∼ 1 kV is required to power the entire dyn-

ode chain. The strong dependence of gain upon potential difference (N ∝ ∆V 6−10)

necessitates a stable voltage supply. Electronic noise within the PMT (dark currents)
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mostly arises from thermionic emission and is unavoidable. For IACTs, this noise is

subdominant to the noise of the night-sky background light.

The finite transit time of electrons through the PMT, along with the dispersion

of these transit times, forms a distinct pulse shape, typically characterized by the

shape of the leading edge (the rise time, usually defined as the time over which the

pulse increases from 10% to 90%), the width of the pulse (usually the full width at

half maximum), and the fall time (the time, on the falling edge, over which the pulse

decreases from 90% to 10% of the maximum value). Thus even a delta function input

will result in a finite pulse shape (figure 3.7, bottom). The characteristic time for all

of these features is typically on the order of a few nanoseconds, with faster rise times

than fall times.

Figure 3.7: Top: Figure 2-5 from [13]. A schematic of the signal amplification of an
incident photon. Bottom: Figure 4-16 from [13]. A delta function incident on the PMT
is dispersed to form a finite pulse.
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The sensitivity of a PMT is expressed as the photon detection efficiency (PDE,

the probability of detection of an incident photon). This quantity primarily depends

on the quantum efficiency (QE) of the photocathode (i.e. the probability of a photon

producing a photoelectron) and the collection efficiency of the PMT (i.e. the probability

that a photoelectron successfully enters the dynode chain). Typical values are QE∼
20− 40%, collection efficiency ∼ 70− 90%, leading to PDE ∼ 20− 30%. The QE, and

thus the PDE, is variable with wavelength, peaking around ∼ 400 nm.

The VERITAS cameras are operated at a gain of 2×105. The voltage necessary

to achieve this gain (typically ∼ 1 kV) can be determined by observing the pixel

response to a single photon at different voltages. From first light until 2012, the pixels

utilized the Photonis XP2970/02 PMT, with 10 dynodes, QE∼ 25%, and a pulse width

of 6.8 ns [139, 14]. These were replaced in 2012 with Hamamatsu R10560-100-20 MOD

PMTs (Figure 3.8, left), with 8 dynodes, QE∼ 35%, and a pulse width of 4.2 ns [14].

The increase in light yield allows for the detection of fainter (and thus lower energy)

showers. The smaller pulse width (Figure 3.8, right) allows for shorter integration

times, which decreases the overall contribution of the night-sky background. Both of

these improvements lowered the energy threshold of the array from ∼ 100 GeV to ∼ 70

GeV [14].
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The signal from the PMT anode is amplified before traversing ∼ 180 feet of

coaxial cable. This is accomplished via custom made preamplifiers at the base of

the PMT, which amplify the current by a factor of 6.6. It is important that this

amplification take place near the PMT, to avoid amplifying electronic noise in the

cable. The preamplifier also provides a direct DC output to allow for monitoring of the

anode currents. This is primarily necessary to ensure the safety of the highly-sensitive

PMTs. Anode currents typically range from ∼ 4− 8 µA. The camera is housed within

a camera box attached to the OSS which is equipped with a remotely operated shutter

to protect the tubes during the day. Temperature and humidity monitors are also kept

within the box to ensure the operating conditions are safe, as well as fans to cool the

camera if the ambient temperature is too high. The PMT voltage is supplied by a

commercial power supply which is capable of individually controlling each of the 499

pixels.

3.3 Trigger

The PMT outputs are transmitted along ∼ 180 foot coaxial cables threaded

through the quadrapod arm and telescope pedestal into a trailer which houses the data

acquisition electronics. Continuous ∼GHz frequency data collection is not feasible;

the array is therefore designed to be self-triggering in order to preferentially select

Cherenkov images and to maintain sustainable deadtime from the data acquisition

system.

3.3.1 Level 1 Trigger

The Level 1 (L1) trigger acts at the single pixel level. It requires that the PMT

pulse height exceed some pre-determined (and programmable) threshold voltage. This

is determined by a custom made constant fraction discriminator (CFD), for which the

trigger time is independent of pulse height [140]. A pulse V (t) entering the CFD is

split into three pulses. One pulse is delayed by a time τ and inverted, another is scaled
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down by f where |f | < 1. The mechanism triggers when the sum of these pulses, called

the zero crossing discriminator (ZCD) is zero:

VZCD = f · V (t)− V (t− τ) = 0 (3.4)

A small offset voltage V0 is added to VZCD in order to reduce jitter in the trigger

time. The VERITAS CFD is equipped with a separate circuit, known as the rate

feedback loop, which serves to couple V0 to the ZCD trigger rate, adjusting V0 and

reducing trigger time jitter for different night-sky background intensities.

The L1 trigger pulse is sent if the threshold discriminator, which requires that

the pulse height exceed some pre-determined voltage (typically ∼ 45 mV), and the

zero crossing discriminator both trigger. The output pulse is sent as a 4-25 ns length

pulse (programmable in 12 steps). The trigger pulse can be delayed by up to 6 ns to

compensate for differences in pulse transit times between PMTs, caused by differences

in voltages and cable lengths.

3.3.2 Level 2 Trigger

The Level 2 (L2) trigger employs pattern recognition logic to require L1 trig-

gers in multiple adjacent pixels. This reduces the rate of accidental triggers due to

fluctuations in the night-sky background by several orders of magnitude. The original

VERITAS L2 trigger followed the design of the Whipple telescope [141]. Pixels were

organized into overlapping groups of 19 pixels each, in order to recognize adjacency

patterns of up to four pixels within a hexagonal arrangement. The L1 output from

several groups of pixels was routed to one of 19 pattern selection triggers (PST) [15].

The PST compared the observed pattern of triggered pixels against a store of adjacency

patterns in its memory, and triggered if the observed pattern matched a predetermined

trigger adjacency pattern within a given coincidence window, usually ∼ 8− 10 ns.

The L2 trigger was upgraded in 2011 to decrease the size of the coincidence

window [142]. The new system utilizes three overlapping groups of pixels which are

grouped into cells of up to six pixels each (a central pixel and up to six neighbors).
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The coincidence logic is handled by a field-programmable gate array (FPGA) which

determines the trigger status of each cell by comparing the trigger pattern to the

patterns stored in memory. The FPGAs allow for the L1 signal from individual pixels

to be delayed by a programmable amount (up to ∼ 10 ns with a resolution of 72 ps)

to account for the finite transit time of the PMT pulse and L1 signal [142]. The delay

for each pixel can be estimated by measuring the arrival time of the L1 trigger using

a controlled light source, usually a flashing LED [143]. When properly calibrated, the

dispersion in L1 pulse arrival times is reduced from & 1 ns to . 200 ps [142]. The

optimal coincidence window for the pattern recognition is correspondingly reduced to

5 ns.

3.3.3 Level 3 Trigger

The level 3 (L3) trigger operates at the array level, and requires that multiple

telescope L2 triggers occur within a predetermined coincidence window. The L2 trig-

gers for each of the four telescopes are sent to the centrally-located L3 subsystem via

optical fiber using custom-made Digital Asynchronous Transceiver modules (DATs)

[144].

Variation in the L2 arrival time is introduced by differing cable lengths as well

as the differences in arrival time of Cherenkov photons between telescopes. The former

can be dealt with precisely, the latter is approximated based on the current pointing

position of the telescopes every ∼ 5 seconds. Based on these calculations, the L2 pulses

are delayed by a custom-built 32-channel VME Pulse Delay Module (PDM), capable

of delaying incoming signals by 100 ns - 16µs with a 2 ns resolution. The time-aligned

pulses are routed to the SubArray Trigger board (SAT). The SAT assigns a digital

time stamp to each incoming trigger with 1.25 ns resolution and then compares the

pattern of L2 triggers to pre-programmed configurations. The system is triggered if

the patterns match and are contained within a pre-programmed coincidence window.

During normal operations, VERITAS requires a minimum of two telescope triggers

within a 50 ns window, resulting in a L3 trigger rate of ∼ 400 Hz.
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3.4 Data acquisition

The PMT pulses from each telescope are continuously digitized with 8-bit resolu-

tion by 500 MHz Flash Analog to Digital Converters (FADCs) housed in the electronics

trailer [145]. Ten channels feed into an FADC module; 50 modules spread among four

VME crates process the 499 channels of a single telescope. Typically, the number of

“digital counts” output by the FADCs is ≈ 5.4 per incoming photon. By default, the

PMT pulse follows a high-gain path to the digitizer; an analog switch is thrown if the

signal exceeds a pre-determined threshold which sends the signal along a low-gain path

where the gain is reduced by a factor of 6. This increases the dynamic range of the

system, effectively increasing the maximum observable gamma-ray energy.

The signal from each PMT is digitized and stored, in 2-ns samples, with a

memory depth of 64 µs. When the entire array is triggered (an L3 trigger is generated),

a signal is sent by the L3 subsytem to each telescope. Upon receipt of the L3 signal,

the crates select a portion of the digitized PMT signal, typically 16 samples (32 ns) and

store it. The incoming L3 signal is intentionally delayed so that the signal is received

a fixed amount of time after the L2 trigger was produced by the telescope. The data

acquisition system then looks back within the 64 µs memory depth by this amount of

time, typically ∼ 3 µs, to find the start of the desired PMT signal [15]. The FADCs

are unable to process new L3 triggers during the readout process, resulting in ∼ 400

µs of “deadtime” after each trigger.

The data from each channel are stored in their respective crates and buffered;

the buffers from all crates are asynchronously sent to a telescope-level computer, called

the “Event Builder”, when they reach a size of 8 MB [146]. The Event Builder combines

data from every PMT according to the L3 trigger that generated it; i.e: a telescope

“event” consists of the 16 sample window from all 499 PMTs following an array level

trigger. Telescope events are gathered in a FIFO buffer which is asynchronously polled

by a central, array-level process known as the “Harvester”.

As the Event Builders are the telescope-level data acquisition processes, the

Harvester is the array-level process. The Harvester runs on a single centralized machine
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Figure 3.9: A schematic detailing the VERITAS trigger and data acquisition system.
From [15]

and is responsible for combining events from each telescope into a single array-level

event; each L3 trigger corresponds to an event. These data are combined by matching

the unique event numbers assigned to each telescope event by the L3 trigger. The

entire process of data acquisition, including the different triggers, is sketched in Figure

3.9. Data are saved to an archive in a custom file format called the VERITAS Bank

Format (VBF). VBF is written in C++ and is designed for high-performance reading

and writing, as well as efficient compression of the FADC traces. Data are typically

taken in 20-30 minutes exposures, or runs: a typical VBF file for a 30-minute run is

∼ 8 − 10 GB in size. The raw data in the form of VBF files is analyzed by standard

VERITAS software; this process is described in chapter 4.
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3.5 Major Changes

Since the VERITAS array was first commissioned in 2007, it has undergone two

major upgrades: the relocation one of the four telescopes in 2009, and the upgrade of

all four cameras in 2012. These upgrades define three basic time periods in the history

of the experiment: the period before the movement of the first telescope (2007/09/01-

2009/08/31), the period after the telescope relocation but before the camera upgrades

(2009/09/01-2012/08/31), and the period after the camera upgrade up to and including

the present.

3.5.1 Telescope Relocation

The VERITAS array consists of four individual telescopes, labeled T1-T4. Dur-

ing the first two years of operation, for historical reasons, the four telescopes within

the VERITAS array were located in such a way that two of the telescopes, T1 and T4,

were only separated by ∼ 35 meters, much less than the optimal ∼ 100 meters. This

resulted in a semi-redundancy between those two telescopes, reducing the stereoscopic

potential of the array, as well as the effective collection area. This was addressed during

the summer of 2009, when T1 was moved ∼ 150 meters east of its original position

(see Figure 3.10).

This relocation, together with a separate upgrade to the mirror alignment pro-

cedure [11], resulted in a 30% increase in the overall sensitivity of the array [147].

3.5.2 Camera Upgrade

In 2012, all 499 PMTs in each telescope were replaced in with Hamamatsu

R10560-100-20 MOD PMTs (Figure 3.8). The new PMTs have a higher quantum

efficiency and a narrower pulse width, which reduces the energy threshold of the array

while increasing the effective collection area. The upgrade resulted in a 30% reduction

in energy threshold and a 20-30% increase in effective area [12].
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afterward is shown in green.

3.6 Summary

The full VERITAS array has been operating since 2007, collecting data on a

nightly basis except when prevented by bright moonlight or inclement weather1. As of

the time of writing, the array has been in operation for 17 years. During this time over

15,000 hours of data have been collected, leading to the discovery of 26 new gamma-

ray sources and over 100 scientific publications. VERITAS is currently fully funded

until 2025 and is planning to submit to another funding cycle. Plans beyond 2028 will

depend upon progress of CTAO.

1 Data collection ceases during the summer months of July-August due to the local
monsoon season
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Chapter 4

VERITAS DATA ANALYSIS

Data collected by the VERITAS instrument must be processed and carefully an-

alyzed in order to produce meaningful results useful for physical interpretation. VER-

ITAS typically collects data 20-30 minutes at a time in segments known as “runs”.

The raw data for each run consists of a sequence of “events”: instances which caused

the entire array to trigger and record data for each telescope. Each event consists of

the data from each individual telescope, read out over (usually) a 32-ns time interval.

The data from each individual telescope consists of the digitized signal from each in-

dividual pixel over the duration of the readout window; the signal is digitized in 2-ns

intervals, resulting in a signal vs time series, called a “trace”. Recall that the pho-

tons collected by the telescope are not gamma-ray photons directly collected from the

region of interest; rather they are optical/UV photons created when either a gamma

ray or cosmic ray primary generates Cherenkov radiation in the upper atmosphere1.

The tasks of any analysis chain seeking to make meaning of data collected by an IACT

are therefore manifold: the Cherenkov photon data in each pixel must be used to re-

construct the properties (location, brightness and dimensions) of the Cherenkov light

which triggered the event; the properties of the reconstructed Cherenkov light are used

to determine the energy and identity (gamma ray or cosmic ray) of the primary par-

ticle which caused the Cherenkov light; the distributions of the gamma-ray originated

events in space, energy, and time are then used to reconstruct the intrinsic properties

of the astrophysical source from which they originated. We discuss each step of the

process in this chapter.

1 See chapter 2 for a more detailed discussion of this process
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4.1 Calibration

The raw data collected by the telescope consists of FADC traces for every pixel

for each event that triggered the telescope. This information can be used to reconstruct

the properties of the Cherenkov light which triggered the event, provided that the re-

sponse of the instrument throughout the process of converting Cherenkov photons to

digital FADC counts is precisely known. In order to accomplish this, the response of

each pixel to a known amount of light must be measured to obtain a conversion factor

from incident photons to digital counts, this is the absolute calibration of the instru-

ment. This conversion factor will vary from one pixel to the next, and therefore these

non-uniformities in the response of each pixel must also be measured and corrected for.

This is part of the relative calibration of the instrument, which must also characterize

the difference in response time of the pixels across the camera.

4.1.1 Absolute Calibration

Absolute calibration of a pixel yields a conversion factor between the number

of digital counts observed in the FADC trace and the number of incident Cherenkov

photons. This calibration is necessary in order to determine the energy of the primary

particle (or photon) which generated the Cherenkov light, since Cherenkov light yield

scales with energy of the primary.

The calibration procedure involves characterizing the response of a pixel to a

known amount of light. For the light source, a custom-made assembly of blue light-

emitting diodes (LEDs) is used [148]. This assembly, known as the “flasher”, is mounted

in a box along the axis of the telescope, approximately 4 meters from the camera. The

flasher repeatedly illuminates the camera pixels with short (∼ ns long) pulses which

are diffused so as to arrive with uniform intensity across the face of the camera. For

the calibration, the telescope cameras are flashed at a very low intensity, such that

on average the number of photoelectrons produced by each pulse is less than 1 [16].

Extraneous light, including photons from the night-sky background (NSB), is mostly

filtered by affixing an aluminum cover over the camera with a 3-mm hole drilled at the
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Telescope Ratio (d.c./p.e.)
T1 5.20± 0.18
T2 5.12± 0.18
T3 5.12± 0.24
T4 5.54± 0.17

Table 4.1: The estimated number of digital counts (d.c.) produced by a single photo-
electron (p.e.), averaged over all pixels in the camera.

location of each pixel. The resulting spectrum (number of recorded events producing

a given number of digital counts) can be used to estimate the single-photoelectron

response. The spectrum is assumed to consist of a series of peaks caused by events

with 1, 2, 3, or more individual photoelectrons. Events with a greater number of

photoelectrons cause a higher number of digital counts, but also occur less frequently,

leading to the general shape observed in Figure 4.1. This spectrum can be fit to

estimate the single-photoelectron response, assuming the distribution obeys Poission

statistics. Recent results from this calibration are shown in Table 4.1.

4.1.2 Relative Calibration

The absolute calibration characterizes the average response of a pixel to a known

amount of light, but important differences remain between individual pixels which must

be corrected for in the analysis. Two different pixels will, in general, respond differently

to the same light source. These differences include both the amount of charge generated

within the PMT as well the timing of the response. Both effects must be accounted

for to properly reconstruct the Cherenkov light.

Relative Gains

The gain of a photomultiplier tube characterizes the amount of charge produced

within the dynode, as discussed in a previous chapter. The absolute calibration sum-

marized in the previous section determines the average gain of all pixels across the
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Figure 4.1: A histogram of events binned by number of digital counts, taken from a
single-photoelectron calibration run (reproduced from [16]). Different colors show the
contributions of different components to the model. The green curve is the contribution
from single-photoelectron events, the blue comprises events with two photoelectrons,
and so on. The red curve shows the contribution of so called “pedestal events” which
will be discussed in an upcoming section.
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camera. Because the pixel response is not uniform, flatfielding is necessary. This pro-

cedure characterizes the relative gain of each pixel, which can then be corrected for in

the analysis.

The relative gain of each pixel is estimated using the flasher mechanism discussed

in the previous section. This LED flasher repeatedly illuminates every pixel with an

approximately uniform intensity of light. For each pixel, the total integrated charge in

response to each flasher event is calculated. A histogram is constructed to characterize

the distribution of events as a function of charge, which can then be normalized relative

to the mean charge across the entire camera. In this way, a multiplicative factor is

estimated which can be used to flatfield the camera.

Timing Calibration

The response of a pixel to incident light consists of a time-varying FADC “trace”.

The relative gain calibration compensates for differences in the size of this trace in

response to the same amount of light; yet differences in arrival times of this signal will

also generally exist between pixels, due to differences in cable lengths and voltages

applied to each PMT. The FADC trace typically consists of 32-ns interval, which is

much longer than the duration of a typical Cherenkov event. In order to maximize

the signal-to-noise ratio in each pixel, it is therefore desirable to extract only the small

subset of the full trace which contains the response to the Cherenkov light. In order to

do this it is necessary to calibrate the pixels by characterizing their temporal response

to a known light source.

This calibration is also accomplished by analyzing the camera response to events

from the LED flasher. For each event and for each pixel, a singular “arrival time” can

be calculated by analyzing the FADC trace (typically this time is defined to be the time

at which the trace falls to half of its minimum value). A distribution of arrival times

can be examined for each pixel, relative to the average arrival time across the camera.

An example of such a distribution is shown in Figure 4.2. The mean and width of this
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Figure 4.2: A histogram showing the frequency of event arrival time as a function of
FADC sample for a single pixel.

distribution can then be used to “temporally flatfield” the camera to correct for this

nonuniform response.

4.2 Image cleaning and parameterization

Once the raw data has been calibrated, it is then used to reconstruct the prop-

erties of the Cherenkov light from which the event originated. The first phase of this

procedure involves estimating and removing background noise from each event; the

final phase calculates the geometrical properties of the camera image and uses this

information to reconstruct the direction, size, and intensity of the Cherenkov light.

4.2.1 Trace Integration

We seek to associate with each event a single “image”, which consists of the dis-

tribution of charge (digital counts produced by incident photons) in space (discretized

by individual pixels). The data for each pixel (for each event) consists not of a raw

amount of charge, but of a time-varying signal which describes charge as a function of

time, usually called a trace. An example of an FADC trace for a Cherenkov light pulse
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event is depicted in Figure 4.3. In order to construct an image, the charge for each

pixel for each event is found by integrating the total amount of charge under the FADC

trace. This is not as straightforward as directly integrating the entire time series for

each pixel; recall that minimizing the integration window (beyond the time period con-

taining the Cherenkov pulse) maximizes the attainable signal-to-noise ratio between

photons from the Cherenkov light and photons from the NSB. Care must therefore be

taken in how the charge is totaled.

A simple way of accomplishing this is to use the average arrival time of traces

in the camera to determine the event arrival time, and then integrate charge within a

fixed window (at least ∼ 8−10 ns) around this time. The results shown throughout this

work make use of a slightly more sophisticated method of trace integration: the “double

pass” or “two pass” method [17]. As the name suggests, this construction estimates

the charge in each pixel twice: the first estimate is an initial approximation which then

informs the more precise second estimate. The initial estimate is constructed by using

the same integration window for every pixel: a (relatively wide) 20 ns window is used,

the start time of which is determined by the average arrival time of pulses in the camera.

The resulting image is roughly elliptical, as is characteristic of Cherenkov light. Once

the image has been constructed in this manner, the orientation of the longitudinal axis

is calculated. Recall from Chapter 2 that the Cherenkov light develops temporally along

the longitudinal axis, resulting in a slight gradient in the arrival times of photons along

this axis of the shower. Therefore, once the image orientation has been determined,

the time gradient along the image axis can be measured (Figure 4.4). This gradient is

estimated via a linear fit to pulse arrival times along the longitudinal axis of the image.

The second stage of the “double pass” integration then utilizes this timing information

to deploy a sliding integration window, whereby a a more narrow (12 ns) window is

used for each pixel, with the start time of the integration determined by the pixel’s

position along the longitudinal axis of the preliminary image.
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Figure 4.3: The red line shows a time series of digital counts from a particular FADC
channel during a Cherenkov event. The horizontal brown line indicates the negative
pedestal value, the vertical dashed black line indicates the “arrival time” of the trace
in this channel, and the blue shaded region indicates the integration window around
the pulse.
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Figure 4.4: The arrival time of pulses (in units of FADC samples, 1 sample=2ns) as a
function of position along the longitudinal axis of the image. Reproduced from [17].
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4.2.2 Noise Estimation

While minimization of the charge integration window does much to improve

the signal-to-noise ratio, contamination from the night-sky background (NSB) is in-

escapable and must be quantified and accounted for in the final analysis. The signal

from each pixel is AC-coupled, which effectively filters the steady component of the

NSB. What remains in the data are fluctuations in this background noise. These fluc-

tuations are characterized by examining the FADC traces taken when no Cherenkov

light is present. To accomplish this, the telescopes are manually triggered at a rate of 1

Hz; analysis of the resulting FADC traces can provide useful estimates for fluctuations

in the NSB.

Removal of the steady-state component of the NSB effectively sets the baseline

voltage from the PMTs to 0 V. Fluctuations in the NSB can be positive or negative;

yet the FADCs are designed to digitize only negative signals. Therefore an artificial

negative offset referred to as the “pedestal” is added to the PMT signal, so that posi-

tive fluctuations can be adequately characterized. The set of force-triggered “pedestal

events”, FADC traces recorded in the absence of known Cherenkov light, can then be

used to measure fluctuations in the NSB for each pixel.

4.2.3 Image Construction and Parameterization

Once the charge for each pixel has been integrated and the noise level has been

estimated, a full image can be constructed for each event. Pixels are included in the

final image if:

1. The charge is greater than or equal to 5 pedestal standard deviations beyond the

pedestal mean, or

2. The charge is greater than or equal to 2.5 pedestal standard deviations beyond

the pedestal mean, and the pixel borders another pixel which satisfies the first

criterion
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Figure 4.5: A summary of of some important parameters for a single-telescope image.

It has been noted (Chapter 2) that the image of a Cherenkov event caused by

a gamma-ray photon will tend to be elliptical in shape. It was Hillas ([133]) who

first noticed that a simple parameterization of the image can be useful to discriminate

between showers of gamma-ray and cosmic-ray origins. Specifically, it is useful to

describe the camera image in terms of its moments: the “zeroth” order moment (known

as the size of the image) is simply the sum of the charge (in digital counts) from all

pixels in the image; the first order moment (the centroid) is the mean or “center of

mass” of the image, and the second order moment is the variance which describes the

extent of the major and minor axes of the ellipse, known respectively as the image

length and width. These and some other important image parameters are depicted in

Figure 4.5.

4.3 Event reconstruction

An image is constructed in the manner described above for each telescope. At

this point, the task of the data analysis is to use the images from each telescope to

reconstruct the salient properties of the Cherenkov light in the images. Of particular

interest are: the identity of the primary particle (was the Cherenkov light created by a
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photon or a hadron?), the point of origin of the event (from where on the sky did the

primary particle originate?), and the energy of the primary particle. In this section, we

temporarily set aside the issue of determining the identity of the primary (we return

to this question in the next section) and focus on reconstruction of the direction and

energy of the primary particle.

4.3.1 Event direction

Reconstruction of the direction of the Cherenkov light is necessary in order to

associate the primary particle with astrophysical sources in the sky. By using data

from multiple telescopes, it is possible to associate with each event a corresponding

right ascension and declination, describing the region of the sky from which the event

originated.

For a single telescope, the axis of the image describes a line defined by the

orientation of the major axis of the ellipse. Recall that this axis corresponds to the

longitudinal development of the shower, and hence the arrival direction of the primary

particle is constrained to lie somewhere along this line. By adding more telescope

images to the analysis, the direction of the primary can be further constrained by

finding the intersection point between the shower axes of multiple telescope images.

This stereoscopic method of determining the image direction was first developed by

the HEGRA telescope array [149]. The basic idea is to superimpose the images from

multiple telescopes onto the same camera plane and then locate the intersection point

of their major axes. This is depicted in Figure 4.6. When three or more images are

used, the intersection point is not guaranteed to lie along every image’s axis and is

then defined by finding the average of every intersection point from any two telescopes.

This average is weighted by the size of the images and the intersection angle between

their axes, with near-perpendicular intersections being preferred. A similar technique

can be used to reconstruct the “core location” of the shower: the intersection of the

projected shower axis with the ground plane. This information is eventually useful in

estimating the gamma-ray flux of the astrophysical source of photons.
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Figure 4.6: The intersection of the axes of separate images indicates the original direc-
tion of the primary.

4.3.2 Event energy

Reconstruction of the arrival direction of the primary allows for association

of the event with astrophysical sources; reconstruction of the energy of the primary

is necessary in order to construct energy spectra. In principle, the energy of the

primary particle is proportional to the light yield of the Cherenkov light. This simple

relationship ignores the fact that photons from Cherenkov light reach the telescope from

different distances. And, of course, fewer photons reach from more distant events.

Fortunately, the physical interactions governing the origin and development of

the Cherenkov event are well understood; this allows for the generation of simulated

Cherenkov events which can then be compared to observations to reconstruct their

intrinsic properties.

Simulations

The process of simulating a Cherenkov event is two-fold: first the interaction of

the primary particle with the atmosphere must be simulated, the end result of which

is a collection of photons generated by the Cherenkov light in the upper atmosphere.
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These photons must then be propagated through a full model of the telescope in order

to produce a simulated camera image as a final result. Comparison of this simulated

image, with known primary energy, to data with unknown primary energy, can then

be used to estimate the energy of observed Cherenkov events. Simulated gamma-ray

events are also of critical importance in determining which Cherenkov events are caused

by gamma rays rather than particles.

The first step in the simulation chain uses a Monte-Carlo technique to generate

the chain reaction of particles in the atmosphere from a given primary. This involves

recreating the electron-positron cascade caused by an electromagnetic primary particle,

or the charged/neutral pion cascade caused by hadronic primaries. For most VERITAS

simulations, the CORSIKA program [150] is used to generate the particle shower caused

by a primary particle of known type and energy. This interaction depends on the

identity of the primary, the energy of the primary, the zenith angle, and the properties

of the atmosphere. Once the particle cascade has been simulated, a separate program,

called GrISUDet [151], is used to generate the resulting Cherenkov photons. The

creation and propagation of Cherenkov photons also depends heavily on the properties

of the local atmosphere. In particular, air density and index of refraction as a function

of altitude is a necessary input parameter for simulated Cherenkov emission. For

VERITAS these data are primarily drawn from atmospheric sounding data collected in

the nearby city of Tucson, and supplemented by data from a 1996 study of atmospheric

profiles at different latitudes [152]. The final step of the simulation chain is to propagate

the Cherenkov photons through a model of the entire telescope, a process which is also

handled by the GrISUDet package. This involves reflection of the incoming photons off

of the mirror facets and into the camera. This process takes into account the alignment

and reflectivity of each mirror facet, as well as the shadow cast by the quadrapod and

camera box. Each simulated photon that is reflected into the camera plane is then

processed through the telescope electronics. At this point, photons from the night-sky

background (NSB) are also generated and injected atop the Cherenkov photons (this

noise level is an input parameter for the simulations). The PMT response is simulated

84



based on laboratory testing and includes the gain and quantum efficiency of each PMT.

The temporal structure is also modeled based off of observations so that a realistic pulse

is generated. The signal from each PMT is digitized by a model of the data acquisition

hardware (the FADCs) and the full event is written to a data file which is identical in

format to that of a “real” data file. These simulated events can then be processed by

the same analysis chain used for actual data to create images of the Cherenkov light

generated by each event. An image of a simulated gamma-ray event is shown in Figure

4.7.

Lookup Tables

Dedicated analysis of simulated events can then be used to allow for energy

estimation of real events. This is done by creating tables to characterize the relationship

between the energy of the primary, the size2 of the image, and the distance from the

telescope to the shower core. The latter two properties can be estimated from data, the

former is an unknown. Simulated events are binned by size and core distance to create

a 2D histogram which contains the average energy for each size/distance bin (Figure

4.8). Separate histograms are constructed for different combinations of zenith angle,

night-sky background, and atmospheric model. These tables are then made available

to the standard analysis chain, which uses image parameterization and stereoscopic

reconstruction to estimate the image size and core distance, and then reads the energy

from the appropriate bin of the simulation-generated tables in order to estimate the

energy of the primary particle. Energy reconstruction of simulated events shows a

typical energy resolution Erec−Etrue

Etrue
∼ 15− 20% [109].

4.3.3 Identity of the Primary

The overwhelming majority of events captured by IACTs are caused by cosmic

rays (particles) rather than gamma rays. In order to conduct gamma-ray astronomy, it

2 Recall that size in this context refers not to the geometric area of the image but
rather the integrated charge contained within.
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Figure 4.7: A simulated gamma-ray event as “seen” in the cameras of each of the four
cameras.
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Figure 4.8: Shown is a typical table which records the median energy of simulated
gamma-ray events as a function of event “size” (integrated charge in camera image)
and core distance (the distance away from the telescope where the shower axis intersects
the ground plane.)

is therefore necessary to efficiently separate gamma-ray produced Cherenkov light from

hadronic (protons and larger atomic nuclei) light. As was discussed in Chapter 2, the

development of proton-induced showers and gamma-ray-induced showers is fundamen-

tally different. In particular, proton-induced showers tend to carry a larger transverse

momentum, which results in a more broad and less uniform distribution of light on the

ground. This translates into differences in the shapes of the images produced by the

camera.

Following the method of Hillas [133], Monte-Carlo simulations can be used to

characterize the difference in image properties between gamma-ray and hadron induced

showers. Image parameters such as width and length are therefore potentially useful

discriminators. Image shapes also depend on several other factors, most importantly:

energy, core distance, and zenith angle. Therefore a straightforward analysis based

on width and/or length is insufficient. Instead, a similar method as described in the

previous section is employed. Simulated events are placed in bins according to their
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Figure 4.9: The distribution of the MSCW (right) and MSCL (left) parameters for
simulated gamma-ray events (blue) and background events derived from real data (red).

image size and core distance, and each bin is filled with the average length and width

in that bin. Separate tables are constructed for different zenith angles and noise levels

(values of the NSB). A candidate gamma-ray event with a known (reconstructed) size

and core distance can then have its shape (the width and length parameters) compared

with the expected values of those same parameters derived from simulations. In this

way, following the method described in [153], we use data from all telescopes to calculate

the “mean scaled width” (MSCW) and “mean scaled length” (MSCL) parameters:

MSCW =
1

Ntel

Ntel∑
i=1

wi − wsim

σw

MSCL =
1

Ntel

Ntel∑
i=1

`i − `sim

σ`

Where wi/`i is the width/length of the image produced by the ith telescope,

wsim/`sim is the median width/length of images generated by simulations in the appro-

priate size-distance bin, and σw/σ` is the 90% width of the distribution of simulated

widths/lengths in this bin.

As shown in Figure 4.9, the MSCW/MSCL parameter differs significantly be-

tween gamma-ray and cosmic-ray background events. Selection criteria can be devel-

oped on the basis of the MSCW/MSCL parameters which are capable of significant

rejection of non-electromagnetic Cherenkov events. A standard analysis excludes or
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“cuts” events if their shapes differ significantly from those expected based upon simu-

lations. Specifically, events are cut whose mean scaled width is is greater than 0.5 or less

than -1.2 or whose mean scaled length is greater than 0.7 or less than -1.2. Cuts based

upon these criteria alone are capable of achieving quality factors of Q = εγ/
√
εCR ∼ 4

[154], where εγ/CR is the fraction of gamma-ray/cosmic-ray background events which

survive these cuts.

In recent years, the growth of computing power has allowed for the implementa-

tion of more sophisticated algorithms for this purpose. Modern analyses of VERITAS

data, including prominent results cited in this dissertation, make use of multivariate

regression in the form of boosted decision trees to determine the identity of the pri-

mary particle [155]. This method has been shown to increase the sensitivity of the

instrument in comparison to the standard shape cuts.

4.4 High-level analysis

After the camera images for each event have been constructed, cleaned, and

parameterized, what remains is a list of events with associated energies, directions,

shape parameters, and other important parameters. The remaining task of the data

analysis chain is to use this information to reconstruct the properties of the (potential)

astrophysical source being studied. Most fundamentally this consists of source detec-

tion (determining whether a candidate source can be confidently said to emit gamma

rays at a detectable level). If the source is detected, then from the existing data the

distributions of gamma-ray photons from the source in energy, space, and time are

sought. The first of these is the energy spectrum of the source, the second is an im-

age, and the third is known as the light curve. Before any of this can be completed,

significant reduction of the data is required to ensure that only gamma-ray events of

sufficient quality are used in the analysis.
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4.4.1 Data reduction

Of the ∼ 105 events recorded in a typical 30-minute data file, the vast majority

are not usable for high-level analysis. To be considered in a high-level analysis, an event

must (1) be identified as a gamma ray and (2) consist of a sufficiently high-quality

image for energy reconstruction. In order to accomplish this, events are considered

on an individual basis and are removed from the analysis if they fail certain criteria

which indicate insufficient data quality. Images from telescopes are not considered if

they contain too few pixels (5, by default, after the removal of those with too little

charge as described in Section 4.2.3), and event reconstruction does not proceed if too

few telescopes produce images (at least 2, by default).

4.4.2 Source Detection

The gamma-hadron cuts are remarkably efficient at removing proton-nuclei ini-

tiated events, but background noise is inevitably present in the final dataset. Putative

detection of photons from the direction of the candidate source field therefore does not

represent a confirmed detection of the existence of a gamma-ray source. Rather, con-

firmation of source detection requires that the gamma-ray signal from the candidate

source region sufficiently exceed the estimated level of spurious or “background” events

occurring in that same region.

Background Estimation

The number of events detected from the source region generally comprise both

gamma-ray events due to an astrophysical interaction and spurious “background events”

due mostly to the isotropic flux of cosmic rays incident on the Earth. In order to confi-

dently claim detection of a gamma-ray source, it is necessary to prove that the number

of events from the source region is significantly greater than would be expected from

the cosmic-ray background. This requires an independent estimation of the level of

background events expected from the source region. In practice, this is accomplished

by observing a region of the sky nearby to but not including the candidate source, and
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where no other known source exists. The number of events recorded in this observation

can then be used to estimate the number of background events originating from the

candidate source region.

ON/OFF Observations

Perhaps the simplest method of background estimation is to dedicate observa-

tion time solely to study regions where no source is expected. In this scenario, the

instrument dedicates an amount of time TON pointing at the candidate source region

(the “ON” region) and a time TOFF pointing at a previously chosen background region,

(the “OFF” region). Under the assumptions that no source exists in the OFF region,

and that the OFF region is sufficiently similar to the ON region, then one can estimate

that the number of background events originating from the ON region during the time

interval TON is NBG = TON

TOFF
NOFF, where NOFF is the number of events observed from

the background region during the time TOFF. This method, described in [156], was used

with great success to initially detect the Crab Nebula in 1989 [80]. While the simplicity

of this method is an obvious advantage, the inefficient use of scarce observing time is

such a significant drawback that this method is no longer frequently used by modern

ground-based gamma-ray telescopes.

Reflected Regions

An alternative to the ON/OFF method of background estimation is the use

of reflected regions. In this scenario, based on ideas first proposed by Fomin et al

[157], the telescope camera is centered not on the candidate source region, but rather

is offset by some fixed distance (often ∼ 0.5◦). Events with a reconstructed direction

that lies within the candidate source region are the “ON” events. The number of

background events originating from the candidate source region can then be estimated

by designating one or many OFF regions, which subtend the same solid angle as the

ON region and which are offset from the camera center by the same angular distance

(Figure 4.10). Although the sensitivity of the camera to Cherenkov events varies across
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its face, with regions closer to the center being the most sensitive, this variation is

generally radially symmetric. This implies that any two camera regions which are the

same angular distance from the camera center will have the same sensitivity; therefore

dedicated OFF regions which are equidistant from the camera center as the ON region

are reliable estimators for the number of background events originating from the ON

region. The obvious advantage is that the background can be estimated simultaneously

with the candidate source region. If a number n of background regions are used, from

which a collective number of events NOFF are observed, then the estimated number of

background events originating from the ON region is simply NBG = NOFF
n

.

Ring Background

If the sensitivity of the camera across the field of view is known, then in principle

the background can be estimated from any region and the difference in sensitivity be-

tween the OFF and ON regions can be corrected for using the independently measured

camera sensitivity. A common method, known as the “ring background” method [158],

is to estimate the background using events which originate from within a ring which

surrounds the candidate source region (Figure 4.10). Unless the source is located at

the camera center (which it usually is not), then the camera sensitivity will generally

vary within different parts of the ring as well as between the ring and the ON region.

A map of the camera’s sensitivity across the field of view (an acceptance map), is

therefore necessary in order to correct for the different exposures between the ON and

OFF regions. Such a map can be produced from measurements of a region where no

strong source is present. In this case, the rate of events across the field of view should

be uniform; any non-uniformities observed in the concentration of reconstructed events

across the camera will therefore be instrumental. An acceptance map is constructed

simply by measuring the event rate across the face of the camera and normalizing every

bin to the maximum observed event rate. This acceptance map can then be used to

correct for differing exposures both within the OFF region and between the OFF and
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Figure 4.10: Two popular methods for estimating background events are depicted.
Left: The reflected regions method records gamma-ray events from regions equidistant
from the camera center as the source location. Right: The ring background method
records gamma-ray events from a ring of pre-determined width centered on the source
location.

ON regions. In this construction, the estimated number of background events originat-

ing from within the source region is NBG = αNOFF, where as usual NOFF is the total

number of events originating from the ring and, following [158]:

α =

∫
ON

Acc(x, y)dxdydt∫
OFF

Acc(x, y)dxdydt
(4.1)

That is, if Acc(x, y) is the relative acceptance of the camera as a function of camera

coordinates x, y, then the parameter α is a normalization factor which results from

integrating the acceptance within the ON region and again within the OFF region,

and then taking the ratio.

Hypothesis Testing

Regardless of the methodology used for background estimation, the question of

confidence in a source detection remains. Note that the definition of α in Equation

4.1 reduces in such a way that for any background estimation technique, it can be
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stated that the estimated number of background counts present in the source region

is NBG = αNOFF. We can then state that the number of events due to a real gamma-

ray source (the excess events above the background noise) is Nsrc = NON − αNOFF.

A gamma-ray source can be confidently claimed if Nsrc is significantly greater than

0. Following Li and Ma (1983) [156], we model both NON and NOFF using Poisson

distributions and use the maximum likelihood framework put forward by Wilks [159]

to define the statistical significance of Nsrc to be simply:

S =
√

2

{
NON ln

[
1 + α

α

(
NON

NON +NOFF

)]
+NOFF ln

[
(1 + α)

(
NOFF

NON +NOFF

)]}1/2

(4.2)

The value S is understood to be the “number of standard deviations” that Nsrc

is above 0. Typically, a candidate source is generally accepted as a detected gamma-ray

source upon an observation with S ≥ 5, corresponding to a 99.9999997% probability

that the observed signal can not be explained by statistical fluctuations.

4.4.3 Energy Spectrum

Once a candidate source is confirmed to exist, its intrinsic properties can be

examined by studying the distribution of photon flux as a function of energy, the

energy spectrum. The energy spectrum in particular is often useful for identifying the

emission mechanism in the astrophysical source that produced the gamma rays.

The task is to transform the raw data, consisting essentially of a list of gamma-

ray photons with associated energies, into a distribution of source flux as a function

of energy. In order to do this, the energy-dependent sensitivity and collection area of

the telescope array must be accounted and compensated for in order to produce an

instrument-independent measurement.

To start, the gamma ray photons are binned according to energy to form a

histogram depicting number of events vs energy. The distribution of this histogram is

greatly biased by the energy-dependent response of the instrument. In order to trans-

form this information into an instrument-independent flux measurement, it is necessary
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to estimate the the energy-dependent “effective collection area” of the instrument. This

accomplished by using simulations.

Effective Area

Recall that light from Cherenkov photons has the unique property that bright-

ness on the ground is approximately steady over an area within 120 meters from the

center of the shower axis (this area is known as the “light pool”). As a consequence, a

detector placed directly underneath the shower axis and a detector placed 120 m away

from the shower axis have approximately the same chance of recording the Cherenkov

event. This means that the collection area of a single instrument scales not with the

size of the mirror, but with the much larger size of the light pool.

For a single telescope, the effective collection area will be approximately π (120 m)2 ≈
5 × 104 m2. This does not represent the maximum collection area, however. Though

the light intensity diminishes beyond the light pool, it does so gradually with distance

(∝ 1/r2). If a Cherenkov event is especially bright, it may be detected from distances

even beyond 120 meters. Because the brightness of the Cherenkov event depends di-

rectly on the energy of the primary particle which caused the shower, this effectively

means that gamma-ray photons of higher energy are detectable from greater distances.

The effective collection area of the instrument therefore increases with energy. An

example of this effect is shown for the stand-alone Whipple telescope in Figure 4.11.

When several telescopes are configured into an array, as is the case for the VER-

ITAS instrument, the effective area scales with the geometric surface area spanned by

the telescopes in the array. Simulated gamma-ray photons can be used to estimate the

effective area as a function of energy. This is accomplished using the same simulation

chain which was described previously. Gamma-ray photons with energies drawn from a

power-law distribution are randomly generated along over a large area A which greatly

exceeds the geometric area of the array. These simulated gamma-ray events are then

processed through the telescope model and standard analysis chain and the fraction

of events surviving quality and gamma/hadron discrimination cuts is recorded as a
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Figure 4.11: An example of effective collection area vs energy for the Whipple Tele-
scope, from [18].

function of energy. The effective area is then defined as the product of the area A

over which the photons were simulated and the fraction of reconstructed events as a

function of energy. Two examples of estimated effective area values for the VERITAS

array are shown in Figure 4.12.

Flux Calculation

The effective area curve, together with the exposure time of the data selection,

can be used to transform the counts vs energy histogram into a flux vs energy curve.

This simply entails dividing the number of events in each energy bin by the average ef-

fective area in that same energy bin, together with the total exposure time. This yields

a curve which depicts “differential flux” (with dimensions of [area · time · energy]−1).

This product is considered to be the intrinsic energy spectrum of the source and can

be modeled to investigate the properties of the astrophysical source of the gamma-ray

emission. Figure 4.13 shows an example of such an energy spectrum, created using

data from the Crab Nebula.
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Figure 4.12: Effective area vs energy for the VERITAS array. Black circles depict data
for moderate size cuts, red boxes show the same data after applying a more stringent
hard size cut.
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Figure 4.13: The energy spectrum of the Crab Nebula, produced by eventDisplay.

4.4.4 Morphology

Of additional interest in the study of astrophysical sources is the spatial dis-

tribution of the gamma-ray emission on the sky: the source morphology. The study

of a source’s morphology is enabled by the reconstruction of the incident direction of

each gamma-ray event, a process which was described earlier. Starting from a list of

gamma-ray photons, each with associated right ascension and declination, a 2D “sky

map” can be constructed by binning these gamma-ray events by their RA and Dec into

a 2D histogram. This raw histogram suffers from biases in the instrument response.

In particular, it is generally true that the instrument is most sensitive to events di-

rected toward the center of the camera and is less sensitive as angular distance from

the camera center increases.

This difficulty can be overcome by estimating and subtracting the background

counts from each bin in the histogram, leaving only the number of excess counts. The

background events in each bin can be estimating using either of the “ring background”
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Figure 4.14: Two representations of the morphology of the Crab Nebula, produced
by eventDisplay. The plot on the left shows a map of excess counts vs RA and Dec,
the plot on the right shows the statistical significance in each bin, computing using
Equation 4.2. The emission is consistent with that expected from an unresolved point
source.

or “reflected regions” methods described previously. Because the acceptance of back-

ground events varies across the camera in the same way as the acceptance of gamma-ray

events, the excess counts NON − αNOFF removes the camera gradient entirely and re-

veals the intrinsic source morphology3. Examples of such plots are shown in Figure

4.14.

Angular Resolution

The ability of the instrument to resolve fine structure in the morphology of

an astrophysical source is limited by the angular resolution of the instrument. The

stereoscopic reconstruction process described in the previous section performs well

but is of course not perfect. The performance of the instrument can be studied by

examining its response to a perfect “point source”, a gamma-ray source with no spatial

extent. Due to uncertainties and limitations in the reconstruction of the direction of

3 Actually, this plot is not completely independent of instrument response, as the
point-spread function and off-axis gamma-ray sensitivity have not been accounted for
(see next section).
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Figure 4.15: The angular resolution of the VERITAS array vs log10

(
E

1 TeV

)
, constructed

from analysis of simulated data. The angular resolution here is defined as the 68%
containment radius of an imaged point source.

the gamma ray, a number of gamma-ray photons which in actuality originate from

the same location will naturally have their reconstructed directions spread across a

finite angular extent. Thus the spatial sky map of even a perfect point source of light

will have a non-zero spatial extent. The characteristic width of an image taken of

a point source used to quantify the angular resolution of the telescope is referred to

as the “point spread function”, or “PSF”; this width generally decreases with energy,

reaching a minimum in the ∼ 1− 10 TeV range. The PSF vs energy for the VERITAS

array, based on simulations, is depicted in Figure 4.15.

The finite PSF of the instrument necessarily means that adjacent spatial bins

on a 2D sky map are likely to be correlated with one another, if the angular size of the

spatial bin is significantly smaller than the PSF. This correlation can be represented

by producing a new set of sky maps whereby each spatial bin contains the sum of
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Figure 4.16: A correlated significance sky map of the Crab Nebula.

all counts within a given radius from the bin’s center.4 New sky maps containing

gamma-ray counts, excess, and statistical significance can thus be constructed from

these “correlated” maps. An example of such a sky map is shown in Figure 4.16.

4.5 Summary

Data analysis techniques are a crucial component to obtaining meaningful results

with any IACT. Software optimizations and the implementation of new algorithms can

improve the performance of the instrument just as significantly, if not more so, than

hardware upgrades. The overall performance of the instrument is best characterized in

terms of: 1) how faint of a source it can confidently detect, and 2) how precisely can

it reconstruct the salient properties of a given source.

The former is quantified in the form of the instrument’s “sensitivity”, which

specifies the minimum flux detectable by the array in a given amount of time. VERI-

TAS is able to detect a source as faint as 1% of the flux of the Crab Nebula in only 25

hours of observing time [109].

4 When modeling a point source, this radius is usually ≈ 0.09◦, for a source with larger
spatial extent a larger radius of ≈ 0.23◦ is used.
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As has already been discussed, the instrument’s ability to faithfully reconstruct

the morphology of a gamma-ray source is limited by the point spread function, an

example of which is illustrated in Figure 4.15. At high energies, VERITAS is able to

resolve structures on scales of a few arcminutes.

Finally, the distribution of energies of the gamma-ray photons is of great interest.

Just as there is an angular resolution which introduces angular spread in spatial recon-

struction of photons, there exists a finite energy resolution which introduces spread in

the energies of reconstructed photons. This resolution itself is energy-dependent, but

is relatively constant at ≈ 15−20% over much of the energy range for which VERITAS

is most sensitive. This means that the 68% containment radius for the reconstructed

photon energy is typically smaller than 20% of the true photon energy.
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Chapter 5

GAMMA-RAY BINARIES

Gamma-ray binaries are rare astrophysical systems comprised of a compact

object (either a neutron star or a black hole) orbiting with a massive star. Although

they are thought to represent a short-lived phase in the evolution of high-mass X-ray

binaries [160] (HMXB), gamma-ray binaries share a number of distinct characteristics

which set them apart from this larger class of objects. Unlike HMXBs, gamma-ray

binaries exhibit bright gamma-ray luminosities, with a distinct VHE component, as

well as modest non-thermal X-ray and radio emission. These systems take their name

from the defining characteristic that most of their radiated power is emitted above 1

MeV (in the gamma-ray regime). Observations of gamma-ray binary systems provide

a unique opportunity to study particle acceleration and emission mechanisms in a

continuously and periodically changing physical environment.

As of the time of writing, nine gamma-ray binary systems have been discovered.

While the growing population of this relatively new source class shares a broad set

of general characteristics, the mechanisms that drive the emission from these systems

are still subject to debate. Here we summarize the known population of gamma-

ray binaries, generalize some common characteristics, and discuss different physical

scenarios proposed to explain these observations.

5.1 The population of gamma-ray binaries

Overview

Gamma-ray binaries have been a subject of interest for a half century. In many

ways, the development of the modern field of high-energy astrophysics can be traced

to the search for gamma rays from binary systems such as Cygnus X-3 [161]. The late
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Name Porb [days] ε distance [kpc]
PSR B1259-63[165] 1236.724526 0.86987970 2.6

LS 5039 [166] 3.90603 0.35 2.5
LS I +61◦ 303[167, 168] 26.496 0.537 2.0

HESS J0632+057[169, 170] 308-3211 0.66-0.83 1.1-1.7
1FGL J1018.6-5856[171, 172] 16.544 0.31 5.4

LMC P3[173] 10.301 0.4 50
PSR J2032+4127[174] 17000 0.961 1.33

HESS J1832-093 86.28 - -
4 FGL J1405.1 - 6119 14 - -

Table 5.1: Orbital period Porb, eccentricity ε and distances of the confirmed gamma-ray
binaries.

1970s and 1980s saw a number of claims of gamma-ray emission from known X-ray

binaries, including Cygnus X-3 and Hercules X-1 [162], however most of these claims

were eventually found to be spurious [163, 164].

The first VHE detection of binaries came in the 2000’s with the advent of a

new generation of Imaging Atmospheric Cherenkov Telescopes (IACTs). PSR B1259-

63, the first such source to be detected, was detected by the H.E.S.S. collaboration in

2004. It was followed swiftly by LS 5039 discovered by H.E.S.S. in 2005, and LS I +61◦

303 discovered by MAGIC in 2006.

There are now nine known gamma-ray binary systems (see Table 5.1). In this

section we review each system and summarize the salient multi-wavelength details.

5.1.1 PSR B1259-63/LS 2883

PSR B1259-63 is a radio pulsar discovered in 1992 as a result of a radio pulsar

search conducted by the Parkes radio telescope [175]. The pulsar has a pulse period

of 47 ms and a measured spin-down luminosity of 8.3× 1035 erg s−1. PSR B1259-63 is

in a binary orbit with the 20 M� Be star LS 2883 which features a large (∼ 10 stellar

radii) equatorial disk [176, 175, 177]. The orbit of the system is characterized by a

1237 day period and an eccentricity of 0.87 [178, 165], and the system lies at a distance

of 2.6 kpc [165].
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Figure 5.1: Left : The light curves of PSR B1259-63 in (from top to bottom) high
energy, X-ray, and optical. From [19]. Right : The VHE light curve of PSR B1259-63
as seen by H.E.S.S., from [20].

VHE gamma rays

PSR B1259-63/LS 2883 was initially discovered in VHE gamma rays by the

H.E.S.S. collaboration in 2005 [179]. The VHE emission is characterized by a time-

variable light curve which displays an asymmetric, double-peaked structure around

the periastron passage, with a flux minimum corresponding to the periastron passage

[179, 180, 181]. The two peaks, each lasting only a few days, likely correspond to the

times at which the neutron star crosses the circumstellar disk of the companion [20].

The VHE spectrum is well-fit by a simple power law with Γ ≈ 2.7, with no evidence

of spectral variability [20]. The average luminosity is ∼ 1 × 1034 erg s−1, which is

approximately 1.3% of the pulsar’s spin-down power.

HE gamma rays

High-energy emission associated with the binary system was first discovered by

Fermi -LAT in 2011 [182]. The HE emission is relatively faint before, during, and up
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to several weeks following the periastron passage. The most prominent feature of the

HE emission is a powerful flare which typically occurs ∼ 30 days after periastron and

fades after ∼ 60 days [182, 183, 184, 185]. The flux observed during this flare can be

∼ 30 times that of the pre-periastron flux, and the power emitted is comparable to the

spin-down power of PSR B1259-63, and may even exceed it [186]. The spectrum during

this time is well-described by a power law with an exponential cutoff. The spectrum

has been shown to be variable, with a general “softer-when-brighter” correlation with

the flux [183].

X-rays

X-ray emission from PSR B1259-63/LS 2883 was first seen by ROSAT in 1994

[187]. The X-ray light curve is characterized by an asymmetric, double-peaked struc-

ture about periastron, with a local minimum occurring several days after periastron

[188, 189, 19, 190]. The two peaks correspond to the times at which the pulsar crosses

the circumstellar disk of LS 2883. These peaks are accompanied by an increase in

hydrogen column density by a factor of ∼ 2 and a hardening of the spectral index from

Γ ≈ 1.8 to Γ ≈ 1.2 with the onset of the first peak [188]. The 0.3-10 keV luminosity is

∼ 2× 1034 erg s−1 (∼ 2% of the pulsar’s spin-down power).

Not long after periastron, a ∼ 4′′ clump of X-ray-emitting matter is observed

moving away from the star at a projected speed of about 0.15c [191, 192, 193, 194].

The clump is thought to be a piece of the disk around the Be star broken away and

launched at high speeds by the pulsar wind.

Radio

Pulsed radio emission from PSR B1259-63 was discovered in 1992 [175]. As the

pulsar moves into the dense environment near the massive star, the pulsed emission

disappears for ∼ 30 days, beginning approximately two weeks prior to periastron.

This is replaced by a transient unpulsed component which displays a double-peaked

structure about the periastron, with a local minimum occurring approximately 10 days
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after periastron [175, 195]. As is the case with the X-ray emission, the peaks in unpulsed

radio emission likely correspond to the times of disk-crossing events. The radio emission

is well-described by a power law with index α ≈ 0.5, indicative of synchrotron emission

[196]. The radio luminosity is ∼ 6× 1029 erg s−1 [27]. The radio emission is able to be

resolved, and consists of a 50 mas structure which peaks 10 to 20 mas away from the

system [197].

5.1.2 LS 5039

LS 5039 is a gamma-ray binary system consisting of the massive (∼ 23 M�)

O7 star of the same name and an unidentified compact companion. The system has

a relatively short (3.9 day) orbit with an eccentricity of 0.35, and lies at a distance of

2.5 kpc [166].

VHE gamma rays

VHE emission was initially seen from the LS 5039 system by H.E.S.S. in 2005

[198]. Periodicity was subsequently established in the gamma-ray light curve in 2006.

The flux is highly variable over the course of the orbit, with a maximum occurring

near the inferior conjunction of the system and a minimum not long after the superior

conjunction [21]. The energy spectrum varies with orbital phase. For observations

closer to inferior conjunction, the spectrum exhibits a hard power law (Γ = 1.85) with

an exponential cutoff after E ≈ 8.7 TeV. Observations from the other half of the orbit

(closer to superior conjunction, when the source is fainter) are consistent with a simple

power law model with a relatively soft (Γ = 2.53) spectral index [21]. The average

luminosity of the source above 200 GeV is ∼ 8× 1033 erg s−1.

HE gamma rays

LS 5039 was definitively detected in the HE energy regime by Fermi -LAT in

2009 [199]. The flux is highly variable over the orbit and is in anti-phase with the

TeV flux: reaching a maximum at superior conjunction and a minimum at inferior

conjunction. The shape of the energy spectrum is variable with orbital phase and
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Figure 5.2: Left : The phase-folded light curve and spectral evolution of LS 5039, as seen
by H.E.S.S.. The top figure shows the integral flux above 1 TeV, the middle figure shows
the spectral index for a power law fit, the bottom figure shows the flux normalization
for a power law fit. Right : TeV spectra taken of LS 5039 during two different periods
around its orbit (from H.E.S.S.). The spectrum shows a soft power law near superior
conjunction, and exhibits a hard, cutoff spectrum near inferior conjunction. Both
figures reproduced from [21]
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displays a general “softer-when-brighter” correlation with the flux [199]. There is

no evidence, however, for differing spectral shape between the superior and inferior

conjunctions [200], as is the case for the VHE emission. The average spectrum is

consistent with an exponentially cut power law with Γ = 2.05 and Ecut = 2.2 GeV. The

overall spectrum also contains evidence of an additional hard power law component

above 10 GeV, with an index of Γ = 1.6 [200]. The average luminosity is ∼ 3 ×
1035 erg s−1 [27].

X-rays

LS 5039 was suggested as an X-ray binary following an analysis of ROSAT

data in 1997 [201]. The X-ray light curve is variable by a factor of ∼ 2.5, and the

orbital modulations are in phases with the VHE light curve: maximum close to inferior

conjunction, minimum close to superior conjunction [202, 203]. The spectral index is

variable throughout the orbit with Γ ≈ 1.6 near superior conjunction and Γ ≈ 1.4 near

apastron. The hydrogen column density is stable across the orbit at NH ≈ 7×1021 cm−2

[204, 202, 203]. The source is detected up to energies as high as 70 keV at all orbital

phases [202] and is seen by INTEGRAL up to 200 keV near inferior conjunction with a

slightly steeper index of Γ ≈ 2.0 [205]. Collmar and Zhang (2014, [206]) found that LS

5039 is associated with a previously unidentified COMPTEL source. The MeV source

exhibits an orbital modulation which is in phase with the X-ray source with a spectral

index of Γ ≈ 1.6. Durant et al (2011,[207]) found evidence using Chandra of X-ray

emission extending up to 2′, however this was not confirmed in a similar study by [208].

The average X-ray luminosity is ∼ 1034 erg s−1 [27].

Radio

A weakly-variable radio source associated with LS 5039 was first reported by

[209], who found a hard spectral index consistent with a non-thermal emission mech-

anism. While periodicity has not been observed in the radio flux [209, 210], the mor-

phology has been observed to evolve periodically [211]. The spectrum is described by
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Figure 5.3: Left : VERITAS light curve of LS I +61◦ 303 during a major flaring episode
in 2014 [22] Right : Evidence for periodicity beyond the 26.5 day orbital period of the
system as seen by MAGIC [23].

a pure power law with α = −0.43 down to ∼ 1 GHz, below which it breaks to α = 0.75

[212, 213]. The average radio luminosity is ∼ 6× 1029 erg s−1 [27].

5.1.3 LS I +61◦ 303

The LS I +61◦ 303 gamma-ray binary system consists of the 10-15 M� Be star

of the same name orbiting with a compact object[214]. The two objects share a 26.5

day orbit with an eccentricity of 0.54 [167], although super-orbital modulations with a

period of ∼ 1667 days is evident at all wavelengths [215]. The system lies at a distance

of 2.0 kpc [168]. The recent detection of radio pulsations with a period of 269 ms

from within LS I +61◦ 303 [216] firmly identifies the nature of the compact object as

a pulsar, making this one of only three gamma-ray binary systems where the compact

object is identified (PSR B1259-63, PSR J2032+4127).

VHE gamma rays

VHE gamma rays from LS I +61◦ 303 were first reported by MAGIC in 2006

[217]. Subsequent observations showed the emission to be periodic, peaking near apas-

tron [218, 219]. The source is now detected in VHE gamma rays around the entire

orbit, with bright flares consistently around apastron ranging from 15-30% of the Crab
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Nebula flux [220]. Evidence for super-orbital periodicity was found in VHE wave-

lengths with a period of ∼ 1610 days [23]. This periodicity is also seen in X-ray and

radio wavelengths.

The spectrum appears to be stable on both orbital and super-orbital timescales

and is characterized by a power law with Γ = 2.4 − 2.6 [23]. The average luminosity

in VHE gamma rays is ∼ 1034 erg s−1 [27].

HE gamma rays

HE emission was seen by Fermi -LAT in 2009 [221]. The light curve is vari-

able about the orbit, with a maximum soon after periastron and a minimum near

apastron. The energy spectrum is consistent with a power law with an exponential

cutoff throughout the orbit, and also displays significant variability: the spectrum is

softest (Γ ≈ 2.1) near periastron and hardest (Γ ≈ 1.9) near apastron, and exhibits

a “softer-when-brighter” correlation with the HE flux. The cutoff energy is maximal

(Ecut ≈ 6 GeV) at apastron and minimal (Ecut ≈ 3 GeV) at periastron [200]. Unlike

other gamma-ray binaries, the detection of flux points near ∼ 90 GeV points to a po-

tential connection between the HE and VHE spectra [222], though emission at these

wavelengths are not correlated [220]. The average luminosity is ∼ 2×1035 erg s−1 [27].

X-rays

An X-ray source associated with LS I +61◦ 303 was first identified by EIN-

STEIN in 1981 [223]. The X-ray flux is variable on the orbital timescale [224] and

has shown variability on timescales as small as ∼ 40 minutes [225]. The X-ray and

VHE flux appear to be correlated [220], indicating that the same population of elec-

trons is responsible for emission at both wavelengths. The orbital phase of maximal

X-ray emission varies on the superorbital timescale of the system, and has been shown

to consistently lead the radio outbursts by ∼ 5 days [226]. The X-ray superorbital

variability leads the radio variability by ∼ 280 days [227]. The energy spectrum is well

fit by an absorbed power law with Γ ≈ 1.5 and NH ≈ 5 × 1021 cm−2[224], and the
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spectral index shows evidence for a “harder-when-brighter” correlation with the flux

[228]. Although no break in the spectral index is apparent up to 300 keV [27], the

existence of a COMPTEL source associated with LS I +61◦ 303 up to ∼ 30 MeV with

a spectral index of Γ ≈ 2 [229] suggests a spectral break at some point in the X-ray

spectrum. The average X-ray luminosity is ∼ 1034 erg s−1 [27].

Radio

Variable radio emission from the region was first reported in 1978 [230]. Similar

to the emission at other wavelengths, the radio light curve is unstable and has shown

peaks of variable intensity at different orbital phases. This is presumably tied to

the superorbital variability of the system [231, 232]. As was discussed in the previous

section, the radio emission lags the X-ray emission by ∼ 5 days on the orbital timescale

and∼ 280 days on a super-orbital timescale. The spectral shape is variable during radio

outbursts, transitioning from an optically thin state (α ≈ −0.4) near flux minimum

to an optically thick state (α ≈ 0.2) around flux maximum [233]. The radio emission

exhibits a cometary morphology on scales of ∼ 2 AU, and the morphology varies

considerably near periastron [234]. The average radio luminosity is ∼ 3× 1030 erg s−1

[27].

5.1.4 HESS J0632+057

HESS J0632+057 consists of the 13-19 M� Be star MWC 148 [235] orbiting

with an unidentified compact object. Estimates of the orbit differ: [169] find an orbital

period of 321 days with an eccentricity of 0.83, while [170] prefer a slightly shorter

(308-313 days), less eccentric (0.66-0.71) solution. The system lies at a distance of

1.1-1.7 kpc [169, 235].

VHE gamma rays

VHE emission was first seen from the direction of HESS J0632+057 by H.E.S.S.

in 2007 [236]. Subsequent observations by VERITAS failed to detect the source [237],
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Figure 5.4: Left : Phase-folded X-ray light curve (0.3-10 keV) Right : Phase-folded
gamma-ray light curve (> 350 GeV). Reproduced from [24].

indicating variability. Periodicity was later found by Swift-XRT [238], confirming the

source as a gamma-ray binary.

The emission is variable throughout the orbit and displays a double-peak struc-

ture with an initial, higher peak at orbital phase φ ≈ 0.3 followed by a broader, fainter

peak near φ ≈ 0.6 [239]. These outbursts occur near apastron and periastron (respec-

tively) in the orbital solution presented by [170], while no such association is present

in [169]. The energy spectrum is consistent with a power law with spectral index

Γ = 2.67, and shows no signs of orbital variability [240]. The average luminosity is

∼ 7× 1032 erg s−1.

HE gamma rays

A GeV counterpart to HESS J0632+057 was identified by Fermi -LAT in 2017

[241]. The flux is variable, although a high-precision light curve is not yet possible due

to limited statistics. The spectrum is consistent with a power law with index varying

from Γ ≈ 2.1− 2.6 across the orbit. The average luminosity is ∼ 2× 1033 erg s−1.
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X-rays

An X-ray source associated with HESS J0632+057 was identified by XMM-

Newton in 2009 [242]. The X-ray light curve displays a similar behavior to the VHE

light curve: a sharp peak near φ ≈ 0.3 followed by a fainter, broader peak near φ ≈ 0.7,

with significant spectral hardening (from Γ ≈ 1.4 to Γ ≈ 1.0) observed during the dip

in between peaks [243, 244]. The X-ray peaks are also accompanied by an increase in

hydrogen column density [244]. The average luminosity in X-rays is ∼ 7× 1033 erg s−1

[27].

Radio

A radio counterpart was identified in 2009 which showed variability on a timescale

of months [245]. The spectrum is consistent with a power law with α ≈ −0.6. Ex-

tended emission with a characteristic size of ≈20-50 AU and displaced by ≈20 AU has

been observed during the X-ray and VHE dip between peaks [246]. The average radio

luminosity is ∼ 4× 1027 erg s−1 [27].

5.1.5 1FGL J1018.6-5856

The gamma-ray binary system 1FGL J1018.6-5856 comprises the 31 M� O star

2MASS 10185560–5856459 and an unidentified compact object [172]. The orbital pe-

riod of system is 16.6 days, with an eccentricity of ≈0.31 [247, 171]. The distance to

the system is measured to be approximately 5.4 kpc [172].

VHE gamma rays

VHE emission was discovered near 1FGL J1018.6-5856 in 2012 by H.E.S.S.[248].

The emission consists of a point source spatially consistent with the location of 1FGL

J1018.6-5856 in addition to a diffuse extension nearby to PSR J1016-5857. The gamma-

ray light curve is variable about the 16 day orbit, peaking near phase φ ≈ 0 [25]. The

energy spectrum is consistent with a pure power law up to ∼ 20 TeV with an index

of Γ ≈ 2.20, without evidence of spectral variability. The average VHE luminosity is

∼ 1034 erg s−1.
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Figure 5.5: Multiwavelength light curve of 1FGL J1018.6-5856. From [25].
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HE gamma rays

Variable HE emission modulated with a 16.6-day period was discovered by

Fermi -LAT in 2012 [247]. The light curve is characterized by a single peak near φ ≈ 0.

The energy spectrum is described by an exponentially cut power law with an index of

Γ ≈ 1.9 and cutoff energy of E ≈ 2.5 GeV. The spectral curvature varies significantly

about the orbit, and the average luminosity is ∼ 1036 erg s−1 [27].

X-rays

An X-ray counterpart was identified by Swift-XRT in 2012 [247]. The light curve

is characterized by a sharp peak near orbital φ ≈ 0 in addition to a broad sinusoidal

peak near φ ≈ 0.4 [249]. The spectral index varies significantly about an average of

Γ ≈ 1.4 throughout the orbit, and exhibits a “softer-when-brighter” correlation with

the flux. Variability of the hydrogen column density has not been determined, with an

average value of NH ≈ 7.7× 1021 cm−2. The average luminosity is ∼ 2× 1034 erg s−1

[27].

Radio

A faint radio source associated with 1FGL J1018.6-5856 was discovered in 2012

[247]. The light curve shares the sinusoidal peak of the X-ray light curve, although the

sharp peak at φ ≈ 0 is absent. The spectral index is significantly variable about α = 0

throughout the orbit. The average radio luminosity is ∼ 4× 1029 erg s−1 [27].

5.1.6 LMC P3

LMC P3 is the only known extra-galactic gamma-ray binary. The system con-

sists of a ∼ 34 M� O star which orbits with an unidentified compact object. LMC

P3, located in the Large Magellanic Cloud, is variable on a period of 10.3 days with a

moderate eccentricity of 0.4 [173].
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Figure 5.6: The light curve of LMC P3 as seen by H.E.S.S.. The source is only detected
near orbital phase φ = 0.3 [26].

VHE gamma rays

Variable VHE emission from LMC P3 was announced by H.E.S.S. in 2017 [26,

250]. The emission exhibits a peak near φ ≈ 0.3 and is otherwise undetected. The

energy spectrum is consistent with a power law with Γ ≈ 2.5, with no evidence for

spectral variability [250]. The average VHE luminosity is ∼ 5× 1035 erg s−1.

HE gamma rays

HE emission was noticed from the direction of LMC P3 by Fermi -LAT in 2016

[251]. The variable gamma-ray emission apparently leads the VHE emission, peaking

soon after φ ≈ 0 [252]. Spectral variability has not been investigated. The average HE

luminosity is ∼ 4× 1036 erg s−1.

X-rays

An X-ray counterpart was identified in 2016 by Swift-XRT[252]. The emission

is variable around the orbit, peaking near orbital phase φ ≈ 0.5 and thus seemingly

anti-correlated with the HE flux. The energy spectrum is well fit by an absorbed power
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law with Γ ≈ 1.3, while the hydrogen column density could not be constrained [252].

The average X-ray luminosity is ∼ 3× 1035 erg s−1.

Radio

Radio emission associated with LMC P3 was discovered in 2016 [252]. The

emission is modulated with the 10.3 day orbital period, and displays similar behavior

as the X-ray: peaking near φ ≈ 0.5 and hence out of phase with the HE gamma ray

emission.

5.1.7 PSR J2032+4127/MT91 213

PSR J2032+4127/MT91 213 is known to contain a pulsar as the compact object.

The system consists of the ∼ 15M� Be star MT91 213 orbiting with the pulsar PSR

J2032+4127[253, 174]. The system exhibits an extreme (∼ 50 year) period with a

high eccentricity (ε ≈ 0.94). The system lies at a distance of ≈ 1.3 kpc [254]. The

identification of PSR J2032+4127 as a gamma-ray binary is the result of this work

and [30]. We briefly describe its multi-wavelength properties here; see chapter 6 for

detailed results and discussion.

VHE gamma rays

VHE emission from PSR J2032+4127/MT91 213 was detected by VERITAS

and MAGIC in 2017 [30]. The light curve exhibits a double-peaked structure around

periastron, with an initial peak right at the periastron date, and a second peak ∼ 10

days later. The energy spectrum is well described by an exponentially cut power law

with Γ ≈ 1.3 and Ecut ≈ 0.6 TeV. The average luminosity of the source above 200 GeV

is ∼ 7× 1032 erg s−1 (0.4% of the pulsar’s spin-down power). There is no evidence of

spectral variability throughout the orbit.

HE gamma rays

Unpulsed HE emission associated with the binary interaction has not been ob-

served [28, 29]. This could be due to the dominance of the pulsed emission originating
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Figure 5.7: Left : The X-ray (top) and VHE (bottom) light curve of PSR J2032+4127
around periastron. Right : Spectra of PSR J2032+4127 from different portions of
the orbit. The green curve shows the spectrum during the high flux state closer to
periastron, the orange curve shows the spectrum during the low flux state prior to
periastron. The blue curve is the baseline emission from TeV J2032+4130. See chapter
6 for details.

from the pulsar’s magnetosphere. Using the pulsed emission from [29] as an upper limit

to the binary emission, the HE luminosity can be constrained to be . 3× 1034 erg s−1

(∼ 20% of the pulsar spin-down power).

X-rays

Enhanced X-ray emission from the region was first reported in 2016 [174]. The

X-ray light curve also displays a double-peaked structure, reaching a minimum around

periastron bracketed by maxima days before and after [30]. The average X-ray lumi-

nosity (0.3-10 keV) is ∼ 4× 1032 erg s−1 (0.25% of the pulsar’s spin-down power) [32].

The X-ray spectrum is variable, becoming harder close to periastron [255], with possi-

ble rapid softening coincident with the post-periastron flare [256]. The X-ray spectrum

is consistent with a broken power law with the break occurring between ∼ 4 − 8 keV

[255, 256].
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Radio

Radio emission associated with the binary interaction was reported in 2019

[255]. The radio emission mirrors the X-ray emission, with a sharp dip near periastron

and a bright flare a few days later. The pulsed radio component disappeared during

this time, fading away near periastron, and not returning for ∼ 20 days. During the

brightest radio flares, the spectrum can be described by a power law with α ∼ −0.7.

The spectrum is more complex at other epochs [255].

5.1.8 Recent Discoveries

A number of gamma-ray binaries were discovered during the time of writing this

work, they are briefly summarized here.

HESS J1832-093

HESS J1832-093 was first discovered at VHE energies by H.E.S.S. in 2015 [257].

Although the VHE flux was not found to be variable, variability was subsequently

observed in the X-ray light curve, providing evidence that the source is a gamma-ray

binary [258]. Further multiwavelength studies established that the source is likely in

the vicinity of a massive O or B type star, and that it exhibits a non-thermal spectrum

in the radio, X-ray, and GeV bands which is very similar to other known gamma-ray

binaries [259, 260]. Taken together, the evidence points overwhelmingly toward an

interpretation of HESS J1832-093 as a gamma-ray binary. The orbital period of the

binary is 86.28± 3.77 days.

4FGL J1405.1-6119

4FGL J1405.1-6119 was first discovered as a source of GeV gamma-rays by

Fermi -LAT in 2010 [261]. Corbet et al (2019) subsequently discovered a ∼ 14 day

periodicity in the GeV, X-ray, and radio light curves and identified an O-type star as

its stellar counterpart [262]. This firmly establishes 4FGL J1405.1-6119 as a gamma-ray

binary.
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5.1.9 Summary

Gamma-ray binary systems share a number of common characteristics which

distinguish them as a population from similar systems. All systems exhibit modest X-

ray luminosities with hard spectra and no curvature. The X-ray and VHE luminosities

are comparable in every system. The HE gamma-ray spectrum is typically curved

and similar in shape to most HE gamma-ray pulsars, and does not connect smoothly

with the VHE spectrum. The typical HE luminosity is much greater than the VHE

luminosity. Non-thermal radio emission is observed in all systems.

These characteristics differ from other HMXB systems, which typically exhibit

brighter, curved X-ray spectra with pulsations, and almost always lack radio emission.

Gamma-ray binaries are most luminous in the gamma-ray band of the spectrum (above

1 MeV), which sets them apart from other famous binary systems such as Cygnus X-3

or Centaurus X-3 [27].

5.2 Non-thermal emission

The observed non-thermal emission from gamma-ray binary systems is thought

to be caused by a population of accelerated electrons radiating their energy via syn-

chrotron and inverse Compton cooling. Because the nature of the compact object is

unknown in the majority of systems, the origin of this emission is still an open question

in the study of gamma-ray binaries. If the compact object is an energetic pulsar, as it

is for PSR B1259-63, PSR J2032+4127, and LS I +61◦ 303, then the emission likely

originates at the shock formed by the interaction between the pulsar and stellar wind

(see Figure 5.9). If the compact object is instead a stellar-mass black hole (or an accret-

ing neutron star), then the system probably behaves like a microquasar (an accreting

stellar-mass black hole with relativistic jets which mimics a scaled down quasar) where

the emission likely originates within a relativistic jet. As will be discussed later, the

evidence supports the pulsar-driven scenario in known gamma-ray binary systems.

Regardless of the location of the accelerator, the non-thermal emission is likely

dominated by synchrotron cooling in the local magnetic field and inverse Compton
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cooling by upscattering photons from the massive star.

For diffusive shock acceleration, we assume the shock creates a population of

electrons distributed as a power law in energy (see chapter 1):

N(E) ∝ E−α (5.1)

The maximum energy of accelerated electrons is the energy at which the elec-

trons cool faster than they are accelerated. The highest energy electrons cool via

synchrotron radiation, which has a characteristic cooling time of [59]:

τsync =
3

4

m2
ec

3

σT

8π

B2

1

E
(5.2)

Where σT is the Thomson cross-section. With E = 1 TeV and B = 1 G,

τsync≈ 400 s. The timescale for acceleration of electrons at the shock is at least the
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timescale of gyration in the magnetic field:

τacc ≥ η
RL

c
= η

E

eBc
(5.3)

Where RL is the electron’s Larmor radius and η > 1 is a parameter character-

izing the efficiency of the accelerator (typically η � 1). τacc≈ 0.1 s in the conditions

stated above. τsync decreases with energy while τacc increases; electrons will be accel-

erated up to a maximum energy determined by τacc=τsync:

Emax =

(
3

4

m2
ec

4e

σT

8π

B

) 1
2

(5.4)

Which results in a maximum electron energy of Emax ≈ 60 TeV. At these ener-

gies, the typical Larmor radius (RL ≈ 1011 cm) is smaller than the emission region by

at least an order of magnitude, thus cooling, and not escape, is the dominant factor

determining the maximum energy.

Gamma-ray binary systems are typically radiation dominated for much of the

orbit: the radiation energy density urad dominates the magnetic energy density uB.

This means that inverse Compton cooling dominates over synchrotron cooling, since

τIC
τsync

= uB

urad
. This is true as long as Ephoton � mec

2 in the rest frame of the electron.

Since the typical photon energy is Ephoton ≈ 7 eV, the Thomson cross-section σT is no

longer valid for electrons above ∼ 25 GeV. This scattering takes place in the Klein-

Nishina regime, where the cooling time is [263]:

τIC ≈
64π2(kbT )2E2 + 45(mc2)4

240(mc2)2σTσsbT 4E

(
d

R?

)2

(5.5)

τIC ≈ 20 s for E = 1 TeV, T = 3 × 104 K. In the Klein-Nishina regime, the

inverse Compton cooling time now increases with energy and is eventually overtaken

by synchrotron cooling when τKN = τsync, at around E ∼ 5 TeV for the conditions

used here. This results in a steep break in the inverse Compton spectrum at around

∼ 0.1− 10 TeV, accompanied by a break in the synchrotron spectrum near ∼ 0.1− 10
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Figure 5.10: Cooling time vs energy for synchrotron and inverse Compton radiation.
τacc is also plotted. The first (dashed) vertical gray line denotes τIC =τsync. The second
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cuts off. Values are shown for B = 1 G, T? = 3× 104 K, shock distance d = 0.1 AU.

MeV [264, 27]. An example of the cooling time evolution for relevant processes and

typical physical conditions is shown in figure 5.10.

The location of the break is dependent upon the magnetic field at the shock:

Ebrk ∝ 1
B

. The magnetic field can vary with orbital phase as the location of the

shock with respect to the compact object changes. This introduces variability in the

break energy throughout the orbit, which will modulate the observed flux as well as

the shape of the energy spectrum. Such a spectral cutoff has been observed in two

gamma-ray binary systems. LS 5039 shows a cutoff in the high-state spectrum (near

inferior conjunction) at Ebrk ≈ 9 TeV, while the low-state spectrum (between inferior

conjunction and periastron) of PSR J2032+4127 cuts off near Ebrk ≈ 0.3 TeV. Since

the stellar companion of LS 5039 is hotter than that of PSR J2032+4127 (∼40,000 K
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vs 30,000 K), electrons in the LS 5039 system should enter the Klein-Nishina regime

at a lower energy than those in PSR J2032+4127. All else being equal, this should

result a lower energy cutoff in LS 5039 than PSR J2032+4127, contrary to observations.

This might imply a higher shock magnetic field in PSR J2032+4127 than in LS 5039,

which would tend to lower the break energy. Many other factors influence the energy

spectrum, however, and detailed simulations are the best way to investigate the physical

environment in these systems.

The high-energy gamma-ray spectrum is thought to be formed by a different

electron population than the X-ray/VHE spectrum. The HE spectrum in gamma-ray

binary systems is characterized by a cutoff at low energy which is incompatible with

the VHE spectrum. The typical energy of this cutoff (∼ 1− 10 GeV) is lower than the

expected pair production threshold, and is characteristic of the high-energy spectrum

observed in most gamma-ray pulsars. This similarity has led a number of authors to

invoke a pulsar as the compact object; the HE emission then originates in the pulsar

magnetosphere, or as a result of inverse Compton scattering of stellar photons by

the pre-shock pulsar wind [27]. The former scenario would result in pulsed emission,

though this would be difficult to recognize without knowledge of the pulsar’s period.

HE emission from PSR B1259-63 is not pulsed, which indicates that it originates well

outside the pulsar’s light cylinder [182]. The emission will then vary with orbital

separation and inverse Compton scattering angle. A consistent explanation which

accounts for HE emission in all systems has yet to emerge, and the nature of the HE

emission remains a topic of debate.

As the massive star and compact orbit each other, the physical conditions in

the vicinity of the emission region change continuously. This results in significant

variability in the observed emission. The energy spectrum of the observed emission

is influenced by a number of factors, many of which vary with the orbital phase of

the system. These factors include absorption of VHE photons by the stellar photon

field, the anisotropy of the inverse Compton process, and relativistic doppler boosting

of the post-shock flow. Additionally, the emission region may encounter changing
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magnetic and radiation fields at different orbital phases, which will significantly affect

the relative importance of synchrotron and inverse Compton cooling in these different

environments. These factors create competing effects across the orbit, resulting in

highly complex variability in the observed emission.

Many gamma-ray binary systems comprise highly eccentric orbits such that the

separation distance between the two objects is highly variable (in PSR B1259-63, for

example dapastron

dperiastron
∼ 15). The emission region is thus much closer to both the compact

object and the stellar companion at periastron, leading to an increase in radiation

energy density and magnetic energy density that will increase the intrinsic inverse

Compton and synchrotron luminosities close to periastron. These luminosities are

then modulated by a number of other effects, mostly dictated by the geometry of the

orbit.

Absorption of VHE photons in the proximity of the intense photon field of the

stellar companion is perhaps the most significant effect introducing variability. This

“absorption” actually takes the form of pair production, in which a VHE photon in-

teracts with a stellar photon (typically in the UV range) to create an electron-positron

pair. The energy threshold for pair production upon an interaction between two pho-

tons is given by [265]:

E?Eγ ≥
2m2

ec
4

1− êγ · ê?
(5.6)

Where E?/γ is the energy of the stellar/gamma-ray photon, me is the electron

rest mass, c is the speed of light, and ê?/γ is the unit vector describing the direction of

propagation of the stellar/gamma-ray photon (ê? · êγ = θ in Figure 5.11). The cross

section of the interaction (see [265]) is maximal near the threshold energy. For a typical

Be star, T? ≈ 3 × 104 K and so a typical photon will have energy E? = 2.7kT ≈ 7

eV. Hence an incident gamma ray may pair-produce (during a head on collision) for

energies above Eγ ≈ 40 GeV. The total absorption effect as seen by the observer is a

result of integrating the product of this cross-section and the stellar radiation density

along the line of sight, resulting in heavier absorption in orbital phases where the shock
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Figure 5.11: The geometry of the gamma-ray binary. The star shape represents the
massive star, the block dot represents the position of the compact object at different
points around the orbit. Apastron and periastron are labeled, as are inferior and
superior conjunction (INFC/SUPC).

is closer to the star (higher radiation density) and/or the shock moves behind the star

relative to the observer, where VHE photons must travel the greatest distance through

the photon field. This absorption has been invoked to at least partially explain the drop

in flux observed in many gamma-ray binary systems close to periastron [30, 266, 267].

At inferior conjunction, VHE photons are moving away from stellar photons and

êγ · ê? is maximal, resulting in minimal absorption. Absorption of VHE photons will

create a trough feature in the gamma-ray spectrum, the location, depth, and width of

which depends highly on the viewing geometry of the system [268, 269]. This feature

likely spans several decades in energy (∼ 30 GeV - 30 TeV [269]), making it difficult

to detect with any single instrument. This picture is modified by the radiation of the

e± pairs created by the absorption of the VHE photon. These secondary pairs can

cool via synchrotron or inverse Compton radiation, depending upon the environment

in the vicinity of the stellar companion. If they cool via inverse Compton scattering,

the corresponding VHE photon can again be absorbed, and the process is repeated,

resulting in a cascade until the VHE photon is below the threshold energy. The chief
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effect of this process is to re-emit absorbed flux farther away from the star, making

it less opaque at otherwise highly-absorbed orbital phases. Modeling of this process

is complex, and must account for the orbital geometry of the system relative to the

observer, the ambient magnetic field in the vicinity of the stellar companion, and the

diffusion of electrons in this region [270, 271, 272].

The observed VHE emission also reflects the variable importance of inverse

Compton cooling at different orbital phases. The power radiated by an electron up-

scattering photons from a point source is [27]:

P = σT cU?(1− βµ)
[
(1− βµ)γ2 − 1

]
(5.7)

Where σT is again the Thomson cross-section, U? is the radiation density from the

star, γ is the electron lorentz factor, β = v/c, and µ = ê? · êγ, the cosine of the

angle between the incoming photon and electron. The inverse Compton radiation

will thus tend to be maximal (given constant U?) during orbital phases where the

collision between photon and electron is head-on (µ = −1). This means that, ignoring

absorption effects, a maximum in the VHE light curve might be expected near superior

conjunction, when the star is between the emission region and the observer. In practice,

however, this maximum is often overpowered by the intense absorption effects at that

same orbital phase. This is most clearly observed in the case of LS 5039, where the

maximum and minimum VHE flux correspond approximately to inferior and superior

conjunction, respectively [267]. The high energy threshold for absorption might also

explain why the HE light curve is in anti-phase with the VHE in several gamma-ray

binary systems: if absorption is unimportant in the HE regime, the peaks should follow

the un-absorbed inverse Compton profile, peaking at superior conjunction and fading

at inferior conjunction.

Because the velocity of the post-shock flow can be mildly relativistic, (β ≈ 1/3

[273]), the radiation emitted in this region can be significantly beamed in the direction

of motion. In the case of a pulsar-powered binary, a bow shock is expected to wrap

around the pulsar, with the flow directed away from the stellar companion (see Figure
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5.9). For synchrotron radiation, this has the effect of amplifying the observed flux at

inferior conjunction and suppressing it near superior conjunction. This effect can be

significant, with a maximum flux ∼ 8 times that of the minimum flux [274], and has

been invoked to explain the X-ray variability in LS 5039 and PSR J2032+4127 [274, 28].

For inverse Compton emission, the effect is to reduce the amplitude of modulations,

as electrons at superior conjunction are deboosted and see a lower photon flux, and

vice-versa for inferior conjunction. These effects can become more complex and arise

at different orbital phases in the case that the direction of the post-shock flow is not

purely radial [274]. For microquasar systems, Doppler beaming is not expected to

contribute to variability, as the angle of the jet with respect to the line of sight of the

observer is expected to be steady.

5.3 Summary

The origin of emission in the majority of gamma-ray binary systems remains a

key question. The non-thermal emission in these systems is probably powered either by

the rotational energy of a pulsar or the accretion energy of a black hole. Distinguishing

between these two scenarios remains an important goal in the study of gamma-ray

binaries. Only in three systems, PSR B1259-63, PSR J2032+4127, and LS I +61◦

303, is the nature of the compact object, and thus the probable origin of high-energy

emission, certain. The detection of pulsations from other gamma-ray binary systems

would provide direct evidence of a pulsar as the compact object, however the absence

of pulsations does not preclude a pulsar. A precise measurement of the mass of the

compact object can be used to rule out the presence of a pulsar if M ' 2.1 M� [275]. In

the case of LS 5039, MCO = 3.7+1.3
−1.0M�, if the orbital inclination i ≈ 30◦, however the

inclination in this system is not well constrained [166]. Similarly with HESS J0632+057,

differing orbital solutions have been proposed which lead to different conclusions about

the compact object: Moritani et al (2018,[170]) suggest a mass compatible with a

neutron star for most orbital inclinations, while Casares et al (2012, [169]) favor a

black hole. Similar analyses of other systems have also been inconclusive.
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In the absence of any direct evidence for either a pulsar or a black hole, indirect

evidence implies that the pulsar scenario may be more likely. The general spectral

characteristics shared by gamma-ray binary systems mirror those observed in other

pulsar-related systems. The X-ray and radio spectra are similar to those observed

in pulsar wind nebulae, and and the X-ray spectra do not show a cutoff or turnover

characteristic of accretion-driven systems [27]. The high-energy spectra, with an ex-

ponential cutoff at a few GeV, resemble those of gamma-ray pulsars, though orbital

variability originating in the pulsar magnetosphere is difficult to explain. The cometary

radio morphology observed in several of these systems is indicative of a pulsar wind

scenario. Although the extended radio structure can also be attributed to microquasar

jets, the periodic variability of the position angle in these systems is more suggestive

of a pulsar [276, 27, 211]. Observations of gamma-ray binary systems have nonetheless

been explained in the context of both microquasar and pulsar wind scenarios, and de-

spite moderate indirect evidence favoring the presence of pulsars, the question remains

unresolved for the majority of systems.

In the discussion throughout this chapter, leptonic processes have been assumed

to be responsible for the non-thermal emission. Hadronic emission mechanisms have

also been invoked to explain the emission in both microquasar (e.g. [277]) and pul-

sar wind scenarios ([224]). These models generally invoke proton-proton interactions

between protons originating in either the pulsar wind or in the relativistic jet and

protons in the stellar wind and/or disk. Such models face several challenges. The

long cooling timescale and large Larmor radii of high-energy protons imply that only

a small fraction of particle energy can be radiated before escaping the emission region,

while observations suggest that a significant fraction of available is energy converted to

radiation. The presence of a hot massive star in every system makes inverse Compton

scattering an efficient and therefore quite likely mechanism which also explains the

orbital variability. Conversely, the orbital variability is more difficult to explain using

hadronic models. Finally, the pulsar wind is likely to be dominated by electrons and

positrons, rather than nuclei. Thus, the majority of recent gamma-ray binary models,
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of both the microquasar and pulsar wind variety, have opted for leptonic mechanisms.

Even so, hadronic emission formally remains a possibility.

While gamma-ray binaries still comprise a relatively rare source class, recent

estimates suggest there may be as many as ∼ 200 systems within our galaxy [160].

The currently known systems likely represent the most luminous of all systems, due

to the sensitivity of current instruments. Further exploration of Fermi -LAT data,

and surveys with future instruments, namely CTA, may more than double the size of

the current population. The addition of new sources to examine and model, together

with increased precision of measurements of current systems, is critical to developing a

consistent theoretical framework for these important particle acceleration laboratories.
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Chapter 6

NON-THERMAL EMISSION FROM THE BINARY PSR
J2032+4127/MT91 213

PSR J2032+4127/MT91 213 is a newly discovered gamma-ray binary system

which comprises the young, energetic pulsar PSR J2032+4127 in a long-period, eccen-

tric orbit with the massive Be star MT91 213. Detailed observations of the system

during its periastron passage revealed dramatic variability across the electromagnetic

spectrum. As only the second gamma-ray binary system known to be powered by

a pulsar, observations of PSR J2032+4127/MT91 213 can help to shed light on the

acceleration and emission mechanisms at work in gamma-ray binary systems. The

discovery of TeV gamma-ray emission from PSR J2032+4127/MT91 213 and its sub-

sequent identification as a pulsar-powered gamma-ray binary is the primary result of

this thesis. These results have been published in an Astrophysical Journal Letter [30]1,

and are presented and discussed in further detail within this Chapter.

6.1 PSR J2032+4127/MT91 213

PSR J2032+4127 is a relatively energetic (Ė = 1.7 × 1035 ergs s−1) pulsar

with a period of 143 ms and a characteristic age of 180 kyr. The pulsar was first

discovered at gamma-ray energies in a blind search of Fermi -LAT data in 2009 [278],

and subsequently detected in radio by the Green Bank Telescope [279]. MT91 213 is

a ∼ 15 M� star of spectral type B0Ve with a large circumstellar disk varying in size

from 0.2-0.5 AU [253, 174]. MT91 213 is spatially coincident (to within 4′′) with the

position of PSR J2032+4127.

1 The author of this dissertation is a corresponding author for this publication
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Timing analyses of radio and gamma-ray photons from PSR J2032+4127 in-

dicate a significant evolution in the pulse period of PSR J2032+4127, which is best

explained by Doppler shifting of the period arising from a significant radial velocity.

This points to a binary connection between PSR J2032+4127 and MT91 213 [280, 174].

The most likely orbital solution places the pulsar in a long period (45-50 years) and

highly elliptical (ε ≈ 0.94− 0.99) orbit with its massive companion. The system is lo-

cated in the Cyg OB2 stellar association at a distance of ≈ 1.3 kpc [254]. It is nearby in

the sky to the famous microquasar Cygnus X-3, and lies only about 0.1◦ away from the

center of the unidentified TeV gamma-ray source TeV J2032+41302, whose extended

emission overlaps the location of PSR J2032+4127/MT91 213.

The binary system reached periastron on November 13, 2017. The periastron

passage was the subject of an extensive, months-long multiwavelength observing cam-

paign, focusing on X-ray and VHE emission from the region ([30], this work).

6.2 X-ray observations

X-ray photons are expected to be produced in gamma-ray binaries as electrons

accelerated at the intra-binary shock cool via synchrotron radiation in the local mag-

netic field (see Chapter 5). X-ray observations were secured from Swift-XRT via pro-

posals submitted to the observatory’s guest investigator program, for one of which

the author of this thesis was a co-investigator. Swift-XRT conducted (approximately)

bi-weekly observations of the region for several months prior to and following the peri-

astron passage, with more frequent observations covering the periastron passage itself.

Detailed variability from these observations are described in [30] and are discussed in

more detail below.

6.2.1 Swift-XRT

Swift-XRT is a grazing incidence X-ray telescope on board the Neil Gehrels

Swift Observatory, which was launched in 2004 and remains active [281, 282]. The

2 See Chapter 7 for a more detailed discussion of TeV J2032+4130.
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XRT instrument consists of a 600 x 600 pixel CCD camera with a 23.6′ x 23.6′ field

of view, and is sensitive to photons ranging from 0.2-10 keV. The instrument is most

sensitive at ∼1.5 keV, where the effective area peaks at approximately 120 cm2 and

the angular resolution is 18′′.

6.2.2 Data analysis

Data selection

Publicly available Swift-XRT data from June 16 2008 to December 10 2018,

consisting of 210 individual observations, were selected for analysis. This time span

covers the baseline state of the system, before enhanced flaring activity was noted, and

includes the latest available data, collected several months after the periastron passage.

The exposure of the dataset is concentrated around the periastron passage during the

fall of 2017. All observations were taken in photon-counting mode, during which the

instrument reads out the entire field of view every 2.5 seconds.

The data analysis described in this work and in [30] made use of the standard

HEAsoft tools [283] from version 6.24. The xrtpipeline script was utilized for bias

subtraction and identification and removal of hot or flickering pixels. Photons from

the source were extracted from a 20 pixel (47.2′′) radius circle centered on the location

of PSR J2032+4127. Background events were taken from five regions of the same size

and with the same offset from the camera center as PSR J2032+4127.

Energy spectrum

The number of counts from the pre-defined source (ON) region and background

(OFF) regions were extracted in each energy bin (of width 10 eV) from 0.3 - 10 keV.

The excess counts in each energy bin were then determined following:

Nex = Non − αNoff (6.1)

Where α is the normalization factor used to correct the differing exposures of the two

spectra:
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α =

∑
i,j∈ON E(i, j)∑
i,j∈OFFE(i, j)

(6.2)

With E being the exposure, in seconds, across the entire instrument field of

view. Instrument response functions, including the effective area table and energy

dispersion matrix, were copied from the HEASARC Calibration Database (CALDB).

Spectra from the source and background region, along with the relevant instrument

response files, were then analyzed using the spectral fitting software XSPEC [284].

The spectra were rebinned to ensure a minimum of three counts per energy bin. The

background-subtracted spectrum was then fit (via χ2 minimization) to an absorbed

power law model (phabs*powerlaw in XSPEC):

dN

dE
= e−nHσ(E)K

(
E

1 keV

)−α
(6.3)

Where σ(E) is the photo-electric cross section, nH is the hydrogen column density

in units of 1022 cm−2, α is the spectral index, and K is a normalization constant,

in units of keV−1cm−2s−1 A flux was calculated by integrating the best-fit energy

spectrum; 1 σ uncertainties on the flux measurement were estimated by sampling

from the distribution defined by the best fit parameters and their uncertainties 1000

times. The overall energy spectrum is well-fit with the parameters α = 1.76 ± 0.04,

nH = (9.1± 0.3)× 1021 cm−2, consistent with other spectral studies from this source.

Light curve

The X-ray light curve was constructed by calculating the flux in the manner

described above for every observation in the dataset. Due to the dense sampling rate

across the periastron passage, multiple light curves were constructed with different

binning. The rebinning was accomplished by reading multiple observations into the

xselect tool and merging them into a single event list. Spectra were then constructed

following the procedure outlined earlier. Three different light curves were generated:

an unbinned curve, a curve with a one-day bin size, and a curve with a one-week bin

size. This allows for study of the temporal behavior of the system on multiple time
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scales with minimal statistical uncertainties. The resulting curves for the one-week

bins (a) and one-day bins (b) are shown in the top panel of Figure 6.1.
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(a) Long-term light curve (b) Light curve across periastron

Figure 6.1: X-ray (top panels) and VHE light curves. Figure (a) shows the long-term
light curve starting in early 2016, with week-long bins for the X-ray flux. Figure (b)
shows the light curve with finer bins and zoomed to show detailed variability around
periastron. Shown in gray, and corresponding to the scale on the right-hand side, are
the predicted X-ray and VHE light curves from [28] and [29]. Periastron is indicated
by the vertical dashed line. Figure produced by author and shared from [30].

6.3 VHE Observations

VHE observations were conducted jointly by VERITAS3 and MAGIC. VER-

ITAS is described in detail in Chapter 3; MAGIC is an array of two 17-m diameter

Imaging Atmospheric Cherenkov telescopes located on the island of La Palma in Spain.

MAGIC is further described in [285]. This joint campaign allowed for more dense and

reliable coverage of the source. Since VERITAS does not operate for most of July and

August, MAGIC observations were critical to study the behavior of the source several

months before periastron. The use of multiple instruments at different locations also

3 The author of this dissertation is affiliated with the VERITAS collaboration
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introduces a redundancy to increase the chances of data collection in the case of poor

observing conditions at one site. The results for both VERITAS and MAGIC are pre-

sented in [30]; this work will focus on the VERITAS results, which were produced by

the author of this dissertation.

6.3.1 Data Selection and Analysis

A total of 181.3 hours of VHE data from VERITAS, taken over a 9 year period

from November 2008 to December 2017, were used for the analysis. This included 51.6

hours of archival data taken before 2016 (targeting the nearby source TeV J2032+4130),

30.1 hours taken over the fall of 2016 through the spring of 2017, and 99.6 hours

covering the immediate periastron passage (September through December of 2017).

This dataset consisted of 6 observations, or “runs”, taken in the original VERITAS

configuration (prior to the movement of telescope 1 to its current location, designated

“V4”), 149 runs taken in the current array configuration but prior to the upgrade of

all VERITAS cameras in 2012 (“V5”), and 316 runs taken after the camera upgrade

(“V6”) 4. The exposures and time spans of the total dataset and its sub-datasets are

described in Table 6.1. All data were collected in wobble mode, where the source is

offset by ∼ 0.5◦ to allow for simultaneous background estimation in the field of view

[157]. The distribution of observing time about the orbit of the system is plotted in

Figure 6.2.

All data were analyzed using the EventDisplay analysis package [286]. Several

selection criteria, optimized a priori for a point-like gamma-ray source with a spectral

index similar to that of the Crab Nebula, were employed for data reduction 5,6. These

4 See Chapter 3 for a detailed description of the VERITAS array and its different
configurations

5 See Chapter 4 for a detailed description of the data reduction process

6 The size of the expected emission region (. 1 AU) and distance from Earth (∼ 1.3
kpc) imply an emission region of . 2 mas, much smaller than the point spread function
of VERITAS. Hence a point source is assumed a priori.
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Figure 6.2: The orbit of PSR J2032+4127 (solid line) around MT91 213 (?), as pro-
jected onto the plane containing the line-of-sight and the major axis of the orbit.
VERITAS, MAGIC, and Swift-XRT observing windows are also plotted along the or-
bit.
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Name Exposure [hrs] Time Span
Archival 51.6 2008–2015
Fall 2017 99.6 September–December 2017

Other 30.1 September 2016–June 2017
Total 181.3 2008-2017

Table 6.1: Summary of VERITAS data. Archival data, targeting TeV J2032+4130,
were collected prior to the detection of the binary emission. Fall 2017 data cover the
binary periastron passage and contain the peak of the binary emission. Other data
were taken before the detection of the binary, but too close to the periastron for a
robust analysis of TeV J2032+4130.

Cut Value

size 400 d.c (V4-5), 600 d.c (V6)
# Tels ≥ 2
θ2 < 0.008 (◦)2

mean scaled width −1.2 < msw < 0.5
mean scaled length −1.2 < msl < 0.7

Table 6.2: Selection criteria used in the VHE analysis. “size” = the total signal
accumulated in the image, in units of digital counts (d.c). θ2=the square of the radius
of the source region. Mean scaled width/length are parameters pertaining to the shape
of the image, used to discriminate between gamma-ray and cosmic-ray events. See
Chapter 4 for a full description of these parameters.

cuts are summarized in Table 6.2.

Source detection

While observations of the region over the fall of 2016 and spring of 2017 showed

insufficient evidence for a gamma-ray source associated with the binary [287], a highly

significant signal of 21.5 standard deviations (σ) was observed from the region during

the periastron passage of fall of 2017, resulting in the confirmation of the system as a

newly discovered gamma-ray binary. According to the right ascension and declination

of the maximum VHE emission, the new gamma-ray source was given the name VER

J2032+414.
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Light curve

Two different light curves, one with ∼month-long bins, and one with 2-day bins,

were constructed. Events from the source and background region were summed for each

bin, and significances and fluxes were calculated following the procedure detailed in

Chapter 4. If the statistical significance of the signal from a bin is below 2 standard

deviations, a 95% confidence upper limit, calculated following Helene [288] is used

instead. Both light curves are shown in Figure 6.1.

6.3.2 Morphology and energy spectrum

TeV J2032+4130

TeV J2032+4130 is an unidentified, extended VHE gamma-ray source centered

∼ 0.1◦ away from the location of PSR J2032+4127 and partially overlapping it (see

Chapter 7 for a more detailed study of TeV J2032+4130). It was first detected by

HEGRA in 2005 [105], and has been seen by a number of VHE instruments since. Most

recently, VERITAS reported in 2014 that the extended emission is asymmetrical, and

that the VHE emission coincides with a rare gap in emission at other wavelengths [31].

While the nature of TeV J2032+4130 is still unconfirmed, a pulsar wind nebula rela-

tionship with PSR J2032+4127 appears likely [31]. For this analysis, TeV J2032+4130

was dealt with primarily as a complicating source of background, or “baseline”, gamma-

ray emission which must be accounted for in order to properly understand the emission

from the intra-binary shock.

Because of the overlap between TeV J2032+4130 with PSR J2032+4127/MT91

213, the emission from the region is best understood as a sum of the separate emission

from each individual source. A more complicated model is therefore required to ac-

curately fit the spectrum and morphology of the emission originating from the binary

interaction.
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Energy Spectrum

The observed gamma-ray spectrum from the region comprises both the steady

“baseline” emission, associated with TeV J2032+4130, and the transient “binary” emis-

sion, associated with the intra-binary shock (see the schematic in the top panel of Figure

6.4). The gamma ray emission from the binary interaction was determined by modeling

the observed emission as a superposition of flux from the binary interaction in addition

to the steady, extended emission from TeV J2032+4130. The gamma-ray spectrum of

TeV J2032+4130 was modeled as a power law (Equation 6.4) with a spectral index

bounded by the 1 σ range reported in [31]. For the binary interaction component of

the emission, both an ordinary power law (Equation 6.4) and a power law with an

exponential cutoff (Equation 6.5) were used.

dN

dE
= N0

(
E

E0

)−Γ

(6.4)

dN

dE
= N0

(
E

E0

)−Γ

e
− E
Ecut (6.5)

The gamma-ray spectrum of TeV J2032+4130 has been well-studied (see, for

example: [31] and [1]) and is known to exhibit a hard power-law shape with an index

near ∼ 2. Initially, one might assume that the spectrum of the binary emission could

be examined simply by subtracting the known spectrum of TeV J2032+4130 from the

observed spectrum of the Fall 2017 dataset. The observed spectrum from Fall 2017,

however, was extracted from a relatively small (0.09◦ radius) region which is offset from

the center of TeV J2032+4130 by ∼ 0.1◦. The emission from TeV J2032+4130 in this

region is significantly weaker and, due to the relatively small statistical sample, a precise

measurement of the spectrum could not be obtained from the available archival data

(data collected before the appearance of the binary emission). Such a measurement

is nonetheless necessary in order to study the spectrum of the binary component of

the emission. In order to more precisely estimate the contribution of this baseline

emission from TeV J2032+4130, a joint fit was conducted with the archival and newly
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collected data. The two-component model was fit to the dataset from fall 2017, while

the baseline power law component of the model was simultaneously fit to the archival

dataset of TeV J2032+4130 (see Figure 6.4). Simultaneous, in this context, means

that the χ2 statistic that was minimized was constructed by summing the individual

χ2 values from the residuals of each model-dataset pairing:

χ2 = χ2
baseline + χ2

baseline+binary

Such a joint fit mechanism enables the otherwise poorly-measured spectrum of

the baseline to be informed by the newly collected data containing the binary emission.

The archival data used for the fit were re-analyzed with the same source region and

data reduction cuts as the analysis of the binary interaction. The results of this fit are

given in Table 6.3 and plotted in Figure 6.5. For the binary component, both a power

law and a power law with an exponential cutoff were tested. The spectrum of the

intra-binary interaction strongly favored (as determined by an F test comparing the

two χ2 values) an exponentially cutoff power law model with a cutoff between 0.4–0.8

TeV.

To search for spectral variability, the data were divided according to flux level.

To ensure sufficient statistics in each of these datasets, only two are defined: one

“high state” containing data with a measured flux ≥ 1 × 10−11 cm−2 s−1 and one

“low state” comprising the remaining data, and limited to data taken prior to the

periastron passage. This allows the spectral variability to be assessed as a function of

either flux or time (the low state data are lower in flux and were collected entirely prior

to the high state data). The same joint fit mechanism as described above was used

to determine the spectral parameters, except with three model-dataset pairs instead

of two. A baseline-only model was fit to the archival dataset, a baseline + low state

model was fit to the low state dataset, and a baseline + high state model was fit to the

high state dataset. The χ2 statistic was constructed in the same manner as described

above:

χ2 = χ2
baseline + χ2

baseline+low + χ2
baseline+high
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Figure 6.3: The VERITAS skymap of TeV J2032+4130 from [31]. The position of PSR
J2032+4127 is indicated by the blue star while the black triangle indicates Cyngus X-3.
The red circles show the telescope pointing position, which was equidistant from both
TeV J2032+4130 and Cygnus X-3. Figure produced by author and shared from [30].

The results of this fit are shown in Table 6.3 and plotted in Figure 6.5. The low state

spectrum, similar to the average spectrum, strongly favored a cutoff, this time ranging

from 0.2–0.5 TeV. The high-state spectral fit was not significantly improved by the

addition of a cutoff, so the simpler power law model was assumed. It is important to

note that this result does not exclude the possibility of a spectral cutoff in the high

state, it only indicates that there is insufficient evidence in support of one.
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Baseline Binary Observed+ =

Baseline 
(PL)

Binary 
(PL or PLEC)+

FIT

Baseline 
(PL)

FIT

Model

Model

Fall 2017

Dataset

Archival

(before 2016)

Dataset

Figure 6.4: Top: A schematic illustrating the total observed spectral and individual
spectral components described in the text. The observed emission is the sum of the
“basline” emission (from TeV J2032+4130) and the transient binary emission (VER
J2032+414).
Bottom: A schematic illustrating the joint fit process described in the text. Two
different models were simultaneously fit to two different datasets. One model was used
to describe the Fall 2017 dataset, during which the binary emission was significantly
detected. A second model was used to describe the archival, pre-2016 dataset. The first
model consisted of a power-law baseline component together with a binary component,
for which both a power law (PL) and power law with an exponential cutoff (PLEC)
were tested. The same baseline component used in this model was simultaneously
used in the second model and fit to the archival (pre-2016) dataset. The best fit was
determined by minimizing the χ2 statistic across both model-dataset pairs.
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Figure 6.5: Spectral energy distribution and fits for the 2017-averaged dataset (top
panel) and the dataset separated by flux state (bottom panel). Figure produced by
author and shared from [30].
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Period Model N0 E0 Γ EC χ2/dof
[cm−2 s−1 TeV−1] [TeV] [TeV]

Archival PLbaseline (8.78 ± 2.56) ×10−15 3.47 2.14 ± 0.53 -
40.6/7

Fall 2017 PLbaseline + PLbinary (1.53 ± 0.14) ×10−12 0.70 2.81 ± 0.09 -
Archival PLbaseline (7.62 ± 1.51) ×10−15 4.18 2.14 ± 0.29 -

8.6/6
Fall 2017 PLbaseline + PLECbinary (8.04 ± 3.37) ×10−12 0.64 1.26 ± 0.45 0.57 ± 0.20
Archival PLbaseline (4.65 ± 1.18) ×10−15 4.98 2.14 ± 0.85 -

26.8/10Low State PLbaseline + PLbinary (8.12 ± 3.77) ×10−14 1.76 2.86 ± 0.11 -
High State PLbaseline + PLbinary (9.69 ± 1.75) ×10−13 1.17 2.72 ± 0.15 -
Archival PLbaseline (1.23 ± 0.24) ×10−14 3.43 2.14 ± 0.28 -

7.9/9Low State PLbaseline + PLECbinary (1.63 ± 1.12) ×10−11 0.56 0.65 ± 0.75 0.33 ± 0.13
High State PLbaseline + PLbinary (1.45 ± 0.18) ×10−12 1.00 2.73 ± 0.15 -
Archival PLbaseline (1.26 ± 0.25) ×10−14 3.39 2.14 ± 0.28 -

7.2/8Low State PLbaseline + PLECbinary (1.64 ± 1.12) ×10−11 0.56 0.65 ± 0.75 0.33 ± 0.13
High State PLbaseline + PLECbinary (1.20 ± 0.41) ×10−11 0.51 2.37 ± 0.50 2.39 ± 3.23

Table 6.3: Best-fit spectral parameters for the intra-binary shock component for the
data periods described in the text. Each cell shows the results of a joint fit performed
across 2 or 3 model-dataset pairs. For each row within a cell, the best fit parameters
shown correspond to the boldface model component. Fits are shown for both power law
(PL) and power law with an exponential cutoff (PLEC) models. Parameters shown are
the flux normalization N0 (which is calculated at the decorrelation energy E0), spectral
index Γ, cutoff energy Ec (for PLEC models), and the χ2 for the joint fit (as described
in the text).

Morphology

Much like the energy spectrum, the spatial morphology of the region results

from a combination of both baseline emission from TeV J2032+4130 in addition to a

binary emission component. A two component model was therefore also required to

study the morphology of the region. An asymmetric, bivariate Gaussian model was

used to model TeV J2032+4130, while a symmetrical Gaussian was used to model PSR

J2032+4127/MT91 213. The emission from the region was assumed to be a combina-

tion of these two models. Because a morphological analysis utilizes information from

the entire field of view, the limitation of low statistics from a small, offset extraction

region that applied to the spectral analysis is not applicable in this analysis. The

complex joint-fit mechanism is therefore unnecessary, and the morphological analysis

can rely upon a precise estimate of TeV J2032+4130 using archival data alone. This

analysis was carried out in [1], whose parameters are copied in Table 6.4.

The two-component model, with the bivariate Gaussian component’s parameters
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Name RA (J2000) Dec (J2000) σ1 σ2 θ
TeV J2032+4130 20h31m33s ± 2s 41◦34′38′′ ± 36′′ (0.19± 0.02)◦ (0.08± 0.01)◦ (41± 4)◦

VER J2032+414 20h32m10s ± 2s 41◦26′34′′ ± 16′′ - - -

Table 6.4: Best-fit morphology parameters for TeV J2032+4130 and VER J2032+414.

fixed to those in [1], was fit to the fall 2017 dataset. The results of this fit are given

in Table 6.4 and plotted in Figure 6.6. The emission from the binary interaction is

unresolved (the 1σ radius of the source is smaller than the VERITAS point spread

function) and the position is consistent with the location of PSR J2032+4127.

6.4 Discussion

Non-thermal emission from pulsar-powered gamma-ray binaries is driven by the

synchrotron and inverse Compton cooling of electrons which have been accelerated at a

shock formed between the pulsar and the massive star. The variable emission from PSR

J2032+4127/MT91 213 can be studied to better understand the physical environment

at the location of the shock. Here we offer a brief summary of wind-collision shocks

and investigate the key observational results of PSR J2032+4127/MT91 213 in this

context.

6.4.1 The intra-binary shock

The most likely mechanism for particle acceleration in pulsar-powered gamma-

ray binaries is an MHD shock formed at the interface between the relativistic pulsar

wind and the stellar wind of the massive companion [289, 290, 27]. In this scenario, a

shock forms between the pulsar and the massive star at a distance Rs from the pulsar

where the pulsar wind pressure is balanced by the pressure of the stellar wind:

Ppw =
Ė

4πR2
sc

= Pw = ρwv
2
w =

Ṁvw
4π(d−Rs)2

(6.6)

Where d is the instantaneous distance between the pulsar and the star and vw is the

escape velocity of the stellar wind. Rs is thus determined by the ratio of the pulsar

wind momentum and the stellar wind momentum η = Ė/c

Ṁvw
as:
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Figure 6.6: Significance sky map for VERITAS. The morphology of TeV J2032+4130
(VER J2031+415) is indicated with the dashed ellipse. The centroid of the binary
source (VER J2032+414) is indicated by the black circle. The black cross denotes the
location of the pulsar PSR J2032+4127, as well as the massive companion MT91 213.
The white circle indicates the gamma-ray point spread function for VERITAS. The
white x’s indicate telescope pointing positions. Figure produced by author and shared
from [30].
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Rs =
η

1
2

1 + η
1
2

d (6.7)

In most gamma-ray binaries, η � 1 and the shock is located close to the pulsar.

Assuming an escape velocity vw ≈
√

2GM?

R?
≈ 8×107 cm s−1, a typical Be star mass loss

rate (∼ 10−9 − 10−7 M� yr −1), and Ė ≈ 1.7 × 1035 erg s−1, η ≈ 0.1 and Rs ≈ 0.25d.

If η < 1, the bow shock will wrap around the pulsar, causing the post-shock flow to

move away from the star at v ∼ c/3 [273]. This scenario is illustrated in Figure 6.7.

The post-shock magnetic field is sourced by the magnetized pulsar wind [273]:

B = 3(1− 4σ)

(
Ė/c

R2
s

σ

1 + σ

) 1
2

(6.8)

Where σ is the ratio of magnetic energy to kinetic energy in the pulsar wind:

σ =
B2

4πΓnemec2
(6.9)

Where Γ and ne are the lorentz factor and number density of the pulsar wind. Far

from the pulsar, σ � 1 [273]. Assuming σ = 10−3 (e.g. [273]), Rs ≈ 1012 cm, and

Ė = 1.7 × 1035 erg s−1, B ∼ 0.1 G. Electrons from the pulsar wind are accelerated

at the shock via the first-order Fermi mechanism, and radiate in the presence of the

orbitally-modulated magnetic and radiation fields, as described in Chapter 5.
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Figure 6.7: The geometry of the intra-binary shock. Reproduced with permission from
[27].
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6.4.2 Light Curve

The orbital modulation of the light curve and energy spectrum of PSR J2032+4127/MT91

213 reflect both the changing environment at the location of the shock and the changing

geometry of the system as seen by the observer. The steady increase in X-ray and TeV

emission from the system leading up to periastron is the result of the shock location

moving closer to both the pulsar and the massive star (and therefore into more intense

magnetic and radiation fields). This increases the synchrotron and inverse Compton

luminosity, respectively.

The X-ray flux attains a maximum approximately 30 days before the periastron

passage, after which it steadily decays until the periastron passage. In the model

presented in [28], this feature can be understood by examining the evolution of the

magnetization in the pulsar wind together with the diminished doppler boost as the

system moves past inferior conjunction and the post-shock flow angles away from the

observer. This model investigates a radial dependence to the magnetization parameter

σ(r) ∝ r−α. The synchrotron luminosity is maximal when σ is large enough for a

strong magnetic field, yet small enough to deliver enough kinetic energy to particles

in the downstream flow. σ ≈ 0.1 is optimal for maximum synchrotron luminosity;

this has the somewhat unintuitive effect of suppressing the synchrotron luminosity if

the shock moves closer to the pulsar such that σ > 0.1 [28]. Doppler boosting of the

post-shock flow will also affect the variability of the observed emission. At inferior

conjunction (∼ 5 months before periastron) the X-ray photons are being emitted from

a frame that is moving rapidly (∼ c/3) toward the observer, boosting the observed

flux. This effect diminishes after inferior conjunction when the post-shock flow angles

away from the line of sight. The maximum and subsequent decay in the X-ray flux is

therefore understood as the interplay between the orbitally modulated σ together with

the doppler boosting of the post-shock flow. Model light curves produced using this

formulation are drawn along with the data points in Figure 6.1.

Conversely, the maximum and decay of the X-ray flux can be explained if the

disk of the Be star is inclined relative to the orbital plane [32, 33], as is the case for
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PSR B1259-63. This has the effect of shadowing some of the stellar wind over certain

segments of the orbit, which increases η and moves the shock away from the pulsar

toward the stellar companion (Equation 6.7). This decreases the magnetic field while

simultaneously increasing the radiation field at the shock location, decreasing the X-

ray flux while increasing the VHE flux. The inclined-disk scenario is supported by

an observed radio eclipse of the pulsar near periastron which has been attributed to

free-free absorption by the dense circumstellar disk [32]. A similar effect is seen when

a complex model of the stellar wind is considered. Petropoulou (2017,[291]) investi-

gated the effect of an anisotropic stellar wind with varying dependencies on distance

and polar angle relative to the star. This variable wind density introduces complex

variability in η which will modulate the X-ray and TeV flux and could contribute to

the observed features in the light curves. It should be noted that while each of the

effects described here and in the previous paragraph (varying σ in the pulsar wind,

varying η via shadowing and wind anisotropy) were investigated separately, they are

not mutually exclusive and may all contribute to the observed emission.

The most prominent feature of the VHE light curve is a sharp drop in flux

beginning a few days after the periastron passage and lasting for about one week.

The coincidence of this feature with the superior conjunction of the system (∼ 10

days after periastron) points to photon-photon absorption (pair production) in the

stellar radiation field as the likely cause (see Chapter 5 for a detailed discussion of this

effect). A similar dip feature is observed in both LS 5039 and PSR B1259-63. Photon-

photon absorption has been invoked to explain this feature in both systems [267, 266],

although enhanced non-radiative losses (i.e adiabatic cooling, particle escape from the

acceleration site) might also play a significant role [292].

The X-ray light curve exhibits a short flare feature approximately one week

after the periastron passage, lasting for ∼ 20 days. This flare is not anticipated by

the quantitative model generated by [28, 29]. A natural explanation could be an

interaction between the pulsar and the disk of the Be star. Similar X-ray flares before

and periastron in PSR B1259-63 have been attributed to the pulsar crossing the inclined
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Figure 6.8: A hydrodynamic simulation of an inclined disk model. The Be star is at
the center of each image, the pulsar is indicated by the bright point. Images show
snapshots in time relative to periastron, which is annotated on the image. The scale
shows relative density in the vicinity of the star. The disk creates a wind “shadow”:
a less dense region which moves the binary shock closer to the star. Reproduced from
[32].

disk of the Be star (e.g. [190]). In this scenario, the pulsar penetrates the disk of its

massive companion, and the pulsar wind is completely confined by disk matter. This

results in a far greater conversion of pulsar spin-down energy to particle acceleration,
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increasing the non-thermal luminosity. Takata et al (2017,[28]) expect this increase to

be most apparent in the X-ray regime, as the cooling is synchrotron dominated in this

scenario. This penetration can only happen if the disk is dense enough to withstand

truncation by the pulsar wind [293, 28]. Takata et al (2017,[28]) find that if the base

density of the disk is below ρ0 ≈ 10−10 g cm−3, the disk will be truncated by the pulsar

wind at a radius smaller than the pulsar orbit, and the pulsar will not cross the disk.

Significant truncation of the disk before periastron has indeed been reported [32, 33].

Li et al (2018,[29]) note that the time scale of the flare is significantly longer than the

time required for the pulsar to traverse the disk. This can be explained if a significant

amount of disk matter piled up ahead of the pulsar and influenced the geometry of

the shock on a longer time scale. Accretion of stellar material onto the pulsar is also

possible if the pulsar enters the dense disk. If the disk is sufficiently dense, and the

relative velocity of the pulsar and disk rotation is sufficiently low, the disk matter will

be stopped by the pulsar wind inside the Bondi radius rB ≈ 2GMpsr

v2 . This could result

in the formation of an accretion disk around the pulsar which radiates UV photons that

are subsequently upscattered by the pulsar wind. Such an effect may be observable

in the HE or VHE regime [28]. While the observed VHE light curve does not show

evidence of this, the VHE flux is neither precisely measured nor frequently sampled

after recovering from the post-periastron dip, and such a feature may have been missed.

Accretion of the stellar wind onto the pulsar is not likely, as the pulsar wind will stop

the more tenuous stellar wind far beyond the Bondi radius [255].

As was discussed previously, the time-dependent emission from this system has

been modeled quantitatively by [28], and subsequently revised with the addition of

more X-ray data by [29]. It is worthwhile to compare the predictions of this model

with the observations. The data and model predictions are plotted together in Figure

6.1. The model corresponds to a radial evolution of σ such that σ ∝ r−2, an orbital

inclination i = 60◦, and a pulsar wind lorentz factor Γ = 104. The X-ray light curve

is well described by the model prior to periastron. The post-periastron flare is not

predicted by the model, which did not account for the disk interaction described above.
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The model clearly fails to explain the VHE variability across the periastron, missing

both the location of the maximum and the short time scale of the flux variability.

It must be noted that the model parameters have been optimized in the absence of

any VHE data, and it may be possible to explain both the X-ray and VHE light

curve within the framework of this model. Even so, it is useful to discuss possible

reasons for this rather significant discrepancy. An imprecise knowledge of the orbital

geometry of the system is likely at least partially responsible for this shortcoming. The

inverse Compton luminosity is highly sensitive to the viewing angle of the observer,

and alteration of the orbital inclination, for example, can significantly effect the rate

of variability (see Figure 12 from [28]). Similarly, if the post-periastron flux dip is due

to photon-photon absorption, then the location and time scale of the dip depends on

the viewing angle of the observer as well as the orientation of the orbit within the

orbital plane [266, 294]. Additionally, this model does not consider anisotropies in

the stellar wind, which can arise intrinsically (i.e. [291]) or as a result of the inclined

disk of the star ([32, 33]). Finally, while adiabatic losses were included in this model,

a more sophisticated treatment of non-radiative losses, including orbitally-modulated

adiabatic cooling and particle escape, may be necessary to characterize the observed

variability [292, 295].

High-energy (MeV-GeV) emission is observed in every gamma-ray binary sys-

tem. Emission from PSR J2032+4127/MT91 213 in this energy range has been the

subject of several analyses [28, 29, 33]. No evidence has been found for emission be-

yond the pulsed emission originating in the pulsar magnetosphere. We can set a crude

upper limit to the intra-binary emission using the pulsed flux to find the luminosity

LHE ≤ 2 × 1034 erg s−1. This corresponds to ≈ 10% of the pulsar’s spin-down power

and implies LHE ≤ 30LV HE, which is not very constraining compared to other gamma-

ray binary systems (LHE ∼ 20LV HE). The high-energy emission should be investigated

further by employing a robust timing analysis to remove the pulsed emission.
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6.4.3 Energy Spectrum

The non-thermal energy spectrum is formed as electrons accelerated at the shock

cool via synchrotron radiation, inverse Compton scattering, or non-radiative processes

such as adiabatic expansion or escape from the emission region. The intrinsic spectrum

depends upon the physical conditions at the shock such as magnetic and radiation fields

and orbital separation; the spectrum seen by the observer will also depend on the

viewing geometry of the system. Examination of the spectrum can therefore provide

insight into the physical conditions at the acceleration site.

As is thought to be the case in PSR B1259-63, adiabatic/escape losses may be

dominant in PSR J2032+4127/MT91 213, particularly close to periastron [292, 295,

28, 33]. While difficult to formulate analytically, such losses typically exhibit a cooling

time scale of τ ∝ d/v, where d can be as small as the characteristic size of the emission

region and v ≈ c/3 is the characteristic speed of the downstream flow. A key feature of

the VHE energy spectrum is the break at Eγ ≈ 0.3− 0.5 TeV. This feature is observed

both in the pre-periastron low state as well as the time-averaged dataset. Observations

of the post-periastron high state show no evidence of such a break but cannot rule this

feature out. This feature reflects a transition from one cooling mechanism to another.

If non-radiative losses dominate, this will be a transition from non-radiative losses to

synchrotron losses. Otherwise, it could be a transition from inverse Compton to either

non-radiative processes or synchrotron cooling. Precise measurements of the indices

of the power law before and after the break could distinguish between these scenarios,

but this is impractical with the sensitivity of current instruments.

For inverse Compton cooling, a break in the low-state photon spectrum at Eγ ≈
0.2−0.5 TeV corresponds directly to a break in the electron spectrum at approximately

the same energy. If the transition is from inverse Compton cooling to synchrotron

cooling, then the magnetic field at the shock can be approximated by equating the

cooling time scales for the two processes (see Chapter 5):

τsync =
3

4

m2
ec

3

σT

8π

B2

1

E
= τIC ≈

64π2(kbT )2E2 + 45(mc2)4

240(mc2)2σTσsbT 4E

(
d

R?

)2

(6.10)
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The inverse Compton cooling time is determined by the Be star temperature T? =

30, 000 K and the distance from the star to the shock, which ranges from d? ≈ 1.5 AU

to d? ≈ 0.6 AU over the dataset collection time. Under these conditions, a break at

Eγ ≈ 0.2− 0.5 TeV implies a magnetic field of B ≈ 0.4− 0.8 G. This also results in a

synchrotron break in the X-ray spectrum at Eγ ≈ 3
2

(
Ee
mec2

)2

~ eB
mec
≈ 2− 13 keV, which

is consistent with the X-ray break observed during this time period at Eγ ≈ 5 keV

[255, 256].

It is possible that the X-ray break arises from the minimum energy threshold

of the accelerated electrons, which would be related to the bulk kinetic energy of the

pulsar wind. This is the interpretation suggested by [256]. Uchiyama et al (2009,[296])

attributed a similar break in the X-ray spectrum of PSR B1259-63 to this phenomenon.

That study found Epw ≈ 0.2 TeV (γpw ≈ 4 × 105). If the same value holds for PSR

J2032+4127/MT91 213, then B ≈ 1− 2 G is required to reproduce the feature in the

X-ray spectrum. Unless Epw is higher, the corresponding break in the inverse Compton

spectrum will be below the energy threshold of the observations, and the X-ray and

TeV breaks will be unrelated. This scenario implies a second X-ray break ∼ 5 − 10

keV after the first (corresponding to the inverse Compton break), which is either not

observed or statistically indistinguishable from the first.

Pal et. al (2019,[256]) found evidence for an increase in the break energy close

to periastron, from Ebrk ≈ 5 keV to Ebrk ≈ 13 keV. If this is caused by the low-energy

threshold as discussed above, then this implies an increase in the magnetic field, from

B ≈ 1−2 G before periastron to B ≈ 4−5 G at periastron, which is naturally explained

by the movement of the shock closer to the pulsar as the system approaches periastron.

Conversely, a quickening of non-radiative losses around the periastron could cause a

similar shift in break energy. It should be noted that a similar analysis conducted by

[255] does not confirm the variability in the break energy reported by [256].

Chernyakova et. al (2020,[33]) conducted SED modeling of data corresponding

to the VERITAS/MAGIC high state (see Figure 6.9). This analysis considers escape-

dominated cooling for most energies until synchrotron cooling takes over at ∼ 5 TeV.
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Figure 6.9: SED model of PSR J2032+4127/MT91 213 over the high state, reproduced
from [33].

The resulting X-ray-TeV SED is best fit with a magnetic field of B ≈ 0.2 G. This

results in a break in the VHE spectrum at ∼ 5 TeV, and a break in the synchrotron

spectrum at ∼ 300 keV. Because the X-ray break occurs in an unobserved region of

the spectrum, and the VHE break cannot be ruled out for the high-state spectrum,

these predictions are consistent with the observations. These authors do not confirm

the spectral break reported by [255] and [256], possibly because the break location is

near the low-energy threshold of the analysis.

As discussed in Chapter 5, at least one spectral break is expected in all gamma-

ray binary systems due to the eventual transition to synchrotron cooling. PSR J2032+4127/MT91

213 is one of only two gamma-ray binaries to exhibit such a cutoff in the VHE spectrum.

In the other system, LS 5039, the cutoff is present in the high state and is significantly

higher, Ebrk ≈ 8.7 TeV. SED modeling of this feature yields a magnetic field of B ≈ 0.8
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G [267]. The absence of a cutoff when the system is farther from periastron is probably

indicative of a lower magnetic field when the shock moves away from the pulsar. Com-

parisons between LS 5039 and PSR J2032+4127/MT91 213 are not straightforward

since the periastron “high” state in the latter system neither confirms nor precludes

the existence of a cutoff. The companion star in LS 5039 is significantly hotter than

MT91 213, which should lower the energy at which inverse Compton scattering enters

the Klein-Nishina regime as well as the inverse Compton cooling time. SED modeling

of both systems at periastron suggests a higher magnetic field (B ≈ 0.8 G) in LS 5039

than in PSR J2032+4127 (B ≈ 0.2 G). The higher magnetic field, combined with the

lower Klein-Nishina energy, should lower the cutoff energy in LS 5039 compared to PSR

J2032+4127. This effect may compensated for by the lower overall cooling timescale

for inverse Compton scattering in the more energetic radiation field of LS 5039. A

more precise measurement of the periastron spectrum in PSR J2032+4127 is required

for a robust comparison.

Recent observations of PSR B1259-63 show no evidence for a spectral break in

the VHE spectrum between 0.2-40 TeV [20]. It is possible that the break due to the

transition to synchrotron cooling occurs below 0.2 TeV and the spectrum observed by

H.E.S.S. is the high-energy component of a broken power law. The detection of ∼ 40

TeV photons indicates that electrons are being accelerated up to approximately this

same energy. For a magnetic field of ∼ 2 G, synchrotron cooling becomes faster than

the minimum acceleration timescale for diffusive shock acceleration around this energy.

The detection of higher energy photons therefore constrains the upper bound of the

magnetic field, or implies a different acceleration mechanism.

While PSR B1259-63 and PSR J2032+4127 share similar X-ray light curves,

they exhibit different spectral behavior. While the X-ray spectrum of PSR B1259-63

softens significantly (from Γ ≈ 1.5 20 days prior to periastron to Γ ≈ 2 at periastron

[190]), PSR J2032+4127 shows the opposite behavior, hardening from Γ ≈ 2 hundreds
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of days before periastron to Γ ≈ 1.5 at periastron [255, 33].7 Chernyakova et. al

(2020,[33]) propose that this discrepancy is related to a higher-density environment in

PSR B1259-63 compared to PSR J2032+4127 due to the more prominent Be star disk

measured in the former. This could cause the electron cooling in PSR J2032+4127 to

be escape-dominated throughout the periastron, resulting in a harder spectrum. Ng et.

al (2019,[255]) also suggest that the hardening is due to increasing non-radiative losses

near periastron. Pal et al. (2019,[256]) report a brief softening in the X-ray spectrum

near the same time as the post-periastron flare. This supports the interpretation of an

interaction with the stellar disk, which would dramatically increase the synchrotron

cooling efficiency and soften the X-ray spectrum.

Near superior conjunction, the VHE emission is significantly suppressed by

photon-photon absorption. The optical depth is likely maximal near ∼ 100 GeV

[28, 297] and may be greater than unity over much of the high-energy spectrum. This

likely results in a large trough feature in the energy spectrum beginning around this

same energy. Although the primary VHE photons are significantly absorbed during

this time, the pair production may initiate an e± cascade which can re-radiate VHE

photons and reduce the effective opacity of the system (see Chapter 5). Bednarek et

al. (2017,[297]) considered the effect of secondary emission from cascades and found

that this process may be dominant below ∼ 100 GeV. The overall effect on the VHE

spectrum will be a suppression and hardening near the phase of maximal absorption.

A similar hardening due to absorption is expected from PSR B1259-63 [266]. The

sensitivity of current instruments is not sufficient to detect such a feature in either

system.

7 Note that the dramatic difference in timescale (tens of days in PSR B1259-63 vs
hundreds of days in PSR J2032+4127) is due to the large difference in orbital period:
(∼ 1200 days vs ∼ 17000 days)
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6.5 Conclusion

The detection of VHE emission from PSR J2032+4127/MT91 213 marks the

discovery of only the second gamma-ray binary with a pulsar confirmed to be the com-

pact companion. The VHE emission exhibits a peak luminosity of L ≈ 2×1033 erg s−1

(∼ 1.3% Ė) and is variable by a factor of 10 over the periastron passage. The X-ray

emission peaks at L ≈ 8 × 1032 erg s−1 (∼ 0.4% Ė) and varies by a factor of ∼ 5.

The comparable X-ray and VHE luminosity observed in this system is similar to other

gamma-ray binaries.

While the quantitative model developed by [28, 29] fails to reproduce the ob-

served TeV emission, the assumption that the emission is of leptonic origin is not likely

to blame. Hadronic models are disfavored in gamma-ray binaries for several reasons,

see Chapter 5. Hadronic emission requires a mostly proton-loaded pulsar wind which

interacts with protons in the dense circumstellar disk of the massive star [298]. In this

scenario, non-thermal emission should peak when the pulsar is near the stellar disk.

Even if the pulsar wind is proton-loaded (which is not likely), this model is unable to

account for emission farther away from the disk, where the stellar wind is not nearly

dense enough for effective proton-proton interactions. Furthermore, the proton ener-

gies required for ∼ TeV photons implies larmor radii comparable to or larger than the

characteristic size of the emission region [27]. The anti-correlation between X-ray flux

and VHE flux leading up to periastron is also not reproducible within this framework.

Leptonic processes are thus far more favorable in models of binary systems.

One obvious limitation faced by modelers is a poorly constrained knowledge of

the orbital geometry of the system. Many effects known to modulate the emission de-

pend both on the pulsar’s position relative to the massive star as well as the viewing an-

gle of the observer. Orbital parameters in these systems are typically inferred from ra-

dial velocity measurements of the massive star. If pulsations are observed, the evolution

of the pulse period about the orbit can also be used to constrain the orbit [178, 280, 174].

Parallax measurements can provide additional insight [165]. Constraints on orbital pa-

rameters are improved with increased coverage of the orbital phase, and estimates of
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the orbital geometry using different parts of the orbit can differ dramatically. In the

case of HESS J0632+057, an orbital solution resulting from an analysis over several

orbits with full phase coverage results in an entirely different geometry from an earlier

estimate using the same methodology and a smaller dataset [170, 169]. The addition of

more phase coverage from the orbit of PSR J2032+4127/MT91 213 altered the geome-

try of the system and accurately predicted the date of periastron. Pulsations were first

seen from PSR J2032+4127 in 2009, and thus (at the time of writing) a maximum of

∼ 20% of the ∼ 50 year orbit has been observed. Additionally, published estimates of

the orbit are based solely on pulsar timing; optical spectroscopy and radio resolution

of the orbit can further constrain the geometry of the orbital plane. This has been the

case with PSR B1259-63, which was discovered much earlier than PSR J2032+4127 and

has a much shorter orbital period (≈ 3.4 years). As a result, observations are available

from every orbital phase and spanning many orbits, resulting in a more confident esti-

mate of the geometry of the system. This reduces the number of uncertain parameters

that emission models must account for, allowing for a more robust investigation of the

parameters of interest. Though full orbital phase coverage of PSR J2032+4127/MT91

213 will not be possible for several more decades, increased phase coverage will result

in better-constrained estimates of the orbital geometry.

Recent analyses have also investigated the possibility of using VHE data to

constrain some of the orbital parameters. If the characteristic dip observed in most

gamma-ray binary systems can be attributed to absorption by the photon field of the

massive star, then the location of this dip can be used to constrain the orientation of

the orbit. This has recently been demonstrated by Sushch et al. (2019,[294]), who use

the TeV light curve of PSR J2032+4127 to jointly constrain the inclination angle and

longitude of periastron. Such work is promising, but still allows for a broad range of

parameters and must be used in conjunction with other method for determining the

orbit.

In addition to a continued refinement of the orbit of PSR J2032+4127/MT91
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213, observations and modeling of other gamma-ray binaries can inform the interpre-

tation of data from this system. Any model of pulsar-powered gamma-ray binaries is

highly dependent on the pulsar wind. Little is known for sure about this phenomenon.

How much of the pulsar’s spindown energy is carried away by the wind? How is this

energy distributed between magnetic and kinetic forms (i.e., what is σ)? How does σ

evolve with distance? If such properties are common among pulsars, then discovery and

observation of new pulsar-powered gamma-ray binaries will refine the interpretation of

emission from PSR J2032+4127/MT91 213. Other uncertainties can be resolved by

observations of the massive star MT91 213. The momentum ratio η partially depends

upon the mass-loss rate Ṁ of MT91 213, which is currently assumed in most models by

the mass-loss rates reported in similar stars, which vary by several orders of magnitude.

Thus, in spite of the fact that periastron observations are impossible for several

more decades, continued studies of PSR J2032+4127/MT91 213, along with observa-

tions of similar systems, can shed light on the mechanisms driving the emission in this

system. Immediate revisions to models are already possible, since the quantitative

model discussed in this Chapter ([28, 29]) was developed based solely on X-ray data,

before the detection of the VHE source. A model within this framework which is able

to simultaneously explain the X-ray and VHE emission therefore remains a possibil-

ity. Revisions to this framework, some of which were briefly suggested in the previous

section, are also possible even in the absence of new X-ray and VHE data. Continued

studies of this system will better constrain the basic emission mechanisms, and will

inform the interpretation of new gamma-ray binary systems for years to come.
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Chapter 7

DEVELOPMENT OF A MAXIMUM LIKELIHOOD ANALYSIS AND
APPLICATION TO VER J2032+414 AND TeV J2032+4130

The previous chapter presented results of extended observations of the tran-

sient gamma-ray binary VER J2032+414. One particular challenge faced during this

analysis was the fact that the pulsar system responsible for the gamma-ray binary

lies in the immediate vicinity of another, previously-known gamma-ray source, TeV

J2032+4130. TeV J2032+4130 is very likely associated with the energetic pulsar (as a

pulsar wind nebula), but is steady source unrelated to the variable emission from the

binary interaction which was the focus of the previous chapter. The photons seen by

VERITAS therefore comprise a combination of those from both sources. Care must

be taken in any analysis therefore to isolate, to the greatest extent possible, the signal

from VER J2032+414. In the previous chapter, a “joint-fit” approach was described,

whereby a spectral analysis of data taken before the appearance of VER J2032+414

was conducted simultaneously with data containing both TeV J2032+4130 and VER

J2032+414 in attempt to separate the two sources. The results of that analysis showed

consistency in the properties of TeV J2032+4130 across all time periods analyzed,

inspiring confidence in the obtained results from VER J2032+414 presented in the

previous chapter. The analysis also prompted discussion and development of a more

robust framework capable of analyzing such situations (overlapping sources in the field

of view) for other such systems. In particular, it was realized that the spectral analysis

of VER J2032+414 and TeV J2032+4130 was only possible due to the existence of a

sizable data set of the region from a time period before VER J2032+414 was signifi-

cantly detected. In this chapter, we describe the development of a more sophisticated

analysis tool which was specifically designed for the analysis of overlapping sources.
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7.1 Maximum Likelihood Analysis

Motivation

In a standard analysis of VERITAS data1, gamma-ray events are counted from

within a predetermined source region and compared with the number of gamma-ray

counts from within a region where there is no known source. Assuming the counts

from each region obey a Poisson distribution, one can calculate the “statistical signif-

icance” of the signal from the source region, which can be interpreted as the number

of standard deviations separating the source gamma-ray signal from the background

signal. This calculation is detailed in [299]. Source detection is then determined on

the basis of this statistical significance, where typically a signal of five standard devi-

ations or greater is required to claim the detection of a new gamma-ray source. If a

source is determined to exist, its physical characteristics can be further analyzed, with

morphological information contained in two dimensional sky histograms and spectral

information contained in one-dimensional energy histograms. The intrinsic proper-

ties of the gamma-ray source can then be estimated by “unfolding” the observed data

through various systematic instrument responses.

In this chapter, we describe an alternative “Maximum Likelihood Method”

(MLM) approach for simultaneous estimation of intrinsic source properties and de-

tection significance. This work is especially motivated by the occasional need to disen-

tangle multiple sources within a field of view, or to test for the presence of an additional

source in the field of view that is not obvious from the standard analysis. The analy-

sis framework described in this chapter was especially inspired by the Fermi Science

Tools2, which by necessity (due to the large field of view, high diffuse background, and

relatively poor angular resolution at low energies) were designed to analyze and detect

many potential sources simultaneously. Similar analysis packages include 3ML [300],

gammapy [301], and CTOOLS [302].

1 described in detail in Chapter 4

2 https://fermi.gsfc.nasa.gov/ssc/data/analysis/documentation/Cicerone/
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Concept

A primary goal of data analysis of a gamma-ray source is the reconstruction

of the intrinsic properties of the source, chiefly the source energy spectrum and mor-

phology. Typically these are reconstructed by separately considering a distribution of

counts versus energy to examine the energy spectrum, and a distribution of counts

versus sky coordinates to examine the morphology. It is possible to consider a more

holistic approach, which simultaneously considers spectral and spatial information. At

any given time, the luminous intensity of a gamma-ray source can vary as a function

of angular coordinates in the field of view x and y, as well as energy E. In general, we

consider a gamma-ray source whose intensity can be described as:

S(x, y, E) =
dN

dxdydEdAdt
= φ(E)M(x, y) (7.1)

S thus has dimensions of photons
(solid angle)·(energy)·(area)·(time)

. φ(E) can be considered the

energy spectrum, while M(x, y) describes the source morphology (how the intensity is

distributed throughout the field of view). For example: if the energy spectrum follows

a power-law distribution and the morphology is described by a point source model,

then we would have:

S(x, y, E) = N0

(
E

E0

)−Γ

δ(x− x0)δ(y − y0) (7.2)

Where δ denotes the Dirac delta function.

S represents the intrinsic distribution of source photons throughout angular

space and energy. This distribution is not what is measured by the detector. Un-

avoidable noise and uncertainties in the photon reconstruction process results in an

artificial spread in both the angular and energetic dimensions of these distributions.

A photon with true (intrinsic) angular coordinates xtrue and ytrue will be observed as

having angular coordinates xobs and yobs. The probability of a photon’s direction be-

ing reconstructed to the point (xtrue + ∆x, ytrue + ∆y) diminishes with distance in an
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approximately Gaussian manner3:

P (∆x,∆y, E) =
1

2πσ2
e
− (∆x)2+(∆y)2

2σ(E)2 (7.3)

As a result, consecutive photons originating from the same point (xtrue, ytrue)

will be reconstructed to different points scattered throughout angular space such that

the resulting image, rather than being a perfect point with zero spatial extent, will be

observed to have a characteristic width of σ. The function P can then be interpreted as

the spatial morphology which would be recorded by the instrument upon observation

of a perfect point source; P is referred to as the point spread function and σ can

be thought of as the angular resolution of the instrument. Since the Cherenkov light

yield is energy-dependent (higher energy events tend to be brighter), the quality of

the event reconstruction varies with energy (both because the signal is stronger in

individual telescope images and because brighter events are more likely to be observed

by three or more telescopes); σ is therefore in general a function of energy.

A similar effect occurs during the reconstruction of photon energies. A gamma

ray with true energy Etrue observed as having the reconstructed energy Eobs. As is the

case for the reconstructed direction, the probabilistic distribution of Eobs approximates

a Gaussian of width σE which is centered around Etrue. The characteristic width σE,

which can be energy dependent, is referred to as the energy resolution of the instrument.

R(∆E,E) =
1√

2πσ2
e
− ∆E2

2σE(E)2 (7.4)

R can be thought of as an “energy point spread function”, though this term is

not widely used.

3 Several authors ([303], [304]) argue convincingly that the “King” function better
describes this instrument response. A simple Gaussian was used in this case, though
the author acknowledges that adopting a King function might improve the analysis in
the future.
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Forward Folding

The function S (Equation 7.1) specifies the intrinsic flux due to the source at

the location of the instrument but before being observed by the instrument. Upon

observation, the intrinsic flux is convoluted in both energy and spatial dimensions, and

this resulting flux is effectively binned into spectral and spatial histograms.

The process of transforming the intrinsic source flux into observed histograms

proceeds as follows:

The instrument samples the intrinsic flux S(x, y, E) of the source, which is the

number of photons per surface area per solid angle per energy per time. The effective

flux that is observed by the instrument is the convolution of the intrinsic flux with the

instrument point spread function and energy response:

Sobs(x, y, E) =

∫ ∞
0

∫ ∞
−∞

∫ ∞
−∞

S(x′, y′, E ′)P (x− x′, y − y′, E ′)R(E − E ′, E)dx′dy′dE ′

The instrument ultimately measures event counts and not flux. These counts

are binned into 2D spatial histograms and 1D energy histograms. The effective col-

lection area Aeff over which the instrument samples this flux is energy dependent:

Aeff = Aeff(E). This is because higher energy Cherenkov events are brighter, and

thus can be detected from farther away. One must also take into account that the

probability of observing identical gamma rays varies over the field of view, with events

near the camera center being more likely to result in detection. Events farther from

the camera center are more likely to suffer from truncation at the edge of the camera

and therefore be poorly reconstructed. We therefore define the gamma-ray acceptance

α(x, y, E) which specifies the relative probability of event detection across the field of

view. Conventionally, α is normalized to a maximum value of 1. Therefore, if the

instrument observes a source over a time duration ∆t, then the expected number of

counts per energy per spatial coordinate is:

dN

dxdydE
= Sobs(x, y, E)Aeff(E)α(x, y, E)∆t
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A standard VERITAS analysis bins this distribution separately into spatial and

energy bins. If the energy histogram has bins of width ∆E and spans a range Emin to

Emax, then the expected number of counts in the kth bin can be found by integrating

over x and y:

Nk =

∫ xmax

xmin

∫ ymax

ymin

∫ Emin+(k+1)∆E

Emin+k∆E

Sobs(x, y, E)Aeff(E)α(x, y, E)∆tdxdydE

Similarly, the number of counts in bin (i, j) of the 2D spatial histogram is found

by integrating over the energy:

Nij =

∫ xmin+(i+1)∆x

xmin+i∆x

∫ ymin+(j+1)∆y

ymin+j∆y

∫ Emax

Emin

Sobs(x, y, E)Aeff(E)α(x, y, E)∆tdxdydE

Binning the counts in this way allows for the construction of separate spatial

and spectral histograms which can be used to independently analyze the source’s mor-

phology and energy spectrum.

These histograms can then be fit assuming different source models in order to

reconstruct the intrinsic properties of the source.

Another approach would be to contain the spatial and spectral information in a

single 3D histogram. Within such a histogram, the expected number of counts in the

ith x coordinate bin, jth y coordinate bin, and kth energy bin would be:

Nijk =

∫ xmin+(i+1)∆x

xmin+i∆x

∫ ymin+(j+1)∆y

ymin+j∆y

∫ Emin+(k+1)∆E

Emin+k∆E

Sobs(x, y, E)Aeff(E)α(x, y, E)∆tdxdydE

(7.5)

Maximum Likelihood Analysis

If the instrument response functions P , R, and Aeff are known (see the next

section), one can construct a model of one or more sources, each with a specified

functional form, and evaluate the likelihood with which the model explains the data.
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We denote by ~θ the set of parameters which describe the functional form of the source

model. For example: if the intrinsic source model is:

S(x, y, E) = N0

(
E

E0

)−Γ

δ(x− x0)δ(y − y0)

Then the model is parameterized by N0, Γ, x0, y0 and we have ~θ = {N0,Γ, x0, y0}4. In

other words, ~θ contains the intrinsic properties of the source which we wish to estimate.

We then define N exp
ijk (~θ) as the number of counts one would observe in bin i, j, k (as

calculated from Equation 7.5) if the intrinsic source model used the parameters ~θ.

In general, we allow the model to include multiple sources. We denote by

N exp
ijk,n(~θn) the expected number of counts in bin i, j, k due to the nth source. If there

are N many sources, then we can write:

N exp
ijk (~Θ) =

N∑
n

N exp
ijk,n(~θn)

Where ~θn is the set of parameters for each source model and ~Θ is the entire set of

all model parameters across all source models. In each bin we wish to compare the

number of expected counts from the model N exp
ijk (~Θ) to the number of observed counts

from the data Nobs
ijk . It should be noted that the expected counts N exp

ijk (~Θ) represents

the number of event counts due only to the source, whereas the actual observed counts

include both source events and cosmic ray “background” events. For the remainder of

this section, we modify our definition of N exp
ijk (~Θ) to include an estimated number of

background counts Nbg
ijk in each bin:

Nexp
ijk (~Θ)=

∫ xmin+(i+1)∆x

xmin+i∆x

∫ ymin+(j+1)∆y

ymin+j∆y

∫ Emin+(k+1)∆E

Emin+k∆E Sobs(x,y,E)Aeff(E)α(x,y,E)∆tdxdydE+Nbg
ijk

We will discuss how this estimate is derived in the next section.

4 E0 is not a unique parameter in this case and so is not included in ~θ
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Let p
(
Nobs
ijk |N exp

ijk (~Θ)
)

be the probability of observing Nobs
ijk many counts, given

the model prediction of N exp
ijk (~Θ). For event-counting experiments, the relevant proba-

bility distribution is the Poisson distribution, so that

p
(
Nobs
ijk |N exp

ijk (~Θ)
)

=
N exp
ijk (~Θ)N

obs
ijk

Nobs
ijk !

e−N
exp
ijk (~Θ)

We can then find the total probability of observing the recorded data given the

current model predictions, known as the likelihood: L
(
Nobs|N exp(~Θ)

)
. This is found

by taking the product of the probability in each bin over every bin in the data set:

L
(
Nobs|N exp(~Θ)

)
= ΠiΠjΠkp

(
Nobs
ijk |N exp

ijk (~Θ)
)

It is often more convenient to deal with the log-likelihood rather than the like-

lihood itself:

ln
[
L
(
Nobs|N exp(~Θ)

)]
=
∑
i

∑
j

∑
k

Nobs
ijk ln

(
N exp
ijk (~Θ)

)
−N exp

ijk (~Θ)− ln
(
Nobs
ijk !
)

(7.6)

Equation 7.6 can then be maximized for ~Θ to obtain the most likely estimate, or the

“maximum likelihood estimate” of ~Θ, denoted ~ΘMLE.

Wilks’ Theorem

In terms of evaluating how well the data are described by the model, the actual

value of L is arbitrary. Wilks (1938) [159] presents a convenient result to use the

likelihood values of different models to compare them. If one is considering two different

source models and wishes to determine which model is the best descriptor of the data,

then a “test statistic” can be computed:

TS = −2 ln

(Lnull

Ltest

)
(7.7)

Where Lnull is the likelihood of a specific model, potentially the “null hypothesis”

model, and Ltest is the likelihood of the model being tested. In the case that the test

model is able to reduce to the null model under suitable choice of parameters ~Θtest, then
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Wilks finds that test statistic should be distributed as a χ2 with number of degrees of

freedom equal to the difference in dimensionality between ~Θtest and ~Θnull. The p value,

or the probability that the differences between the test and the null models can be

adequately explained by random fluctuations, can be calculated as:

p =
1

2

∫ ∞
TS

χ2
d(x)dx

Where d is the number of degrees of freedom. The factor of 1/2 in the integral (following

Mattox et al. [305]) is due to the fact that the source flux is constrained to be ≥ 0

and thus negative fluctuations will effectively concentrate at TS = 0. It is common

in gamma-ray astronomy to report detections with a significance value S, which is

interpreted as an “S standard deviation result.” Once one has computed the p value,

a significance value can be numerically determined by finding ξ such that the CDF of

a standard normal distribution at ξ is equal to p.

One can then use this framework to compare different hypotheses and models.

To test for the existence of a source, one would first choose a source model and find

~ΘMLE which maximizes Ltest. A null model should then be constructed by choosing

parameter values in ~Θtest which will result in an intrinsic source flux of 0. The test

statistic can then be calculated from Equation 7.7, and then a probability value and

significance can be found.

This framework can also be used to explore different models in the properties of

known sources. For instance, one could construct a test model consisting of an energy

spectrum with an exponential cutoff, and compare this to a null model in which the

energy spectrum follows a straight power law distribution. Upon finding ~ΘMLE for each

model, a test statistic can be computed, from which one can decide if the power-law

model can be rejected.

A final example allows for one to test for the existence of a second source in a

field of view where one is already known to exist. This requires construction of a test

model, in which parameters of both sources are free to vary, and a null model in which

the parameters of the first source can vary but the second are fixed to zero flux. In
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the same way, the test statistic can be found by comparing L
(
~ΘMLE

)
for each model

following Equation 7.7. On the basis of this TS value, a significance can be computed

which represents the degree of confidence in the two-source model over the one-source

model.

7.2 Implementation

Background Estimation

The method described in the previous section relies upon comparing the number

of gamma-ray counts in a given space-energy bin to the number of counts predicted

by some model. The gamma-ray counts are not background subtracted, in order to

ensure that the number of counts will be approximately Poisson distributed. Rather,

an estimate of the background events is added to the model such that N exp
ijk includes

both the events associated only with the source (Equation 7.5) as well as counts asso-

ciated with cosmic ray background events Nbg
ijk. The background estimate is arrived at

using the ring background method described in chapter 4. We briefly summarize the

procedure here.

In order to estimate the the number of background counts Nbg
ijk in a given space-

energy bin, a ring of specified width is constructed and centered on said bin. If the

total number of gamma-ray events originating from within the ring is N ring
ijk , then

the number of counts expected to originate from within the given space-energy bin

is Nbg
ijk = ᾱbin

ᾱring

Abin

Aring
N ring
ijk , where Abin/ring is the total solid angle of the bin and ring,

and ᾱbin/ring is the average gamma-ray acceptance within the bin/ring (normalized to

1). The average acceptance is derived from the radial acceptance curve (described in

chapter 4), which effectively flatfields the gamma-ray rate across the camera. It is

important to note that while the background estimation is included in the model, it is

a fixed parameter and is not itself being modeled. This approach should be valid as

long as the field of view is not so crowded as to prevent a reliable background estimate.

For crowded fields of view, the background must be modeled along with the source(s)

(see [304]).
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Instrument Response Functions

In order to convert a model source flux to a flux observed by the instrument

and finally to a number of counts in a given space-energy bin, the intrinsic source flux

must be propagated through the various instrument responses, such as the effective

area Aeff(E), the point-spread function P (x, y, E), and the energy response R(∆E,E).

Once these functions are known, they are utilized as described in the previous section

to arrive at N exp
ijk .

Effective Area

The effective collection area describes the size of the physical region within which

a gamma-ray event will be successfully detected by the telescope array. This function

is estimated using simulations. The effective area is simulated by throwing gamma-ray

showers uniformly over a constant area, and multiplying the area by the fraction of

events which are properly reconstructed. Gamma-ray events of different energies are

generated, resulting in an energy dependent effective area. This function is sensitive

to, among other things: the level of night-sky background, the zenith angle of the

simulated source, the energy spectrum of the simulated source, the atmospheric model

used in the simulations, the data reduction cuts used in the analysis, and the angular

size of the region from which source events are counted (the θ2 cut). Therefore many

simulations must be generated to span this parameter space. In a standard VERITAS

analysis, a fixed-width region of diameter θ is used as the “source region”: gamma-ray

events drawn from this region are attributed to the source and then used for source

detection and spectral analysis. Because the effective area is sensitive to the size of this

region, and new simulations must be generated for each region size, standard VERITAS

analyses are constrained to two basic source models: a “point source” model which uses

a source region with a width of about 0.09◦, and an “extended source” model which

uses a width of 0.5◦. Therefore simulations need only be generated for two θ values.

These simulations are widely available for use in most VERITAS analyses.
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In the analysis described here, we are interested not in one spatial bin of radius

θ, but of several spatial bins of arbitrary size. We therefore wish to rid the effective

area of any dependence on a predetermined source region, as this will be compensated

for by integrating the point spread function. As we will show in the next section, the

process of deriving the point spread function will simultaneously allow us to modify

the effective area in the desired way.

Point Spread Function

The point spread function (PSF) describes the probability of mis-reconstruction

of the direction of gamma-ray events as a function of space. If the flux from a source

is distributed spatially as a delta function, then the distribution of counts as recorded

by the instrument will be distributed exactly according to the PSF of the instrument.

In general, the spatial distribution of source counts is given by the convolution of the

source flux with the instrument PSF.

The PSF of the instrument can be estimated either from real data (using a

source with an extent that is known to be much smaller than the angular resolution

of the telescope) or from simulations (see [109]). In general, the PSF depends upon

the same quantities as does the effective area: night-sky background, zenith angle, etc.

Unlike the effective area function, however, the point spread function is not directly

utilized in a standard VERITAS analysis. This is because the θ dependence of the

effective area (as discussed earlier) effectively “bakes in” the effect of the instrument

PSF. Therefore, in order to save disk space and computing time, mass simulations of

the PSF over the relevant parameter space are not conducted. Such an undertaking

is beyond the scope of this analysis; here we describe a simpler approach to obtaining

the PSF.

As was mentioned previously, the effect of the PSF is present in the estimation of

the effective area functions. The effective area function is derived by simulating gamma-

ray events over a constant area A, and then recording the fraction of events which are

reconstructed as gamma-rays and reconstructed from within the source region (within
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a circle of radius θ of the source location). Let fγ(E) be the fraction of simulated

events with energy E that are successfully determined by the analysis to be gamma

rays, and let fθ(E) be the fraction of those events which are reconstructed within the

source region. We can then define the effective area as:

Aeff(E) = fγ(E)fθ(E)A (7.8)

The fγ(E) term depends on a host of factors, including the brightness and shape

of the reconstructed image. The fθ(E) term, however, depends only on the instrument’s

PSF. In fact, if the simulated events are drawn from a point-source model, then fθ(E)

simply represents the integral of the PSF within a radius of θ:

fθ(E) =

∫
x2+y2≤θ2

P (x, y, E)dxdy (7.9)

Given that P (x, y, E) is normalized such that the integral over all space is unity.

Because effective areas for at least two values of θ are widely available, the PSF

can be estimated by comparing two effective areas which are otherwise identical accept

for the size of the source region θ. In this case, the only difference between the two

functions will be due to the different integration windows used in the above equation.

Given two effective area curves for which every parameter (zenith, noise, atmo-

sphere, etc) is the same except for θ, we can take the ratio of the two curves in every

energy bin:

Aeff,θ1(E)

Aeff,θ2(E)
=
fγ(E)fθ1(E)A

fγ(E)fθ2(E)A
=

∫
x2+y2≤θ2

1
P (x, y, E)dxdy∫

x2+y2≤θ2
2
P (x, y, E)dxdy

(7.10)

If a single-parameter functional form for P is assumed, then this equation can

be solved to determine the simulated energy-dependent point spread function. In this

analysis we assume P is a radially symmetric Gaussian:

P (x, y, E) =
1

2πσ(E)2
e
− x2+y2

2σ(E)2

Equation 7.10 then becomes:
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Aeff,θ1(E)

Aeff,θ2(E)
=

1− e−
θ21

2σ(E)2

1− e−
θ22

2σ(E)2

(7.11)

Which can be solved numerically for σ(E) at each energy bin for which Aeff,θ1(E)

and Aeff,θ2(E) both exist. An example of a PSF derived in this manner is plotted in

Figure 7.1, along with a PSF derived from simulations. In this example the PSF is

slightly underestimated at low energies; these discrepancies are possibly due to the

simplified single-parameter model used to estimate the PSF, while the simulated PSF

is independent of functional form. A more complex PSF model would likely be a

better fit to the data, but as can be seen from Equation 7.10, the method described

here only works for a single-parameter PSF functional form. A subsequent iteration of

this analysis could conduct mass simulations to acquire the PSF functions that span

simulation parameter space, but this is considered beyond the scope of this work.
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Figure 7.2: Effective areas are plotted for different sets of gamma-ray cuts. Blue boxes
show the effective areas derived using θ = 0.09◦, green show θ = 0.5◦, and red show
modified effective areas independent of source region.

With a working function for P (x, y, E), it is now possible to calculate fθ(E) and

divide the effective area curve by this factor, ridding the effective area of dependence

on the simulated θ2 cut (Figure 7.2). We therefore see that be using a pair of otherwise

identical effective area simulations with different source region sizes, one can derive

the point spread function for those observing conditions and subsequently the PSF-

modified effective area curves needed for this analysis. Modern analysis tools such as

gammapy ([301]) include similar functionality in their instrument response function

data structures.

Energy Response

Just as the point spread function characterizes the probability of a gamma-ray

event being reconstructed with an erroneous direction; the energy response function

characterizes the probability of a gamma-ray event being reconstructed with an erro-

neous energy. It can be considered the “point spread function” in energy space. Unlike

the point spread function, the energy response function can only be estimated from

simulations. While the point spread function could be derived from already-generated
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Source Exposure [hr] Significance [σ] (ED) Significance [σ] (MLM)
Crab 4.6 71.5 98.8

PKS 1424+240 16.0 6.5 6.1
TeV 2032+4130 63.6 8.6 14.6
SNR G106.3+2.7 47.5 3.7 9.1

Ursa Minor 103.6 1.2 0.2

Table 7.1: Detection significances for both analysis methods

and thus readily available effective area files, no such workaround is available for the

energy response. It is therefore necessary to conduct mass simulations, which would

need to be done for different zenith angles, night sky background levels, etc. Such an

undertaking is considered to be beyond the scope of this work; and so henceforth the

effect of the energy response is not included in the overall instrument response. Al-

though this will result in some degree of unavoidable distortion of the intrinsic source

spectrum, this is not expected to be a significant effect as long as the energy resolution

is not too large (≈ 10−20%). It should be noted that the standard VERITAS analyses

also do not directly account for the energy response of the instrument.

7.3 Testing

The analysis described here was tested on five objects: the Crab Nebula (the

standard candle of gamma-ray astronomy), Ursa Minor (a region where no gamma-

ray source is known to exist, to test for false positives in the likelihood technique),

PKS 1424+240 (a faint, soft-spectrum, high background extra-galactic source), TeV

J2032+41305 and SNR G106.3+2.7 (both hard spectrum, extended galactic sources).

In this section, we present basic results derived from each source and compare them

with those from a standard VERITAS analysis.

Crab Nebula

The Crab Nebula is the brightest steady gamma-ray source and is the first

source studied by any new analysis method. 4.6 hours of data were processed using

5 Using a dataset from before the appearance of VER J2032+414
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Eventdisplay (ED) [286]. The spectral properties of the source were then studied using

both the standard Eventdisplay tools and the maximum likelihood method (MLM)

described here.

The Crab Nebula was initially modeled using a point source spatial model and

a standard power law spectral model:

S(x, y, E) = N0

(
E

E0

)−Γ

δ(x− x0)δ(y − y0)

The model parameters are N0, Γ, x0, and y0, all of which are left free during the

fit. The spatial morphology of the source, after convolution with the PSF, is shown in

Figure 7.3. The x0 and y0 parameters were both consistent with 0, corresponding to

the RA and DEC of the nebula. The spectral fit parameters are given in Table 7.2 and

plotted in Figure 7.4. The spectral fit is consistent with the Eventdisplay fit.

Comparison of the best-fit model with the null model (equivalent to setting

N0 = 0 in the source model) yields a test statistic (TS, Equation 7.7) of TS = 9768.1.

Since the source model has four free parameters, Wilks’ Theorem states that the TS

should be distributed according to a χ2
4 distribution. From this a detection significance

can be estimated as described in section 7.1. In this case the TS is so large that deter-

mination of the probability is limited by the numerical precision of the machine, which

is to say that a numerical integration to find p yields a result that is computation-

ally indistinguishable from 0. The resulting detection significance is then technically

infinite. Instead, we make use of a handy result from Wilks [159] that the detection

significance for a model with one additional degree of freedom over the null model can

be approximated as σ =
√
TS. We therefore quote this as the detection significance of

this source, with the notable caveat that the true significance is lower than this (since

the source model has not one but four degrees of freedom).

The only notable feature in the morphological fit (Figure 7.3) is the appearance

of a ring of negative excess surrounding the source region in the residuals map. This is

likely due to the simplistic model used to construct the PSF resulting in over subtrac-

tion around the source model. A more sophisticated PSF model could alleviate this,
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Model Method N0 [10−9cm−2s−1TeV−1] E0 [TeV] Γ β
PL ED 2.7± 0.1 0.15 2.41± 0.03 -
PL MLM 2.7± 0.1 0.15 2.36± 0.03 -

LogPar MLM 2.0± 0.2 0.15 1.90± 0.12 0.14± 0.04

Table 7.2: Spectral fit parameters for the Crab Nebula

however this effect is likely irrelevant for fainter sources.

It is widely observed that a straight power law is a poor description of the

Crab Nebula’s gamma-ray spectrum and that instead exhibits significant curvature

[306, 110, 307, 308]. To test the MLM analysis framework’s ability to detect this

curvature, fitting was again conducted using a Log-Parabola model for the source

spectrum rather than a simple power law:

S(x, y, E) = N0

(
E

E0

)−(Γ+β ln E
E0

)
δ(x− x0)δ(y − y0)

The best fit values are given in Table 7.2 and plotted in Figure 7.4. No cor-

responding fit was conducted with Eventdisplay, since that software does not have a

Log-Parabola model. The published values for Γ and β range from Γ = 2.10 − 2.63

and β = 0.15 − 0.24 [306, 110, 307, 308]. The best-fit values found here are generally

similar to the published values, with the caveat that the best-fit index Γ is slightly

harder than the hardest published value.

To determine whether the curved spectrum is favored, it is necessary to compare

the two models (power law and log-parabola power law) and calculate a test statistic

using Equation 7.7. In this case the “null” model is the standard power law and the

“test” model is the log-parabola power law. This results in a test statistic of TS = 15.0.

According to Wilks’ Theorem, the test statistic should obey a χ2
1 distribution, which

we use to determine a significance of σ = 3.7. This means that the log-parabola model

is favored over the standard power-law model at the 3.7σ level.
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Figure 7.3: Observed counts (Data), model-predicted counts (Model), and residuals
for the Crab Nebula.
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Figure 7.4: The best-fit spectrum is shown for both the simple power law model and
the log-parabola model.
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Figure 7.5: Data/Model/Residuals plot for PKS 1424+240.

Model Method N0 [10−9cm−2s−1TeV−1] E0 [TeV] Γ
PL ED 1.3± 0.8 0.09 4.56± 1.01
PL MLM 2.5± 1.1 0.09 5.67± 0.72

Table 7.3: Spectral fit parameters for PKS 1424+240

PKS 1424+240

PKS 1424+240 was selected due to its nature as a faint, extra-galactic source

with a very soft spectrum. This ensures that the MLM analysis is equipped to deal

with a variety of source types.

The source was modeled as a point source with a simple power law spectrum.

The source was detected with a significance of 6.1σ. The fit is plotted in Figures 7.5

and 7.6; the spectral fit parameters are given in Table 7.3. The Eventdisplay spectrum,

constructed from only two flux points, was included solely for comparison purposes and

should not be taken seriously. This explains the erratic behavior of the butterfly plot

in Figure 7.6

TeV J2032+4130

TeV J2032+4130 is a highly extended and asymmetric galactic source which

makes it a good choice to test the morphological capabilities of the MLM analysis.
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Figure 7.6: The best-fit spectrum is shown for PKS 1424+240.

The data examined here were collected well before the appearance of the gamma-ray

binary VER J2032+414; a joint analysis of the two sources follows in the next section.

The spatial component of the source is modeled as a 2D Gaussian while the

spectral component is modeled as a power law:

S(x, y, E) = N0

(
E

E0

)−Γ

e−a(x−x0)2−b(x−x0)(y−y0)−c(y−y0)2

Where:

a =
cos2 θ

2σ2
x

+
sin2 θ

2σ2
y

b =
sin 2θ

2σ2
x

− sin 2θ

2σ2
y

c =
sin2 θ

2σ2
x

+
cos2 θ

2σ2
y

The model parameters are: N0, Γ, x0, y0, σx, σy, θ. All parameters are left free

for the fit. The source is detected with a significance of 14.6σ; the results of the fit
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Figure 7.7: Data/Model/Residuals plot for TeV J2032+4130.

are given in Tables 7.4 and 7.5 and plotted in Figures 7.7 and 7.8. The morphological

properties are consistent with recently published values [1].

The spectral indices estimated by Eventdisplay and the MLM analysis are con-

sistent, however the normalization estimated by the MLM analysis exceeds the Event-

display analysis by more than a factor of three. It is likely that this is at least in

part due to significant fraction of source counts falling beyond Eventdisplay’s source

integration region. Since Eventdisplay does not assume any spatial model for a source,

there is no way to account for flux from the source originating from beyond the source

region. Leakage due to the PSF is accounted for via the effective area curves, but for an

extended source region (θ = 0.22◦) this is a negligible effect, since the PSF is typically

less than 0.1◦. The spatial model derived by the MLM analysis can be used to esti-

mate the amount of flux lying outside of the source region (see Figure 7.9). This shows

that the flux observed by Eventdisplay represents about 57% of the total flux. This

does not completely account for the disparity between the analyses, but is certainly a

large contributor. A similar scaling factor has been employed by HAWC to facilitate

comparisons of VERITAS results (which are model-independent) with HAWC results

(which are model-dependent), such as in [309].

The asymmetry of TeV J2032+4130 is well-documented [31]; it is worthwhile
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Model Method N0 [10−11cm−2s−1TeV−1] E0 [TeV] Γ
PL ED 0.8± 0.1 0.3 2.01± 0.14
PL MLM 2.9± 1.2 0.3 2.21± 0.09

Table 7.4: Spectral fit parameters for TeV J2032+4130

Model x0 y0 σx σy θ
2D Gaussian −0.03± 0.02 0.04± 0.02 0.10± 0.02 0.21± 0.03 22.1± 6.0

Table 7.5: Spatial fit parameters for TeV J2032+4130. All parameters are expressed
in degrees. x0, y0 = (0, 0) corresponds to the RA/Dec of TeV J2032+4130 as reported
in [1].
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Figure 7.8: The best-fit spectrum is shown for TeV J2032+4130.
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Figure 7.9: The PSF-convolved source model. The white circle shows the Eventdisplay
integration window.

187



0.5 0.0 0.5
X [ ]

0.50

0.25

0.00

0.25

0.50
Y 

[
]

Data

0.5 0.0 0.5
X [ ]

Model

0.5 0.0 0.5
X [ ]

Residuals

5

0

5

10

15

20

Co
un

ts

Figure 7.10: Data/Model/Residuals plot for SNR G106.3+2.7.

to see if the MLM analysis is capable of distinguishing between a radially symmetric

model (a Gaussian disk) and a standard 2D Gaussian. To determine this, a second fit

was performed with a simpler spatial model:

S(x, y, E) = N0

(
E

E0

)−Γ

e−
(x−x0)2+(y−y0)2

2σ2

The 2D Gaussian model is favored over the symmetric Gaussian with a test

statistic of 14.4. The significance is found in the usual way, by assuming that the TS

obeys a χ2
2 distribution, resulting in a significance of 3.2σ.

SNR G106.3+2.7

SNR G106.3+2.7 is a supernova remnant near the Boomerang Nebula. It is

another hard-spectrum, asymmetrically extended galactic source to serve as a test

subject for the MLM analysis. The spatial component of the source is modeled as a

2D Gaussian while the spectral component is modeled as a power law. The source was

detected with a significance of 9.1σ. The fit is plotted in Figures 7.10 and 7.11; the

spectral fit parameters are given in Table 7.6.
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Figure 7.11: Data/Model/Residuals plot for SNR G106.3+2.7.

Ursa Minor

Ursa Minor is a galaxy which is not associated with any known gamma-ray

source. It is included here to test the MLM analysis’s ability to reject null sources.

The source was modeled spatially as a point source and spectrally as a power law. The

best fit model has a test statistic of 1.5, which corresponds to a significance of 0.2σ

meaning the null hypothesis is not rejected. The fit is shown in Figure 7.12.

The Ursa Minor field was further utilized to test Wilks’s Theorem. According

to the theorem, the TS of a null model will be distributed as a χ2
f , where f is the

number of additional free parameters contained in the test model over the null model.

To test this, successive fits were conducted over a grid throughout the Ursa Minor

field while keeping the source position fixed. The test was conducted repeatedly while

varying the number of free parameters, and histograms were constructed to examine

the distribution of TS values. The results are shown in Figure 7.13. The figure shows

the observed TS distributions along with the χ2 distributions expected from Wilks’s
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Figure 7.12: Data/Model/Residuals plot for Ursa Minor.

Theorem. The figure shows that the observed TS frequency drops off slower than the

expected frequency. Based on this observation, the significance values estimated by the

MLM analysis are likely overestimates. A significantly larger analysis utilizing both

real and simulated null sources could help to quantify this effect; however the general

similarity between the detection significances between Eventdisplay and this analysis

suggest that the effect is likely small.

7.4 Results

VER J2032+414 and TeV J2032+4130

The gamma-ray binary VER J2032+414, present in the same field of view as

the extended PWN TeV J2032+4130, serves as a useful test of this analysis method’s

ability to disentangle multiple sources in a single dataset. A detailed analysis and

discussion of this region was presented in the previous chapter; the analysis presented

here serves as a test of the functionality of the maximum likelihood analysis method.

The analysis presented in the previous chapter made use of the fact that a large

dataset exists containing only TeV J2032+4130 and not VER J2032+414; a joint fit

was therefore performed using data from before and after the appearance of the binary

VER J2032+414. The analysis presented in this Chapter includes only data from

the fall of 2017, when both the binary and the nebula were emitting a measurable
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Figure 7.13: The figure shows the distribution of TS for many fits conducted from
the Ursa Minor field. Distributions are shown for three different source models with
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gamma-ray flux. By fitting different models with multiple sources to the dataset, the

TS values of different models can be compared to determine the relative likelihood of

a multi-source model as opposed to a single-source model. The goal of this analysis

is to determine the effectiveness of the maximum likelihood tool at resolving multiple

sources in the same field of view.

Three different models were fit to the dataset. The first model consisted of a

single source, assuming a point source spatial model with a simple power law spectrum.

The second model consisted of two sources: the first modeled as a point source with

a power law spectrum; the second modeled as an extended source with a power law

spectrum. The third model also consisted of two sources: the first modeled as a point

source with a exponentially-cutoff power law spectrum; the second modeled as an

extended source with a power law spectrum.

The presence of a second source in the field of view is demonstrated by con-

structing a test statistic from comparing the likelihoods of the single-source model to

the two-source model (Equation 7.7). The model with two power law components is

favored over the single-source model with a TS of 108.2. Factoring in the additional
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Figure 7.14: Data/Model/Residuals plot for the joint fit of VER J2032+414 and TeV
J2032+4130.

8 degrees of freedom, this corresponds to a significance of approximately 9.0 σ. This

result is interpreted as ∼ 9σ evidence of the presence of a second source in the field of

view (this amounts to a detection of TeV J2032+4130 in addition to the bright binary

emission).

The component modeling the binary in the previous analysis used a power law

for the spectrum, whereas the analysis in the previous chapter preferred a power law

with an exponential cutoff. The presence of this feature in the spectrum can be tested

by comparing the likelihood of the second and third models, which differ only in the

spectral form of the point source component. The third model is found to be preferred

over the second model with a TS of 21.1. Since the models differ by 1 degree of freedom,

this corresponds to a significance of 4.4σ. Therefore an exponential cutoff is favored

in the spectrum of the binary component over a power law with a significance of 4.4σ.

The results of the spectral fit are given in Table 7.7 and plotted in 7.15. It should

be noted that these parameters are consistent with those presented in the previous

Chapter.
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Figure 7.15: Spectral results of the joint fit of VER J2032+414 and TeV J2032+4130.

HESS J0632+057 & LS I +61 303

The existence of a PWN associated with PSR J2032+4127 indicates that the

pulsar is the chief power source for both the gamma-ray binary and the larger PWN.

This indicates that a significant amount of the pulsar wind escapes confinement from

the stellar wind of MT91 213 and diffuses to the termination shock with the interstellar

medium. PWNe associated with other gamma-ray binaries have not been reported, but

if the majority of these systems are indeed pulsar-powered then the possibility remains

that some of the pulsar wind could escape the massive star and form a larger nebula.

Even though no such feature has been detected thus far, it is possible that PWNe

are “hiding” in the same field of view as the gamma-ray binary system. If the binary

emission greatly outshines the PWN emission then it may go unnoticed. In the case

of PSR J2032+4127/MT91 213, the point-like binary emission dominates the PWN

emission in orbital phases close to periastron (Figure 7.16). The discovery of TeV

J2032+4130 was likely only possible due to the system’s large orbit. Near periastron,
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the pulsar and massive star are separated by less than 1 AU; at apastron this distance

is ∼ 50 − 60 AU. At large separation distances the intra-binary emission subsides,

allowing the surrounding PWN to be seen. This dramatic difference is not present in

the other gamma-ray binary systems, in which the compact object and massive star

never separate by more than ∼ 15 − 20 AU, and in many cases are constantly within

just a few AU of each other. Were there PWN present in these systems in addition

to the binary emission, it may well be outshone by the binary emission. On the other

hand, the more compact orbit may prevent the pulsar wind from diffusing beyond

the stellar wind, preventing the formation of a PWN in the first place. Given that

the sample size of gamma-ray binaries is still relatively small, a search for possible

PWN is merited. The analysis method described in this Chapter is well-suited for

such a task. As was demonstrated in the previous section, an analysis of the PSR

J2032+4127/MT91 213 field based only on data when the binary emission dominated

the PWN emission was still able to significantly detect the presence of the PWN.

Here, we apply this same technique on two other gamma-ray binary systems for which

VERITAS has accumulated a large dataset: HESS J0632+057 and LS I +61 303.

HESS J0632+057

214 hours of data from HESS J0632+057 was analyzed, covering all phases of

the binary orbit (but not necessarily evenly). The goal of this analysis is to search for

an extended nebula. Two models were fit to the dataset. Model 1 consisted of a single

point source with a power law spectrum. Model 2 consisted of a single source with a

power law spectrum plus a radially symmetric Gaussian with a power law spectrum.

Both models were fit to the data. The Model 1 fit results in an energy spectrum

for HESS J0632+057 characterized by a normalization (at 1 TeV) of (4.6± 0.2) ×
10−13 cm−2s−1TeV−1 and a spectral index of 2.64± 0.05. The index is consistent with

that reported in [240], the flux normalization is slightly greater because the source is

variable and the time spans used in this analysis and [240] are not the same.

Model 2 is a better fit with a test statistic of 0.50. With five additional degrees of
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Figure 7.16: Right: Significance sky map for VERITASshowing the field of view con-
taining PSR J2032+4127 and TeV J2032+4130 from September - December 2017 (close
to periastron of the binary). The morphology of TeV J2032+4130 is indicated with
the dashed ellipse. The centroid of the binary source (PSR J2032+4127/MT91 213) is
indicated by the black circle. The black cross denotes the location of the pulsar PSR
J2032+4127, as well as the massive companion MT91 213. The white circle indicates
the gamma-ray point spread function for VERITAS. The white x’s indicate telescope
pointing positions. Figure presented in Chapter 6 and copied here for convenience.
Left: The VERITAS skymap of TeV J2032+4130 from [31]. The position of PSR
J2032+4127 is indicated by the blue star while the black triangle indicates Cyngus
X-3. The red circles show the telescope pointing position, which was equidistant from
both TeV J2032+4130 and Cygnus X-3. The two images do not show the same field
of view. The box drawn on the right image approximately indicates the field of view
displayed in the left.
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freedom, this corresponds to a significance of approximately 0.01σ. There is therefore

no evidence for a second source in the field of view containing HESS J0632+057. In

the absence of a detection we can set an upper limit on the flux from a hypothetical

second source in this field. This is done by constructing a likelihood profile for the flux

and finding the upper flux limit enclosing 95% of the probability (see[310]). This yields

an upper flux limit of F (E > 200 GeV) ≤ 4.8 × 10−12 cm−2s−1, which is comparable

to the level seen from the binary at its peak.

LS I +61 303

The same analysis was run on 70 hours of data from LS I +61 303. A single-

source model and a two-source model were constructed following the methodology of

the previous section. The fit of the single-source model yielded a spectrum for the

binary emission with a normalization (at 1 TeV) of (1.1± 0.5)× 10−12 cm−2s−1TeV−1

and a spectral index of 2.55 ± 0.05. The index is consistent with the phase-averaged

index reported in [23] while the normalization is greater. This again likely indicates

that the data set used here is more biased towards periods of bright emission than the

set used in [23].

Model 2 is only marginally preferred with a test statistic of 0.002, corresponding

to a significance of approximately zero. The upper limit on the flux of a potential second

source is F (E > 200 GeV) ≤ 1.1 × 10−11 cm−2s−1, again comparable to that of the

binary at its peak.

Discussion

This analysis shows no evidence of a PWN associated with either HESS J0632+057

or LS I +61 303. There are many reasons why this could be the case. In the case of

HESS J0632+057, the possibility remains that the source is powered by a black hole

rather than a pulsar, in which case no PWN would be expected. The lack of a detected

PWN in no way precludes the presence of a pulsar, however. In fact, LS I +61 303 is

now known to be powered by a pulsar. The relatively compact orbit of both sources
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could disrupt the formation of a PWN since the compact object is continually in an

environment where the stellar wind is dense. The maximal separation of the compact

object and massive star is only a few AU in the HESS J0632+057 system, and is less

than an AU for LS I +61 303. Thus the stellar wind could confine most of the pulsar

wind, directing much of the pulsar’s energy into powering the intra-binary shock. It

also remains possible that PWNe are indeed present in this fields but are too faint to

be detected. This would also be a result of the intra-binary shock siphoning energy

from the PWN.

7.5 Conclusion

In this chapter we present a new analysis tool which is useful for determining

the spatial and spectral properties of astrophysical gamma-ray sources. A key feature

of the method is its ability to simultaneously detect multiple sources in the same field

of view, as was demonstrated by the analysis of VER J2032+414 and TeV J2032+4130.

The method works well though has significant room for improvement. While Wilk’s

Theorem is useful for an initial approximation of the statistical significance of any

result, a better estimate can be derived by detailed studies of the analysis method’s

response to null sources, as was briefly presented in the discussion of Ursa Minor. More

detailed instrument response functions could also improve the analysis: for example an

energy response matrix and a fully simulated point spread function. Finally, it should

be noted that, while this analysis was developed for the purpose of analyzing multiple

sources in the same field of view, it is constrained by the need to simultaneously

estimate background counts from this same field of view. This means that if too great

a fraction of the field of view is filled with potential gamma-ray sources, the analysis is

not trustworthy. That problem is much more difficult to solve, and has been attempted

elsewhere (see [304]).

The results presented in this Chapter serve as a promising proof of concept for a

maximum likelihood framework to analyze VERITAS data. It has shown the ability to

reconstruct source properties in agreement with the established and tested Eventdisplay
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software, and reproduces the results on VER J2032+414 and TeV J2032+4130 from

the previous Chapter based only on the dataset where both sources were present.
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Model Method N0 [10−12cm−2s−1TeV−1] E0 [TeV] Γ
PL ED 3.8± 2.5 0.38 2.09± 0.29
PL MLM 1.5± 0.6 0.38 1.94± 0.14

Table 7.6: Spectral fit parameters for SNR G106.3+2.7

Source Model N0 [10−11cm−2s−1TeV−1] E0 [TeV] Γ Ecut [TeV]
VER J2032+414 PLEC 5.7± 1.2 0.15 1.62± 0.32 0.91± 0.34
TeV J2032+4130 PL 4.8± 1.2 0.15 2.11± 0.09 -

Table 7.7: Spectral fit parameters for VER J2032+414 and TeV J2032+4130 using a
two-source model.
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Chapter 8

SUMMARY AND FUTURE WORK

In this work, we have reviewed the multi-wavelength properties of gamma-ray bi-

naries and presented the detection of a new gamma-ray binary: PSR J2032+4127/MT91

213. In this Chapter, we briefly review gamma-ray binaries and reflect reflect on how

the observations of PSR J2032+4127/MT91 213 contribute to our understanding of

gamma-ray binaries as a population. We then discuss the prospects for future obser-

vations of gamma-ray binaries with the next generation of gamma-ray telescopes, in

particular the Cherenkov Telescope Array Observatory (CTAO).

8.1 Gamma-ray binaries and PSR J2032+4127/MT91 213

Recall that a gamma-ray binary consists of a massive O or B type star orbiting

with a compact object (either a neutron star or a black hole). Regardless of the nature

of the compact object, gamma-ray binaries are distinct from the broader class of High

Mass X-ray Binaries (HMXBs) in that they emit most of their energy as gamma rays

(> 1 MeV) and their radio and X-ray emission is of non-thermal origin. Emission from

HMXBs (which mostly takes the form of X-rays) typically originates from the accretion

of stellar material onto the compact object, while emission from gamma-ray binaries

originates in shocks far from the compact object. In the case of pulsar-powered gamma-

ray binaries, the pulsar wind exerts enough pressure to prevent accretion and shocks

the stellar wind at a point in between the pulsar and star, the “intra-binary shock”.

Charged particles then accelerate at the shock and radiate via synchrotron and inverse

Compton radiation in the magnetized wind and stellar photon field. For gamma-ray

binaries powered by a stellar-mass black hole, the particle acceleration likely happens

200



at shocks within the relativistic jets from the black hole rather than an intra-binary

shock, though the radiation mechanisms will be the same.

Regardless of the identity of the compact object, significant orbital variability

is expected and is observed in all gamma-ray binary systems. As the compact object

and massive star progress through their orbit, the location of the shock relative to

the massive star and compact object is subject to change. This will result in orbitally

modulated changes in the local magnetic and radiation fields in the shock environment,

which will vary the acceleration and radiation efficiency at the shock with time. Addi-

tional variability is introduced by the orientation of the binary system relative to the

line of sight of the observer. This can result in absorption of gamma-rays and Doppler

beaming of X-rays near inferior conjunction. The shape of the energy spectrum is

determined by the balance between the rates of acceleration, synchrotron radiation,

and inverse Compton radiation. These in turn depend upon the strength of the local

magnetic and radiation fields. Since these fields vary as the shock location changes, this

can introduce orbital variability in the energy spectrum of gamma-ray binary systems.

See Chapter 5 for a full discussion of the emission mechanisms and orbital variability

in these systems.

In most known gamma-ray binary systems, the identity of the compact object

is unknown. The emission from a system with an unknown compact object could

arise from either of the two primary scenarios outlined above: the pulsar scenario

in which particle acceleration and radiation occurs at the intra-binary shock, or the

microquasar scenario in which particle acceleration and radiation occurs in shocks

within the relativistic jet of the black hole. The identity of the compact object can be

unambiguously determined to be a pulsar if radio pulsations are detected from the area,

however the absence of pulsations does not preclude the presence of a pulsar. While

either scenario remains plausible, the balance of available evidence makes the pulsar

scenario the more likely of the two. Of the nine known gamma-ray binaries, three

are now known to contain pulsars. All gamma-ray binaries exhibit spectral features

characteristic of pulsars, such as curved high-energy spectra and X-ray indices similar to
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pulsar wind nebulae (PWNe) [27]. Radio emission, present in all gamma-ray binaries,

is a hallmark of PWNe but is typically absent in accretion-driven systems like HMXBs.

Additionally, the fact that all gamma-ray binaries exhibit broadly similar spectral and

timing features, taken together with the fact that three of these systems are known to

be powered by pulsars, points to a pulsar scenario being more likely in all systems. In

the absence of direct evidence of a pulsar, however, the microquasar scenario remains

plausible in those systems in which the compact object remains unidentified.

At the time of its discovery, PSR J2032+4127/MT91 213 was only the second

gamma-ray binary known to contain a pulsar (after PSR B1259-63). Knowledge of the

identity of the compact object greatly constrains the possible emission scenarios and

allows for detailed study of the physical environment in the vicinity of the intra-binary

shock. When a pulsar is known to be the power source of a gamma-ray binary this also

clearly defines the energy available for the observed processes (the pulsar’s spin-down

power). PSR J2032+4127 is a moderately energetic
(
Ė ≈ 2× 1035 erg s−1

)
gamma-

ray and radio pulsar. Its large orbit (≈ 50 years) sets it apart from other gamma-ray

binaries whose orbital periods range from ≈ 4 days to ≈ 3.4 years. The size of the orbit

is advantageous for Imaging Atmospheric Cherenkov Telescopes (IACTs). Since IACTs

typically require extended exposure times—on the order of several hours—to precisely

characterize a source’s gamma-ray flux, variability on shorter timescales than this can

be difficult to observe. The unusually large orbit of PSR J2032+4127/MT91 213

ensures that IACT exposure times are a much smaller fraction of the orbital period than

in other systems, allowing the orbital variability to be probed on finer timescales. The

obvious drawback of the large orbit is that periastron observations happen infrequently.

With the next periastron in this system likely to occur between ∼ 2062 and ∼ 2067,

CTAO and any other next-generation IACTs will not be able to detect this system

before then.

As with all pulsar-driven systems, the non-thermal emission from PSR J2032+4127/

MT91 213 originates from the intra-binary shock and is variable with time.

PSR J2032+4127/MT91 213 exhibits a steady increase in gamma-ray flux over the ∼
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Figure 8.1: Figure 6.1 from Chapter 6, reproduced here for convenience.
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month leading up to periastron, peaking just afterwards. The peak is followed by a

sharp dip in flux for a few days before recovering. The light curve in the weeks after

the flux recovered from the dip is poorly constrained.

The X-ray light curve reaches a maximum about a month prior to periastron

before steadily decaying and reaching a minimum near the time of periastron. The

X-ray flux then exhibits an abrupt flare about 10-15 days after periastron. The un-

derlying causes for the variability in both the X-ray and VHE fluxes are complex and

intertwined. A detailed discussion is given in Chapter 6. The increase in VHE flux

leading up to periastron is likely due to the intra-binary shock moving closer to the

massive star and thus into a more intense radiation field, increasing the inverse Comp-

ton luminosity. The dip after periastron is likely due to absorption of VHE gamma-rays

as the shock moves behind the massive star, relative to the observer. Contrary to the

VHE flux, the X-ray flux steadily decays leading up to periastron. This can naturally

be explained if the pulsar wind magnetization parameter σ (the ratio of magnetic to

kinetic energy in the wind) has a steep distance dependence at the shock front. Takata

et al (2017, [28]) found that the synchrotron luminosity will be greatest for σ ≈ 0.1:

higher σ will yield a greater magnetic field but too little kinetic energy for particle

acceleration at the shock, lower σ will result in sufficient particle kinetic energy but a

weak magnetic field resulting in inefficient synchrotron cooling. Assuming that σ de-

creases with distance from the pulsar, the shock’s movement toward the pulsar could

increase σ beyond the optimal value of 0.1, causing diminished synchrotron emission.

Doppler beaming of the X-ray emission could also play a role, although the magnitude

of this effect is highly sensitive to the orbital inclination of the system, which is poorly

constrained. Doppler beaming would enhance the X-ray emission the most at inferior

conjunction, which occurs several months before periastron. On the contrary, Doppler

beaming would be suppressive at superior conjunction, ∼ 10 days after periastron.

Both light curves can also be explained if the disk of the massive star is suffi-

ciently inclined. The inclined disk could create a “shadow” in the stellar wind: a region

where the stellar wind is less dense. Upon entering this region, the intra-binary shock
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would move away from the pulsar and toward the massive star. The resulting decrease

in magnetic field and increase in radiation field would naturally result in a decaying

X-ray flux and increasing VHE flux. The X-ray flare approximately 10 days after peri-

astron is likely due to an interaction with the disk of the massive star. While the VHE

light curve in the weeks leading up periastron and including the post-periastron dip is

well-characterized by both instruments, the flux in the weeks after periastron is poorly

constrained. This is due to the diminishing observable window for the source resulting

in reduced exposure times from both instruments. Inclement weather also hampered

post-periastron observations.

The discovery and detailed observation of the PSR J2032+4127/MT91 213

binary system represents a significant contribution to our broader understanding of

gamma-ray binary systems. At the time of its discovery, PSR J2032+4127/MT91 213

was the seventh known gamma-ray binary system, and just the second such system

known to be powered by a pulsar. Since the establishment of gamma-ray binaries as a

unique source class, PSR J2032+4127/MT91 213 is the first system from which VHE

emission was predicted before it was observed1, it therefore represents a significant mile-

stone in the growth of the population of these systems. Though subsequent periastron

observations will not be possible for the current or (likely) next generation of IACTs,

further observations and analysis can nonetheless contribute to our understanding of

PSR J2032+4127/MT91 213 and of the population of gamma-ray binaries.

Modeling of this system is plagued by a large number of model parameters, many

with large uncertainties. Parameters related to the massive star include the density

and profile of the stellar wind, the extent, inclination, and density of the circumstellar

disk, and the mass loss rate of the star. Parameters related to the pulsar include the

magnetization parameter σ (including possible distance dependence), the density of the

wind, and the distribution of particle energies in the wind. Finally the orbital geometry

of the system relative to the viewer can greatly alter the observed emission from the

1 In all other systems except for PSR B1259-63, the VHE source was initially uniden-
tified and only determined to be a gamma-ray binary after subsequent analysis.
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system. Effects such as Doppler beaming, absorption, and inverse Compton scattering

efficiency are all geometry-dependent. Many orbital parameters of this system remain

poorly constrained; orbital parameters are therefore essentially nuisance parameters

in the modeling of these systems. While various models have included subsets of the

aforementioned variables, a model has yet to emerge which investigates their combined

effect and which simultaneously accounts for X-ray and VHE emission.

Continued radio observations of the pulsar can provide timing information over

a larger fraction of its orbit and constrain parameters related to the orbital geometry.

Extended VLBI observations could further constrain the distance and orbital parame-

ters of PSR J2032+4127/MT91 213, as was done for PSR B1259-63 [165], though the

great size of the orbit makes this more challenging. Ultimately, the discovery of similar

sources and population studies of gamma-ray binaries will contribute to our under-

standing PSR J2032+4127MT91 213 and sources like it. There are currently only nine

known gamma-ray binaries, several of which have been sparsely studied. Only three

systems have a firmly identified compact object. The discovery and detailed study

of a large population gamma-ray binaries is desirable to better understand how these

systems work.

8.2 Gamma-ray Binaries: Future Prospects

Gamma-ray binaries are not likely to be ubiquitous throughout the Galaxy.

They are formed from the rather rare combination of a pulsar (or a stellar-mass black

hole) and a massive O or B star. Additionally, they are likely to be short-lived, transi-

tioning into HMXBs once the pulsar’s rotational energy can no longer hold off accretion

of the stellar wind [311]. The current population of gamma-ray binaries likely repre-

sents the upper end of the luminosity distribution of these systems and reflects the

sensitivity of the current generation of instruments. Dubus et al. (2017) constructed

an approximate gamma-ray binary luminosity distribution and, based on simulated

surveys conducted by several gamma-ray telescopes, concluded that the Galactic pop-

ulation of gamma-ray binaries likely contains between 49 - 190 systems [160]. They
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conclude that many more systems of comparable luminosity to the known popula-

tion are unlikely to be found: the discovery of more systems requires more sensitive

instruments, namely CTAO.

The Cherenkov Telescope Array Observatory

As the current generation of IACTs near the end of their lifetimes, the future of

ground-based gamma-ray astronomy is represented by the Cherenkov Telescope Array

Observatory (CTAO) [312, 34]. By using a much larger number of telescopes equipped

with modern cameras and data acquisition equipment as well as more sophisticated

analysis methods, CTAO will achieve an order of magnitude increase in sensitivity

relative to current instruments [313]. Additionally, it will approximately halve the an-

gular resolution and energy resolution compared to H.E.S.S., VERITAS, and MAGIC.

This will enable CTAO to both discover new gamma-ray binaries (early simulations

suggest four new sources could be found by CTAO in its first two years [160]) and to

study existing sources in much more detail.

CTAO will consist of two separate arrays: CTAO-North will be located at the

Roque de los Muchachos Observatory on the island of La Palma in Spain; CTAO-

South will be located at the Paranal Observatory in the Atacama Desert in Chile. The

north-south division will allow CTAO to cover a broad range of source declinations,

providing nearly full-sky coverage. Each observatory will consist of multiple telescope

types: a Small-Sized Telescope (SST, [314]) with a mirror diameter of 4.3 meters and

field of view of 8.8◦, a Medium-Sized Telescope (MST, [315]) with a mirror diameter of

11.5 meters and a field of view ranging from 7.5◦ − 7.7◦, and a Large-Sized Telescope

(LST, [316]) with a mirror diameter of 23.0 meters and a field of view of 4.3◦. The

LSTs and MSTs will be equipped with high quantum-efficiency (∼ 40%) PMTs [317],

and the SSTs will utilize silicon photomultipliers (SiPMs) [318].

CTAO will utilize mixed arrays which contain multiple types of telescopes, al-

lowing it to achieve a high sensitivity across an unprecedented energy range (∼ 20 GeV
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- ∼ 300 TeV, Figure 8.2). Accomplishing this with a single telescope type is infeasi-

ble. Due to the general power law (flux ∝ E−Γ) nature of most astrophysical sources,

gamma rays are relatively frequent at low energies and sparse at higher energies. Con-

versely, the Cherenkov light produced by low-energy gamma-ray initiated showers is

faint and difficult to detect, while the Cherenkov light from high-energy showers is

bright and can be detected from distances far beyond the light pool.2

The low-energy threshold of an array of IACTs therefore depends on the size of

the individual telescopes. This threshold decreases with mirror diameter (see Chapter

2). The high-energy threshold is instead limited by the paucity of events. This can be

mitigated by increasing the effective collection area of the array.

Thus for low-energy sensitivity, the size of the individual reflectors is more im-

portant than the size of the overall array; whereas this is reversed for high-energy

sensitivity. For a fixed number of telescopes, effective collection area can be increased

by increasing the inter-telescope spacing. At high energies, gamma-rays produce bright

Cherenkov showers that are visible even at great distances. Increasing the inter-

telescope distance will therefore increase the collection area of the array without di-

minishing its ability to detect high-energy events, out to hundreds of meters [319].

Increasing the inter-telescope distance far beyond the characteristic size of the light

pool (∼ 120 m in radius) will have the effect of raising the low-energy threshold of

the array, since low-energy showers are faint and can only be effectively imaged from

within the light pool.

There are therefore competing design constraints which prevent simultaneous

optimization over a large range of energies with a homogeneous array. The study of

sources at low energies requires large, closely-spaced telescopes. High-energy studies

require that the array cover a large geometric surface area, but the reflector size and

spacing constraints are relaxed. Financial constraints limit the number and size of

the telescopes as well. CTAO will thus construct arrays which consist of sub-arrays

2 In this context the term “light pool” refers to the area on the ground, typically ∼ 120
meters in radius, where most of the Cherenkov light is focused (see Chapter 2).
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Figure 8.2: The differential sensitivity (top) and angular resolution (middle) of both
CTAO arrays, compared to current instruments. The bottom panel shows the energy
resolution of the Southern Array. Images available at [34].
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of different types of telescopes. CTAO-South, in its initial “Alpha” configuration, will

consist of 14 MSTs and 37 SSTs. The layout of the array will be a superposition

of more compactly-spaced MSTs and sparsely-spaced SSTs, covering a total area of

∼ 3 km2. CTAO-North will comprise 4 LSTs and 9 MSTs and will cover a total area of

∼ 0.25 km2. CTAO-South is therefore more specialized for high energies, while CTAO

North will boast a low-energy threshold of about 20 GeV [34]. The unique layout of

the arrays also has the consequence that many more Cherenkov showers will be entirely

contained within the array, allowing for greater numbers of telescopes to participate in

event reconstruction. This will result in vastly improved energy and angular resolution,

relative to current instruments (Figure 8.2, [320]).

Gamma-ray Binaries with CTAO

CTAOs improved sensitivity (about 10 times as sensitive as current IACTs)

will allow it to detect faint sources which are unseen by current instruments. It will

also allow it to conduct flux and spectral measurements of currently known sources 10

times faster. The former will result in the discovery of new gamma-ray binary systems,

while the latter will result in the study of spectral variability of known systems on

unprecedentedly small timescales. Increased energy resolution will also allow for much

tighter constraints on features in the energy spectra of gamma-ray binaries (such as

cutoff energies), which in turn constrain underlying parameters such as the magnetic

field in the shock environment.

Given the relatively small size of the current population of gamma-ray binary

systems, the discovery and analysis of new systems is critical to learning more about

the population as a whole. Dubus (2017, [160]) posits that few systems remain to

be discovered by current IACTs, due largely to their insufficient sensitivity to fainter

sources. The increased sensitivity of CTAO will likely result in the discovery of several

new sources: potentially four new gamma-ray binaries could be discovered in the first

two years alone of CTAO operations [160]. This would represent a nearly 50% increase

in the number of known systems. The discovery of additional gamma-ray binaries
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can eventually allow for broader population studies which allow us to examine the

statistical distribution of properties like luminosity, orbital size, spectral features, etc.

similar to studies done for PWNe [321] and other more numerous sources.

In gamma-ray binaries, the physical conditions at the location of the shock are

continuously changing. As the shock experiences varying stellar wind densities and

magnetic and radiation fields, its spectral shape and overall luminosity will change. If

the size of the emission region scales with separation distance between the compact

object and massive star, there is reason to expect variability on timescales of minutes.

Modern IACTs cannot approach these timescales with any level of precision. PSR

J2032+4127/MT91 213 ranges in flux from 1-10% that of the Crab Nebula, typical

among gamma-ray binaries. VERITAS can detect a 1% Crab source in 20-30 hours

of exposure; a 10% source takes only 20-30 minutes [109]. Significantly more time

is required to construct a precise energy spectrum. It is therefore difficult to study

spectral evolution throughout the orbit of a gamma-ray binary on timescales smaller

than days to weeks (although this has been done in the case of LS 5039 after integration

over many orbits [21]).

The impact of CTAO observations on existing gamma-ray binaries has been

studied in detail by Cherenyakova et al (2019, [322]), who simulated CTAO observa-

tions of known gamma-ray binaries in order to estimate how CTAO may improve the

precision and resolution of current measurements. CTAO will be able to construct

high-precision light curves with ∼30 minute observations, allowing for the detailed

investigation of features like the recurrent dip in the light curve of PSR B1259-63,

attributed to absorption. The construction of precise spectra in under 5 hours of ex-

posure time will allow for the study of spectral variability on short timescales, placing

strong constraints on the underlying physical processes and potentially allowing for

investigation into the density profile of the stellar wind [322]. The lower energy thresh-

old of CTAO will allow for observations of gamma-ray binaries at GeV energies, where

there is significant overlap with Fermi -LAT. This will allow for detailed study of the

high-energy component of the emission, which is currently thought to originate from a
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different particle population than the VHE component. CTAOs increased sensitivity

and energy resolution will also place tighter constraints on spectral features commonly

observed in gamma-ray binaries, such as cutoff energies.

The influx of new sources, together with studies of existing sources in vastly

greater detail, will greatly improve our understanding of gamma-ray binaries and how

they work. In summary, the prospects for gamma-ray binary studies with CTAO are

good, despite the limited source population.
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