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Abstract
From photons to cosmic rays: a multiwavelength pursuit of Galactic PeVatrons

Jooyun Woo

The origin of cosmic rays has been a century-long outstanding question. In particular, the
accelerators of the most energetic cosmic rays in our galaxy, “Galactic PeVatrons”, have drawn
great attention in the community for understanding an extreme cosmic-ray acceleration
mechanism and other closely related processes such as diffusion and cooling. The most energetic
cosmic rays emit TeV gamma rays and hard X-rays, whose spatial and energy distribution deliver
crucial information about the cosmic rays and the astrophysical environment in which the cosmic
rays are accelerated. Since different information is delivered in different energies of photons, one
needs to observe a cosmic-ray source with multiwavelength instruments to obtain a complete
view of physical processes in the cosmic-ray source. This work presents X-ray and gamma-ray
observations of three Galactic PeVatron candidates — a young supernova remnant Cassiopeia A, a
middle-aged pulsar wind nebula Dragonfly, and a halo around an old pulsar LHAASO
J0621+3755. Each candidate is examined for its capability of cosmic-ray acceleration, and
investigated for its unique insight into different cosmic-ray processes. Prospects for identifying

Galactic PeVatrons are discussed.
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Chapter 1: Introduction and Background

Cosmic rays (CRs) are relativistic charged particles traveling the universe. Since Viktor Hess
discovered CRs in 1912 [1], numerous CR experiments led to the discovery of new subatomic par-
ticle species such as the positron, muon, pion, and kaon. This aspect of the CR experiment evolved
into collider experiments that control particles with up to TeV energies, eventually becoming a
foundation of the empire of particle physics. On the other hand, spectral measurements of local
CRs show the ample presence of CRs with energies much greater than that achievable in colliders.
Given that it was already highly challenging to accelerate particles to TeV energies in colliders, the
evidence of much more powerful particle accelerators in the universe directed scientists' attention
to outer space for physics that cannot be studied on Earth. Where are CRs coming from? What
is the mechanism behind the particle acceleration to such high energies? How do such energetic
particles behave in extreme cosmic environments? Does it change our knowledge of fundamental
physics? While the eld of astroparticle physics has grown to answer those questions using the
CRs detected on or near Earth, high-energy (X-ray and gamma-ray) astrophysics emerged as a
unigue window to the CR sources inside and outside of our galaxy, bringing the ndings from the
local and farther side of the universe.

Many experiments have measured the CR composition and spectrum with unprecedented pre-
cision (see Figure 1.1). CRs consist of 90% protons, 9% helium nuclei, 1% electrons, and even
smaller amounts of heavier nuclei, antiprotons, and positrons. The all-particle CR energy spec-
trum is well described as a smooth power-law of ene@f@ / ) with features where the
spectral index changes. Up to the “knee” at3 PeV, 2¢7. CRs with energies below the knee
are believed to originate in our galaxy. Above the “ankle” &t EeV, 2¢7. CRs with energies
above the ankle are believed to originate outside our galaxy. The spectrum is steeper between the

knee and ankle with  3-3.3. CRs with energies in this range are believed to be a mixture of



Figure 1.1: The CR spectrum measured by different experiments [2].

Galactic and extragalactic origin.

One can write down a simpli ed transport equation for CRs [3, 4, 5]:

mb5 5
— =@ Pz g - 1.1
p—s . oo (1.1)

where 5 = 5'®®-°Gs the CR density in phase space, and each term on the right-hand side
represents the three essential CR processes: diffusion, acceleration (81.2), and cooling (81.3).
CRs are de ected by diffusion, i.e., scattering with universal magnetic irregularities. The
strength of diffusion is characterized by the diffusion coef cient Diffusion plays a crucial role
in CR acceleration, among the most famous mechanisms of which is diffusive shock acceleration

(DSA). Accelerated CRs have power-law spectra in ené&rgy whose index depends on



Figure 1.2: Top: Galactic UHE sources detected by LHAASO [@Rottom TeV—PeV eutrino
emission along the Galactic Plane detected by IceCube [7].

the acceleration mechanism and environment. CRs not only gain but also lose energy by interact-
ing with their surroundings. The energy loss is often characterizegl.By the time it takes for a

CR to lose a signi cant part of its energy. Part of the lost energy is converted into neutral particles
such as photons and neutrinos. Since diffusion erases the directional information of CRs, these
neutral byproducts that travel along the straight line are the only way to locate the CR accelerators.
In addition, the spectra of these neutral particles bear information about their parent CR spectra
and the surroundings in which they were produced.

The most energetic Galactic CR protons and electrons with PeV energies emit ultra-high-
energy (UHE, > 100 TeV) gamma rays by pion decay and inverse Compton scattering, respectively.
The same pion decay process also produces neutrinos with energies about half the gamma-ray en-
ergies. Large High-Altitude Air Shower Observatory (LHAASO [8]), a UHE observatory with
unprecedented sensitivity up to PeV energies, recently reported the detection of 43 UHE sources
in our galaxy [6] top panel of Figure 1.2). A recent detection of TeV—-PeV neutrino emission
from the Galactic Plane by a neutrino observatory IceCubedjatf¢mpanel of Figure 1.2) further
con rms the presence of the most energetic accelerators of PeV CRs in our galaxy, the Galactic

PeVatrons. Very-high-energy (VHE, > 100 GeV) observatories, such as Very Energetic Radiation



Figure 1.3: Galactic TeV sources (image credit: TeVQdutp(//tevcat2.uchicago.

edu/ )).

Imaging Telescope Array System (VERITAS [9]), complement UHE observatories in measuring
broadband gamma-ray spectra of Galactic PeVatrons as well as resolve their morphology with
superior angular resolution. However, one cannot disentangle the information about CR species
(electron or proton), CR spectra, and environmental parameters such as ambient photon and matter
density from gamma-ray spectra alone. To do so requires a multiwavelength approach. In partic-
ular, the CR electrons probed by the VHE and UHE observatories emit synchrotron radiation in
the hard X-ray band above 10 keV. As the only focusing broadband hard X-ray telescope, the
Nuclear Spectroscopic Telescope Array (NUSTAR [10]) provides the missing puzzle piece for a
complete picture of Galactic PeVatrons.

Nearly a hundred galactic gamma-ray sources have been detected in the TeV range (Figure 1.3).
The only identi ed Galactic PeVatron is the Crab nebula, a pulsar wind nebula (PWN) around a
young pulsar. About half of the TeV sources are likely associated with energetic pulsars and
their PWNe, the most promising Galactic leptonic (CR electron) PeVatrons. Supernova remnants
(SNRs) are historically and theoretically believed to be the Galactic hadronic (CR proton) PeVa-
trons; yet SNRs have not been observed in the UHE range.

In this dissertation, | aim to nd the origin of the most energetic Galactic CRs by observing

Galactic PeVatron candidates with X-ray and gamma-ray instruments. The dissertation is struc-



tured as follows. In the rest of this chapter, the theoretical background of CR diffusion (81.1),
acceleration (81.2), and cooling (81.3) as well as the Galactic PeVatron candidates (81.4) is laid
out. In Chapter 2, the instruments used for this work are introduced. Chapters 3-5 present the
observation and interpretation of the Galactic PeVatron candidates in three different evolution-
ary stages: a young SNR (Cassiopeia A; Chapter 3), a middle-aged PWN (the Dragony PWN;
Chapter 4), and a halo around an old pulsar (LHAASO J0621+3755; Chapter 5). The dissertation

concludes in Chapter 6 with remarks on the future prospects of the Galactic PeVatron search.

1.1 Cosmic ray diffusion

Our galaxy is lled with irregular magnetic elds. The electromagnetic interaction between
these magnetic irregularities and CRs causes diffusion, i.e., deviation from the initial CR momen-
tum. Such deviation averages to zero, but its mean square is nonzero, having a macroscopic impact
on CR transport.

In an ordered magnetic eld, a charged particle simply gyrates along the magnetic eld line.
For a magnetic eld®= 10-0- ¢° and a charged particle with the char@emass< and velocity

B= 1Bz P, Lorentz's force law3® 3C= @® ®gives

38 _ 10 =100 = E. = .
5c=0) BIC=R0°=F=Ecos\ =E

2 2
33E§‘”= ?V—i Es-F ‘Es) E!C=Bcostq C- (1.2)

E£C =E sinlq (G

where\ is the “pitch angle”, the angle betweéBand® = @ o*W<is the gyrofrequency,
E = Esin\ = Igoﬁ is the particle velocity perpendicular to the magnetic eld, ande nes
the initial condition such thas'0° = B cosq andE4t0° = E sing. Note that the pitch angle, as
well as the particle's motion parallel to the magnetic eld, do not change. Diffusion does not occur
in an ordered magnetic eld.

Let us consider a small perturbation in the magnetic eld perpendicular to the ordered magnetic



eld: ®= & X®where §=10-0- °,X®=1X X 40° and o X , asin Alfvén waves.

In the wave frame, where there are no electric elds, Lorentz's force law reads

365 _
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W<—EH= @6X ¢ Es o°- (1.3)
35

——@EGXH BX ¢

Ec_is weakly perturbed O* X °. Now, 3g+3Cis nonzero, whiléNis conserved, s@ *3C
should be nonzero. Keeping only the term®?* X © for 35+3C i.e., taking the unperturbed

solutions forEg_H
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Assuming a circularly polarized wave,

X g=X cost:l , ko= Xg= X sint:l | k°
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Approximatingl  E.C= E Cfor the unperturbed travel distance,

3 _@oX q

1 "2 k 1:E° 0 1.
BC W< g cosxq CA (1.6)

As anticipated, the pitch angle diffusion averages to zaroi = limy; 0) 137+3C3C=0.

However, the mean square of the pitch angle does not vanish:
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Finally, the pitch angle diffusion coef cient is de ned as [4]
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The pitch angle diffusion is resonant for the perturbation wavenumbgs= *E" dueto
the Dirac delta function. For = 1, this resonance condition becom%laB: A, whereA is the
Larmor radius of the charged particle. If the perturbation has a much smaller length scale than the
particle Larmor radius, 1 A, the perturbation will average to zero over a gyration cycle, and
so will the pitch angle diffusion. If the perturbation has a much larger length scale than the particle

Larmor radius; 1

A , the particle will glide along the perturbation without a signi cant change
in the pitch angle.

Intuitively, ef cient pitch angle diffusion indicates inhibited propagation and, hence, sup-
pressed spatial diffusion. For a spectrum of perturbation, and noting that cos\°® =

p
sin\ \' = 1 "2 \, the diffusion coef cient fon is

1:02

Jaap X TasB= FilasB- (1.9

whereF 1: 548 is a dimensionless power spectrum evaluated at: a4gwhich represents the
power of pitch angle diffusion. One can approximate the time it takes for the particle pitch angle

to change by one radiap 4e \\1. Then spatial diffusion can be de ned in terms of the distance



traveled duringga4g assuming isotropy such that |} gaae= 1E94|22 [4],

1
o= §E29A4E:

2 =2 _ 2 EA?°
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. (1.10)

As expected, spatial diffusion is inversely proportional to the power of pitch angle diffusion.
Phenomenologically, a power-law form of the particle momen®isiadopted folF . This results
in the particle energy dependence of spatial diffusion coefcient/ X where some of the
widely used values foX are X = 1 (Bohm regime), 1/3 (Kolmogorov regime), 1/2 (Kraichnan
regime).

Clear evidence of CR diffusion in our galaxy is the ratio of secondary to primary CRs. Light
elements such as Li, Be, and B (“secondary” CRs) can be formed only through the spallation of
heavier elements such as C and O (“primary” CRs). The production rate of secondary CRs is
@ ° =»t °=( f2,where=;1 °and= 1 cm 2 are the primary CR and ISM number
density, respectively, is the spallation cross-section, add the speed of light. Then the number
density of secondary CRs#g! ° = @' °gaspVvheregasds the CR residence time in the Galactic
disc. The secondary-to-primary ratiee=» gasg (» f2 , when compared with the measurements
such as the B/C ratio, yieldg4g afew Myr [11]. The distance traveled by CRs during this time,
o4 afew Mpc, far exceeds the size of our galaxy of a few tens kpc, indicating that the motion
of CRs is diffusive rather than ballistic.

Let us consider the conventional picture of CRs in our galaxy. Figure 1.4 shows a schematic
diagram of our galaxy comprising a thin galactic disc and a galactic halo above and beneath the
disc. Itis a cylinder where the disc lies lat= 0, and the halo extends out to= . The disc
has a surface arezx’ % over which CR sources are uniformly distributed. CRs diffuse uniformly
within the halo. For the steady state, Equation 1.1 becomes

Mo MmB2=P o, 5P

mi mi g>g?°

. (1.11)

Let us assume the CR sources are impulsive events, each of which produces a CR spectrum



Figure 1.4: Schematic diagram of our galaxy [4]

#17?° and occurs at a rate, such tha& 1?—P = #170'X 1| % 2¢’ § CRs are allowed to escape at

the edge of the halo freely, i.e5t?—I1=j j°=0. Forl j O,

nf5t?2—p  5L2—P

)

mP 129g.pg?° I [
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Imposing the free-escape boundary condition,
!
2
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Integrating Equation 1.11 over a narrow region arourdO and utilizing the symmetry along

thel axis,
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Then, the CR density on the disc is
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where, in the last step, 'me: pg4Tg>BB 1 was assumed to account for the case
where CRs experience signi cant energy loss before escaping our galaxy (energy loss timescale
g-s escape timescalgg). Replacing momentur? with energy for ultrarelativistic CRs
(?' ),andadopting * °©/ X #1 ©] (see 81.2), and-ps/ P (see §1.3)5t °/

" X b2 Therefore, the observed CR spectrum is softer than the injected CR spectrum.

1.2 Cosmic ray acceleration

1.2.1 Second-order Fermi acceleration

Diffusion of charged particles due to magnetic irregularities, or equivalently, scattering of
charged particles with a perturbative electromagnetic wave, was introduced by Hannes Alfvén
in the context of Alfvén waves. Based on this concept, Enrico Fermi proposed a CR acceleration
mechanism [12], now known as the (second-order) Fermi acceleration. This simple but powerful
ideaisthe rstand, after 75 years, still the only well-established CR acceleration mechanism, along
with numerous variations of its original format that account for more realistic physical conditions
and adopt the ndings from numerical simulations.

Magnetic elds do not do work, and hence, particle energy is preserved. To increase the energy

10



Figure 1.5: Schematic diagrams of the (second-order) Fermi accelerafipimiage credit: Juan

A. Aguilar) and the DSA (or the rst-order Fermi accelerationyht, [13]).

of a particle requires the presence of electric elds. The astrophysical environment is mostly
plasma, which does not sustain large-scale electric elds. However, moving magnetic irregularities
can induce small-scale electric elds. While, in 81.1, we resided in the wave frame where electric
elds vanish, moving back to the lab frame brings electric elds into the picture. This is the
ground of the Fermi acceleration mechanism. In the case of Alfvén waves, this induced electric
eld changes the particle momentum by?*?  E 2, whereE = o-pa*—o is the Alfvén
velocity in a medium with the density. If we de ne a diffusion coef cient for momentum change

as .o,=h ? ?¢)i 7?2LE «29%)  then the time scale for momentum change 2% -

) 1E «22 2( ) in most cases sinde 2) indicates that it is a second-order process [4].

As shown in 81.1, changes in the pitch angle could eventually turn the particle around, in
which case the magnetic irregularity responsible for such changes is working as a “mirror”. A
particle hitting this moving mirror head-on will gain energy, whereas it will lose energy by a tail-
on scattering. Let us consider such a magnetic mirror moving at the ve@sityG(+ 2)and a
particle moving at the velocit= E & E'D 1 2P where’ =cos\ and\ isthe angle between
Pand® The initial particle energy gand momentun?s= g 22 in the lab frame are transformed
into the mirror frame as§= W g, +?5 °and?3_s W?g , gr+2%, whereW= 1-pm.
Assuming an elastic scattering with a very massive magnetic mirror compared with the particle,

the particle energy and momentum in the mirror frame after the scattering are si{?gply 9and
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N _& ?3_gBackin the lab frame after the scattering,

. +2 +2 2+E
5=W % +?05_%=V@ g, 2+?g | 80 :V@81,_2= 2
2 2 2
. (1.16)
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The probability for the pitch angled" ° is proportional to the relative velocity [14]:
. + . E .
%W'°= — +° 22 4+ 2-B 2
1, E+ °22
1 1
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As found forgy2,, the average energy gain is in the second order@f so the name “second-
order” Fermi acceleration. As mentioned fgyo E 2 in most cases, such as interstellar
magnetic turbulence. Therefore, energy gain by the second-order Fermi acceleration is very inef-
cient. This is because the scattering is not always head-on. If all scatterings are head-on, energy

gain will be much more ef cient.

1.2.2 Diffusive shock acceleration (First-order Fermi acceleration)

Purely head-on scattering is made possible across a shock, an extreme phenomenon yet com-
monly found in the universe. The Fermi acceleration mechanism applied to astrophysical shocks,
such as those in SNRs, is referred to as DSA [15, 16, 17, 18, 19]. A shock is a discontinuity in
physical properties due to the supersonic motion of a uid in a medium. In the frame of a 1D
shock, one can write down the continuity equations for mass, momentum, and energy that hold in
the shock’s upstream (unshocked) and downstream (shocked) separately:

m 1 45 W

m m
—1dDP=0- —dF, ®¥=0- —_ =
mG mG  ° mG2 W 1

%D — (1.18)
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whered— D- ,%andWare the mass density, velocity, pressure, and the adiabatic index of the
uid. With the upstream and downstream quantities denoted by the subscripts 1 and 2, respectively,

the discontinuity of these quantities at the shock is described by the Rankine-Hugoniot jump con-

ditions:
. dp_Di_ W 1°M7 | W, 1
1 D ow M2, 2 0 WL
% 2WM? 2WH 2
Yo M3 W1, 1_ (1.19)
% W 1 W 1 w1
)2 _CPWME TW IOV 1M T, 2% 2WMPIW 10
)_1 - 1\W 1°2|\/|% ) W, 102

whereM = D 2gis the sonic Mach numbe@g = pW—%ol is the sound speed, is the tem-
perature, and the equations on the right-hand side of the arrows are for the case of a strong shock
IM; 1°such as SNR forward shocks. For a monoatomic idealg&s5e 3°, the compression
ratio' ! 4.

Let us consider a 1D shock &= 0 with the upstream (downstream)@t YO (G i 0). In
the shock frame, the upstream (downstream) plasma moves at the vElp(ip) in the positive
Gdirection. A particle with the velocitfs Dy, energy g and the pitch anglég = cos\gis in
the downstream of this shock. If the particle crosses the shotk (g 0° to the upstream,
its energy in the upstream frame i§ = Wgl +E ¢2%°—where+ = D, D is the relative
velocity between the upstream and downstream plasma,\/\&ndlopm. The particle
may be scattered back to the downstream with the velﬁgtynd pitch anglé ‘05 1 by

magnetic irregularities in the upstream. Then, a DSA cycle is completed, and the particle energy

in the downstream is
! I

\O'
+° +
Wel -8 1 —° 1 E! 2 (1.20)

2 2

i
+
m"%»

+

5:V@81

Assuming both the upstream and downstream plasma are isopropized, the probabilities for the

pitch angle®4 " ¢ and%d %0 are proportional to the particle u¥E" [14]:
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Since the energy gain of the DSA is of the rst order+of2, the DSA is also known as the
rst-order Fermi acceleration. It is an ef cient particle acceleration mechanism for nonrelativistic
shocks; for relativistic shocks, particles downstream would have dif culties returning to the shock

upstream.
To derive the resultant particle spectrum, #g3 be the initial number of particles with the
energy o. In each cycle of the DSA, the particles gain energy by 1, * . Some patrticles
may leave the accelerator after each cycle, and the fragtiohthe particles will move on to the
next cycle. After. cycles, the number of particlés = % #(, and the particle energy. = 0-
is given in Equation 1.21. To estimaig let = be the isotropized particle number density. The
particle uxthat crosses the shock from downstream and comes back from upstreB, iglhere
Eis the particle velocity. Once back in the downstream, the ux that advects downstream without
going on to the next DSA cycle . Then%=1 =DQe'=p4° 1 4D2forE! 2Using

=Nt e #%In%=1In1 .o CeIn [18],
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N2 ="%n = g #.=#o —
#o In 0 " 0 ) ' °
1 .
In»l, 410 DYe32% D D 1
3# 1 o 2
= — &, 1° — = > e
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Figure 1.6:Left: schematic diagram of the formation of a precursor (image credit: Stefano Gabici).
Right: Comparison between the NLDSA (precursor (region 1) only) and mNLDSA (precursor and
postcursor (region 2))) [21]

Therefore, the DSA produces a power-law spectrum of relativistic particles with an index that
depends on nothing but the shock compression ratioFor a strong shock with ! 4, the
universal particle spectrum is a power law with index 2. B

Since the total particle energy calculated from this spectrum is divergelcnt (t3#+3 °3
where ¢ is the threshold particle energy for injection into the DSA cycle), the maximum patrticle
energy is required to keep the total particle energy nite. The maximum energy can be estimated
as the energy a particle can achieve within the tfjnre min1G@ess+~ Gg8, where@ea is the age of
the accelerator an@.ggs the particle cooling time scale (see §1.3). For protons wkhggs in
general much longer tha@s4, the maximum energy <o is found by equating the acceleration
time @22 1 %E3 andGgg Where 1 ©is the energy-dependent spatial diffusion coef -
cient, andgs is the shock velocity. The Galactic average diffusion coef cient estimated from the
primary-to-secondary CR ratio measurementis 7 1078t <4 Ge\*%* cn? s 1[20]. Adopting
this value and the typical age of an SNRa kyr with a strong shocks  a few 1000 km s,

G2t <o = Geagives <o GeV, far from the knee of the CR spectrumPeV. To explain
the CRs with energies much higher than GeV, the diffusion coef cient at the accelerator should be

much smaller than that of the Galactic average so that particles can spend a longer time around the

shock and gain more energy.
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1.2.3 Nonlinear diffusive shock acceleration

Suppressed diffusion can be achieved by strong magnetic instabilities driven by the particles
themselves. The enhanced magnetic turbulence will increase the total magnetic eld at the accel-
erator by 10-100 times the ISM magnetic eld. Such ampli ed magnetic elds are often observed
in young SNRs (see 81.4). Treating CRs as active participants of an accelerator system, instead of
passive test particles, causes highly nonlinear effects on the accelerator. Understanding these non-
linearities requires numerical simulations, the rst of which adopted the two- uid approach where
CR ions and electrons are treated as two uids of relativistic particles. Such simulations provided
the foundation of the revised DSA theory, so-called nonlinear DSA (NLDSA,; e.g., [22, 23] for re-
view). The key difference between the DSA and NLDSA lies in the compression ratio. Firstly, the
contribution of relativistic particles is taken into account as the relativistic adiabatic WWdede 3,
and hence;, ! 7 for a strong shock. Secondly, CR pressure slows down the upstream plasma,
forming a region called “precursor” (Figure 1€ft). Low-energy ( GeV) CRs con ned in the
vicinity of the shock experience a decrease in the upstream veBcitythin the precursor, and
hence, a reduced compression ratigp1= Di*D, . 4. High-energy CRs still experience the total
compression ratio c>= DyeD, ! 7, wherely is the plasma velocity in the far upstream (region
0 in Figure 1.6right). Then, the resulting particle spectrum is such that the low-energy spectrum
is softer than the DSA spectrum (; 2), and the high-energy spectrum is harder than the DSA
spectrum (Y 2). Such a concave CR spectrum, however, does not agree with observation. As
demonstrated at the end of §1.1, the measured CR spectral ind&xand the Galactic diffusion
spectral index 0+4 require a much softer spectrum with= 2¢7 0«4 = 2¢3 up to the knee
for protons whose energy loss is negligible. Gamma-ray observations of SNRs also indicate CR

spectra softer than the DSA spectrum (see 81.3).

1.2.4 Modi ed nonlinear diffusive shock acceleration

The two- uid simulations provide insight into the shock dynamics modi ed by the uid of

relativistic CRs. However, treating the CRs as a uid inherently prohibits the knowledge of the en-
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ergetics of CRs modi ed by the shock-CR interaction, which in turn modi es the shock dynamics,
which affects the CR energetics, and so on. To self-consistently model the CR-shock interactions
and extract the resulting CR spectra requires the kinetic approach that treats CRs as particles.
Recent hybrid simulations of kinetic ions and uid electrons [24, 25] found the formation of a
“postcursor” downstream a shock, an equivalent of a “precursor” in the upstream, that changes the
shock dynamics and CR spectrum to an even greater extent than the precursor does. This so-called
modi ed NLDSA (mNLDSA) made an important step toward a better understanding of CR accel-
eration at shocks. In a precursor (region 1 in Figure 1.6), CRs are drifted away from the shock front
relative to the background uid by CR-driven magnetic turbulence at the local Alfvén speed

In a postcursor (region 2 in Figure 1.6), the same drift happens at $peedFor high-energy

CRs that probe the upstream in nity and the downstream, the compression ratio experienced by

the CRs is [25]

D) . ' C>C, Uz E_

; 1.23
D Ez 1. 5) (1.23)

"TtsC

wherek is the uid velocity in the far upstream, and:>ds the compression ratio experienced by
the background uid, that of the NLDSA. The paramet&rcharacterizes the postcursor effect on
the CR spectrum. Sindé, | O, '¢t>ds always smaller thahcscFor low-energy CRs that probe

both the precursor and postcursor, the compression ratio experienced by the CRs is [25]

Db E_1, , 1 U E—l.
01 5, E, BT, U D, (1.24)

5

If magnetic elds are compressed at the shock such that ' gp1 1,

2 ' BD1 1 302 1 32
bL=—p ' B =" —p—=" . 8U— 1.25
D" o0z D' gpf o BOOL By Tod: eoth ' ( )

therefore, the postcursor effect dominates over the precursor effect. For the majority of the CR
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population > GeV, the mMNLDSA prediction for the particle spectrum is (see Equation 1.22)

_ '~C>(; 2 — i C>C 2 N 2U2
Vescl° W

1.26
o (1.26)

is softer than the DSA spectrum. One can view the same result with respect to the balance between

energy gain and particle escape as in Equation 1.22:

o %1, 3B 3, 32
) 1 b B "D D E1 E2

(1.27)

This is a demonstration that the postcursor effect softens the CR spectrum by increasing the particle
escape probability (numerator) more than it decreases the energy gain (denominator) by a factor of
3. Overall, the CR current weakens the shock, then the DSA becomes less ef cient, which in turn
decreases the CR current, self-regulating the CR spectrum [25].

While the hybrid approach provided signi cant ndings on CR spectra at shocks, it still treats
electrons as a uid and hence fails to dissect their kinematics. A full kinematic approach, realized
by particle-in-cell simulations, will be the ultimate resolution, yet it is computationally exception-
ally expensive given the current technology.

An important caveat is that all the shock acceleration theories assume that CRs are already
ultrarelativistic. In reality, it is not a trivial question as to how a fraction of CRs in a thermal
pool downstream of the shock gains enough energy to travel against the uid and cross the shock.
One of the proposed solutions to this “injection problem” is the “thermal leakage” model (e.g.,
[26, 27, 28, 29]). Most astrophysical shocks are collisionless, i.e., the mean free path of binary
Coulomb collision is far greater than the size of the shock. The isotropization occurs via waves
such as scattering off moving magnetic turbulence. Unlike collisional shocks, where particles
quickly establish the Maxellian distribution by collisions, it takes a longer time for collisionless
shocks to thermalize particles and may leave some suprathermal particles in the high-energy tail
of the Maxwellian. These patrticles, whose gyroradius may be large enough to make a DSA cycle

across the shock in a single orbit, could become the seeds of CRs.
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1.3 CRcooling

CRs constantly interact with the surroundings, i.e., the interstellar medium (ISM) and the in-
terstellar electromagnetic elds. Such interactions directly or indirectly produce photons over a
broad energy range. The spectrum of this continuum emission contains information about the pri-
mary CR spectrum and the surroundings with which the CRs interact. These photons also preserve
directional information, guiding us to CR acceleration sites. This chapter has been adapted from

[30, 31, 32, 33, 34, 35].

1.3.1 Pion deccay

The dominant energy loss mechanism of CR protons is pion production from inelastic scat-
tering with the ISM (mainly hydrogen). Above the threshold kinetic energy of CR prot2a0

MeV, neutral pions are produced, which in turn decay into gamma rays afte8enly10 17 s.

221 22¢°
(1.28)
cOl 2%
A CR proton lose®0%of its energy after one interaction. Well above the threshold energy, the

cross-section of this interactiohp, 40mb, is only very mildly energy-dependent. The lifetime

of a CR proton then can be approximated to

? ?

= 1
' 53 100 — oy, (1.29)

G . 1
7 T3 5e3C 05 52f 20= cm 3

where - is the CR proton energy, c is the speed of light, aads the hydrogen number
density. Since the lifetime of CR protons is nearly energy-independent, this interaction preserves
the initial spectral shape of the CR protons.

The photons are emitted back-to-back in the pion rest frame, each with an equal share of the

pion energy w= <:2%¢2 ' 675 MeV, where< is the pion mass and c is the speed of light.
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In the lab frame, where the pion energy is = W<2? = < szopw, the photon energy is

w= W1 V. cos\°<.2%2, whereW is the pion Lorentz factory, is the ratio of the pion
velocity and2, and\ is the angle between the pion and photon tragectories. Since the photons are
emitted isotropically 3#w3 = 1+4c ) 3#w= 12 3cos\?, the photon energy distribution is

3ttw 12 3 cos\ 1 1 1

3w WVe<c2223c0s\  WVe<c2 M | 2 <22

. (1.30)

Therefore, for a single pion, the photon energy distribution is constant within the sag§e
WOG= WML Vo< 2202, W1, V<222V, In particular, in log-energy space, this range is
centered at

%Hog 8= log W®=log W° WC= IogCT ' log 675 MeVe (1.31)

Then the photon energy distribution for a distribution of pions is a superposition of the constant
distributions within different photon energy ranges, depending on the pion energy, but all centered
at 67.5 MeV in log-energy space. This means the photon log-energy distribution peaks at 67.5
MeV, the so-called “pion bump”. The pion bump is considered the signature of the CR protons.
Multiple works have reported a hint of the pion bump in the gamma-ray spectra of SNRs (e.g., [36,
37

The photon emissivity,

@ = Vs g
) 31 V\BC 1
1 1 1 o (1.32)
3w @* .
=2 —@1 003 c - 2 ﬁ:B c—
2w 3w we<i2ea w 2 <224

has a similar spectral shape to the CR proton energy distribution but with a more gradual

cutoff in the highest-energy regime. Hel@, is the pion emissivity, and §8=  §7¢ = 8~ =

LIn fact, the pion bump is outside of the sensitivity limit of the current-generation gamma-ray instruments, and
hence this spectral feature cannot be directly observed. For more discussion on the detection of the pion bump, see
[38, 11].
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<22%4 590Gy <8m 0=\ <22%4 \y The gamma-ray spectrum of a monoenergetic CR
proton with energy -, peaks at w= 01 ».
Above 100GeV, charged pions are produced with a nearly equal probability to that of neutral
pions. 50% of the CR proton energy is nearly equally shareddgy ¢ andc , and hence
co-c * 1+6° ,. Charged pions decay into a muon or antimuon. The timescale of the decay,

26 10 2 s, is much longer than that of a neutral pion.

??1 ?7c
c ! (1.33)
e
??1 ?7c
c ! T (1.34)
Tle e

Since these interactions uniquely produce neutfinosutrinos are considered another signa-
ture of CR protons. The secondary neutrinos, electrons, and positrons have similar spectral shapes
to that of gamma rays from neutron pions. The energy of a pign, 1¢6 -, is shared between
three neutrinos and one electron (positron) such thag ' * 1+24° ,, whereas for two gamma

rays from a neutral pion,w' * 1¢12° ,. Due to a longer lifetime of charged pions than neutral

2An interaction between a CR proton and a photon can also produce pions,
W -1 c=orc?- (1.35)

that decay into gamma rays and neutrinos as shown in Equation 1.28 and 1.33. The cross-section of this interaction is
two orders of magnitude smaller than the proton-proton interaction. However, the proton-photon interaction becomes
important in an environment with extremely dense radiation, such as the jet of an active galactic nucleus, or for any
extragalactic cosmic rays traveling a Mpc to Gpc distance in the cosmic microwave background (CMB) eld. The
threshold proton energy for this interaction with a CMB photon, 1070 eV, is known as the Greisen-Zatsepin-
Kuzmin (GZK) limit [39, 40] above which the measured local CR proton ux is highly suppressed.
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pions, the energy loss of charged pions through different interactions prior to the decay can result
in smaller uxes of secondary neutrinos, electrons, and positrons at very high energies.
Interaction between an energetic CR proton and a hydrogen in the ISM may also produce

antimatter:

2?1 2977==— (1.36)

where? and= are antiproton and antineutron, respectively. Then, the antiproton and antineutron
can fuse to form an antideuter@n Given a much higher proton energy threshold for this process
(17< »22) than pion production, antideuteron production by CR protons is extremely rare, espe-
cially in low energies (below a few GeV where the ux ratio®? 10 19) [41]. On the other

hand, multiple theories predict antideuteron production from dark matter annihilation or decay
(e.g., [42]), making low-energy antideuterons great targets for indirect dark matter search such as

the General AntiParticle Spectrometer (GAPS) experiment [43].

1.3.2 Nonthermal Bremsstrahlung

CR electrons (and secondary electrons produced by CR protons) also undergo inelastic scatter-
ing with the ISM. When the electron energy exceeds the critical energy (344.8 MeV for hydrogen),
the main energy loss mechanism of the electron switches from ionization to bremsstrahlung — brak-
ing radiation of electrons in the electric elds of nuclei. Bremsstrahlung photons with suf ciently
high energies (w 2< 422, where<, is the electron mass) subsequently undergo pair produc-
tion, initiating an electromagnetic cascade (see 82.3). The radiation leggsha characteristic
length scale of these interactions over which an electron has traveled before losinglaH biit

its energy:

1 gy ot In18Y TR

T - 1.37
-0 . 1. 0:121/ +82°2 (1.37)

whereUis the ne-structure constandy is the classical electron radiusjs the atomic number,

# Is the Avogadro's number, and is the atomic molar mass. The radiation length of hydrogen
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is 63.04 g cm?. Then, the lifetime of a CR electron can be approximated to

G 4_ . 4 4 10 2 yr (1.38)
A 3 423C 12<o=pe-° 4 cm 3 . .

As was the case for pion decay, the lifetime of CR electrons is energy-independent, and hence,
bremsstrahlung preserves the initial spectral shape of the CR electrons. The bremsstrahlung photon
energy distribution from a power-law CR electron energy distributi®#s*3 4/ ,° has the

same spectral shape as that of the CR elect¥8#gr3 w/ .

1.3.3 Inverse Compton radiation

Electromagnetic elds are ubiquitous in the universe. Interactions of CRs with interstellar
electromagnetic elds provide another important energy loss mechanism. Since the cross-sections
of electromagnetic interactions are inversely proportional to the quartic mass, such interactions are
important for CR electrons to a far greater extent than for CR protons. Therefore, the discussion
in this and the next section focuses on the electromagnetic energy loss of CR electrons.

Our galaxy is lled with homogeneous and isotropic cosmic microwave background (CMB)
photons as well as localized dust and stellar lights in the infrared (IR) to ultraviolet (UV) band. CR
electrons interact with those photons by inverse Compton scattering in which the electron energy
greatly exceeds the target photon's energy. This intera¢dad 49 can be described using

four-momenta of the photon (: 9 and the electron®, ?9).

<2P=172 : Qap o 0 =<2 29 1 b oo 05 o1 Do 0

(1.39)
In the electron rest? = 1< 422-0-0-0°, : =1 - Ww0-0°, and: =t %~ Y cos\= Ysin\=0°,
where\~is the angle between the incoming and outgoing directions of the photon in the electron

rest frame. Then Equation 1.39 becomes
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27 ~ Do — ~ -0 o -0 w .
<27t W W= wwl o cost®e) = 1 1 ~p<a211 cosro (1.40)

In the lab frame where the electron is moving with the veloti{y.orentz factorWy,

W= WMl Vcos\°- 9= W1, Vcostc Yo,
1 11 Vcos\®l1 Vcos\°®
3  9=W1 Vcost® W =W w . .
1,1 Ww<42?°11 cos\® 1,1 w4°<52%11 Vcos\°!1 cos\®

(1.41)
In the non-relativistic (Thomson) regime \{ 4 <22%), usingcos\ = lcost™ \Peil

Vcos\® and the isotropic photon distribution in the electron rest frame,

2

. 4 w 4
=W wil Veosf®?9)h Q=-W y 5— —— MeV. 1.42
w=W oWl VeostEh u = W w5y Gev M (1.42)
In the ultra-relativistic (Klein-Nishina) regime (v 4 <32%,
O W22 e (1.43)

The angle-averaged total cross-section of inverse Compton scattering can be approximated to

" ! #
f 2 2 4 1
f :3_) 1 = —

1
Z Ini1 2n0 = - - _
8’\0 AO /\g > 0 2° 0 2115 2/\002

(1.44)
wheref ) is the Thomson cross-section, afgl= 4-<§24 Is the only parameter df

In the non-relativistic (Thomson) regime witly 1, f fy1l 27%° while in the ultra-

relativistic (Klein-Nishina) regime withy 1, f 1 3.8 "01 In 127°. Then, the energy loss

rate of CR electrons by these monoenergetic photobg is 1°

4 4 2

3 43C )2 wvvw ——; in the Thomson regime,
3 <422
(1.45)
3 43C= :—)’f)ﬂ In 4/ 1—1 in the Klein-Nishina regime
4 8 w<a2? 0 & gime,
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where=yis the photon number density.

Therefore, in the Thomson regime, photons get frequently upscaattered to energies proportional
to 7 while electrons lose only a fraction of their energyf 4 1) every time. Consequently,
for a power-law CR electron distributici#4¢3 4/ 4*°, the upscattered photons form a harder
power-law distributior8#%s %,/ {wwith =1 4, 1°2. On the other hand, in the Klein-
Nishina regime, the interaction is suppressed, the upscattered photon energy is nearly independent
of the electron energy, and electrons lose a signi cant amount of energy after only a single interac-
tion. This leads to a very sharp cutoff in the upscattered photon energy distributionywth 4, 1
for a power-law CR electron distribution.

When photons are distributed over an energy range, the electron energy loss rate integrated over
the photon energy distribution depends only on the total photon energy densifys a result, the

lifetime of a CR electrorC is

weVecm 42 Ge yr. .
C 3 1001 peVecm® 11 4oGee ! (1.46)

SinceC is inversely proportional to the electron energy, inverse Compton scattering makes

the CR electron spectrum softer.

1.3.4 Synchrotron radiation

Interstellar magnetic eldéof = 1-10" G as well as locally enhanced magnetic elds of 10s
* G to over10' G at astrophysical sources are universal in our galaxy. Similar to the parameter
"o = w 4°<32%ininverse Compton scattering, interactions of CR electrons with magnetic elds
can be treated classically as long asse 24422 1, where sa= <3224\ 44 102G
is the Schwinger limit of a magnetic eld over which electron-positron pairs can be produced by
vacuum polarization. Such high magnetic elds are achieved, for example, at the magnetic pole of
a pulsar and, hence, pulsar winds of electrons and positrons (see §1.4.2). Other than these extreme

cases, magnetic eld strengths in most astrophysical environments are well bgiow

3Assuming equipartition with the CMB photorfsyy= 0:26eV cm 3=* = 2627, 3°G.
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Figure 1.7: Schematic diagram of synchrotron radiation and relativistic abberation [31].

Figure 1.8: Synchrotron radiation pulses and its power spectrum [35].
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Similar to bremsstrahlung radiation in a nuclear electric eld, an electron accelerated in a mag-
netic eld produces synchrotron radiation, also known as magneto-bremsstrahlung. An electron
moving with the velocityV (Lorentz factorW} in a magnetic eld experiences acceleration in
the direction perpendicular to its veloci}, = 4E sin\*W<, where\ is the angle between the
electron velocity and the magnetic eld. The relativistic Larmor formula states that the (Lorentz-

invariant) power radiated by this electron is

2W405 _ 2W4E Zsinf)

3 43C = = = 2f y VAW2*  sird\— 1.47
4 34cnp2® 3 4eng< 3B ) ( )
whereny is the vacuum permittivity, antl = 242" 4 is the magnetic eld energy density. The
angle-averaged power,
4 4
. = _—f,2* — 1.4
B 43C 3" <2 (1.48)

is in the exact same form as Equation 1.45 with the photon energy déngity w~wreplaced

with the magnetic energy density . Therefore, the ratio of synchrotron and inverse Compton

ux provides an estimate of the ratio of magnetic and photon energy density. The lifetime of a
CR electronGy= depends on the electron energy, and hence, synchrotron radiation softens the CR

electron spectrum.

Gh= 1 10101 <> Go 21 LGeWe lyr, (1.49)

Due to the relativistic aberration, in the lab frame, synchrotron radiation of a CR electron
(Lorentz factoMy becomes a narrow beam along the electron’s velocity with a wid2a\M There-
fore, a CR electron gyrating along a magnetic eld line with the Larmor raius W<E, 4

creates light pulses observable only during a very short time period (see Figure 1.7

1 2a 1 1

1 V. OWE2W | Wsin\

Gi= (1.50)

5[y

B 2
out of the period2cel |, wherel is the larmor frequency. The synchrotron radiation spectrum
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of this electron is a superposition of harmonicsl of that peaks around the critical frequency
| ,=1320W sin\ (see Figure 1.8). The synchrotron spectrum of distribution of electrons is a
superposition of the synchrotron spectra of individual electrons — a power-law distribution of CR
electrons8#4°3 4/ 4*) produces a power-law distribution of synchrotron phot@isg 3 w/

wh where w=1 _ 192, same as that of inverse Compton scattering.

Figure 1.9 [33] shows the spectral energy distributions (SEDs) of the radiative processes intro-
duced in this chapter. Panels (a) and (b) are monoenergetic electrons and protons, respectively, with
energies of 1 TeV (red) and 100 TeV (blue). Panels (c) and (d) are a distribution of electrons and
protons, respectively, with an exponential cutoff power-law spec8tm8 / 2expt o 20,
where , = 1(red),100(blue) TeV is the cutoff energy. Therefore, the panels (c) and (d) are a
superposition of the SEDs in (a) and (b) for a spectrum of energy, respectively. As a result, panels
(c) and (d) show the typical SEDs of CR sources consisting of two humps, one in the radio to
X-ray band and the other in the gamma-ray band. For electrons, the solid lines are synchrotron
(the humps in the lower energies,= 3~ G) and inverse Compton (the humps in the higher en-
ergies) spectra. Different inverse Compton humps are for different seed photon elds (CMB, far
IR dust emission, starlight). The dashed lines are bremsstrahlung spectra. For protons, the solid
lines are secondary electrons' synchrotron emission (the humps in the lower energi@s, G)
and primary protons' pionic gamma-ray spectra (the humps in the higher energies). Continuous
injection and cooling of secondary electrons f6¢ yr (solid lines) andLC® yr (dashed lines) were
assumed. It is clear that the most energetic CRs with energies above 100 TeV are best probed in
the hard X-ray (> 10 keV) and VHE-UHE band. While CR protons and electrons can have similar
gamma-ray spectra in the VHE-UHE band, they exhibit very different hard X-ray spectra. GeV
gamma-ray observation can provide further information on the CR species and spectra. Therefore,
multiwavelength observation in the X-ray to gamma-ray band is a powerful tool for studying the

most energetic galactic CRs.
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Figure 1.9: The SEDs of various radiative processes for protons and electrons [33]. See text for
details.
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Figure 1.10: Schematic diagram of the evolution of an SNR and PWN system [44].

1.4 Cosmic ray source candidates

In their seminal paper in 1934 [45], Walter Baade and Fritz Zwicky proposed two of the most
important things in the history of astroparticle physics and high-energy astrophysics: (1) super-
novae as the origin of CRs, and (2) formation of neutron stars from supernovae. For supernovae,
even though the initial proposal was made for extragalactic CRs, Galactic supernovae, and their
remnants (SNRs) have been considered the most promising candidates for Galactic CR accelera-
tors. For neutron stars, discovered as a pulsar (pulsating radio source; [46]), the nebulae powered
by pulsar wind (PWNe) were found to be the most common origin of gamma rays, and hence,
another promising Galactic CR accelerator candidate. While an SNR and PWN are born together,
they involve different physical processes and are responsible for different CR populations. Figure
1.10 summarizes the three evolutionary stages of a system of an SNR and PWN. The details of

their evolution, relevant CR processes and properties, and observational ndings are summarized
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below.

1.4.1 Supernovaremnants

The steady-state CR luminosity estimated from the proton ux measurementl@ erg
s 1 [5]. Considering the Galactic core-collapse supernova ragper century and the typical
supernova explosion energylC®! erg s 1, the necessary CR luminosity is ful lled by supernovae
if only a few percent of their explosion energy is converted into CRs. Combined with the DSA
theories, SNRs make ideal Galactic CR accelerators for protons (the main constituents of the ISM
being shocked).

When a massive¥(8" ) star explodes, 49=1 10" ofthe ejectais released into the cold
ISM with the kinetic energy of (» = 10°! erg. This explosion forms a strong shock (“forward
shock”, FS in the rst diagram of Figure 1.10) propagating into the ISM with tens thousands of km
s 1 and sweeping up the ISM. When the swept-up ISM miagsis much smaller than the ejecta
mass, the swept-up mass has negligible impact on the SNR evolution. The ejecta freely expands
with a constant velocitygs = pm = 10% (4«10t erg¥ 21" 49" ©°¥2km sl This
“free-expansion phase” lasts untilsg " g = 4¢3 &d ( , whered (- 17 10 %4 g
cm 3Sis the average ISM mass density, dngi= B 21" 40" ol-3 pc is the SNR radius at the
end of the free-expansion phase. The age of the GjlRat that moment i€  200t" 4¢" ©°-6
yr.

At this point, the shock starts slowing down, and the SNR parameters are described by the
well-known Sedov-Taylor self-similar solution [47], thereby the name “Sedov-Taylor phase”. The
shock-heated swept-up mass reaches the temperatpre 13¢16°< ?EZB & 1 keV and radiates
thermal X-rays. The radiative cooling time scaje/ )21'2 & 10° yr is much greater thaea,

and hence, the radiative loss is negligible, and the energy is conserved (therefore, another name
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“adiabatic phase”). The shock radiug and velocityEgare [48]

(# 15 é 5 (# 15 C 245
: . S Y -
® d g > 10°terg 1000yr Pe
3 B 2 (# 15 (& 15 C 35 (1'51)
= = c>> 1800 kms le
=3¢ 5 4, 10lerg  1000yr ms

The Sedov-Taylor phase lasts ui@§s . Sincegp / Es/ C3°, the “radiative phase” starts
whenGgs 50Kkyr. The shock radius and velocity at this point arg  20pc andggs  200km
s 1, respectively.

CR acceleration in SNRs is most active during the free-expansion and adiabatic phase when
the shock and magnetic eld are strong. Considering the CR lumindsityas a fractiorf (ac-
celeration ef ciency) of the swept-up mass energy ux,

EZBEB/ =

2 (1.52)
3 1. /| & iFree-expansion phase C 1Sedov-Taylor phase

1. =[4CIBd(”

assuming a constant acceleration ef ciency. Therefore, the CR luminosity should peak at the
transition between the free-expansion and Sedov-Taylor phase.
The maximum CR energy of each phase can be estimated in a similar way to that iI@&1=1 (
1 <OG°-EZB = @Qe4) but with an added constraint from the diffusion length= 1 LB =
' 8 Assuming the Bohm regime where diffusion is highly effective such that CRs suffer scattering
every Larmor radiug\ , the diffusion coefcient ¢ © = A23 =22 «34 |/ =« . Forthe

free-expansion phase, the two constraints are equal:

1 o =Ged5=" s ) <o/ Coes (1.53)

For the Sedov-Taylor phase, the diffusion length constraint ' g/ C§2354is met sooner than the

32



acceleration time constrai@,, = Qg4

L cod®="eB ) <06/ Cobs® (1.54)

Therefore, <pg continues increasing in the free-expansion phase, then starts decreasing as the
Sedov-Taylor phase starts. Herejs not constant; as the CR ux increases and decreases, the
CR-driven magnetic instabilities and the total magnetic eld will also increase and decrease. The
maximum CR energy throughout the lifetime of an SNR will then be achieved at the transition

between the free-expansion and Sedov-Taylor phase:

Esas4 e

L =G B 20
<06"= @ Bonas ) <06 100°G 10°kms?! 200yr

PeV.  (1.55)

Indeed, SNRs are capable of accelerating CRs up to the “kne2PeV, but such an energetic
phase will last only for a very short time. Once the maximum energy is achieved and the shock
starts slowing down, the highest-energy CRs whose Larmor radii are larger than the shock radius
will escape the SNR, as we imposed the diffusion length constraints when calculating the maxi-
mum energy.

The rst observational evidence of CR acceleration in SNRs was found in the radio band.
Nonthermal radio spectra of SNRs were attributed to synchrotron emission from CR electrons [49].
High-resolution X-ray imaging resolved bright nonthermal laments and knots in SNRs where CR
electrons are actively accelerated and cooled in a highly ampl&ed Q0" G) magnetic eld (e.g.,

[50]). Even though SNRs are believed to be the source of CR protons, observational con rmation
of proton acceleration is nontrivial. Since the pion decay rate depends on the number of target
nuclei, detecting pionic gamma rays from an SNR requires the presence of dense material nearby,
such as molecular clouds (e.g., [51, 52]). In the TeV band, pionic gamma rays and leptonic gamma
rays (from inverse Compton scattering) are indistinguishable. Currently, observations indicate
proton acceleration in SNRs up to only a few TeV (e.g., [53]), challenging the status of SNRs as

Galactic PeVatrons.
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Figure 1.11: Schematic diagram of a PWN [54].

1.4.2 Pulsars and pulsar wind nebulae

The Crab nebula, a PWN of a youn@ds 970 yr) pulsar PSR B0531+21, is the rst and
only astrophysical source identi ed as a Galactic PeVatron where CR electrons are accelerated to
energies above 1 PeV. While the Crab is an exceptionally powerful accelerator, two decades of
VHE gamma-ray observation revealed nearly half of the bright Galactic TeV sources are spatially
coincident with energetic pulsars and their PWNe (e.g., [55]).

A neutron star is born from the same supernova explosion that creates an SNR — a compact
object supported by neutron degeneracy. The angular momentum and magnetic ux of a giant
progenitor star are inherited by a neutron star with a typical radius 10 km and mass ¢
2 3" [56, 57]. Therefore, a neutron star is spinning very fast (pe?od10s to 100s of ms)
and highly magnetized (surface magnetic eld 10'? G). Just like a Faraday disk, induced
electric elds strip off electrons and nuclei from the neutron star's surface, which Il the neutron
star magnetosphere. These charged particles are supposed to screen the electric elds and bring the
magnetosphere to a steady state. However, there can be some regions where the available charge
density is below that required to screen the electric elds completely (“Goldreich and Julian charge

density’d = ® '@32[58],Where: 2c+99. In these regions (polar cap, slot gap, and outer
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Figure 1.12: Schematic diagram of the striped pulsar wind [61].

gap; marked as blue-shaded regions inside the light cylinder in Figure 1.11), the stripped electrons
and nuclei are accelerated to a Lorentz faddr 10’ [59] by the electric eld parallel to the
magnetic eld. In particular, relativistic electrons emit gamma rays by synchrotron or curvature
radiation, and these gamma rays are converted into a pair of an electron and positron in a strong
magnetic eld (see §1.3.4). This cascade produces electrons and pogitrori®® 10° times
the number of primary electrons stripped from the neutron star surface [60]. This pair production
reduces the particle energyWg = We~ 10°. Since nuclei do not initiate such a cascade, pulsar
winds are predominantly leptonic.

Magnetic eld lines can corotate with the neutron star and remain closed if their velocity does
not exceed the speed of light. This condition is met up to the “light cylinder” where the tangential
velocity equals the speed of lighgc' 1% =", = 2 ! ', = 2 . Beyond this point

are open eld lines from the polar cap region on the neutron star surface — a region around the
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magnetic pole out td,, = arcsiin. The open eld lines are in opposite directions in
each hemisphere, forming the striped pulsar wind (Figure 1.12). The accelerated particles travel
along these open eld lines as an ultrarelativistic (bulk Lorentz factor 10° 107) wind. The
absence of synchrotron radiation from this wind indicates that the wind is cold. When this wind
encounters the external medium, that is, supernova ejecta, an ultrarelativistic shock (“termination
shock”) is formed. Pulsar wind particles are (re)accelerated at the termination shock to even higher
energies and create a PWN. The location of the termination shecis where the pulsar wind ram
pressure equals the nebular pressure. The particle acceleration mechanism at the termination shock
is unknown; as mentioned in 81.2, DSA may be dif cult at relativistic shocks. Toroidal magnetic
elds also make diffusion across the shock dif cult. Another possibility is magnetic reconnection
driven by the compressed striped alternating magnetic elds at the termination shock [61].

When a neutron star is approximated as an inclined rotating magnetic dipole, the electromag-

netic power can be calculated using the Larmor formula [62]:

SR L I 2w

= G Ime sij ergs (1.56)

wherej is the inclination angle. This power is converted into particle (relativistic electron and
ion) and magnetic energies:

o= <, g2 1, —8 f — (1.57)

4 F 5 /\<4 5 *

where” is the multiplicity of pair productionf® = 2 3-242 is the primary particle ux
(2d <4) integrated over the polar capa_gre electron and ion mass, and=  2e4c MR <4 22
is the wind magnetization. The wind is Poynting- ux-dominated at the light cylintler (10%).
However, it becomes kinetic-energy-dominated at the termination sliock (1). This drastic
change of is not understood and is known as tHe ffroblem” [32].

The maximum energy achievable at the termination shock due to the potential drop can be

estimated as<oc = /4[ )( " )¢, where/ is the atomic number of a pulsar wind partide, =

36



Figure 1.13:Left: plasma velocity and number density pro le in a young SNR Cassiopeia A [63].
Right: A simulated evolution of the radii of an SNR forward shock (blast wave), reverse shock,
and a PWN [64].

s the ratio of the electric eld to the magnetic eld, and( is the magnetic eld at the

termination shock. Taking a fractign of the pulsar wind ram pressure as the magnetic pressure,

1.2

2 o] o]
= | =4[ [P l2_p (2 pev (158
4c 4c2')2( ) <oe=/4] 1 - 1036 erg st eV, (1.58)

where[ E+2 1with the wind particle velocityg= 2, and[ Y 1. Therefore, only the
pulsars with® 10% erg s 1 have a chance to be leptonic PeVatrons.

As a PWN evolves from stage 1 to stage 2, the PWN encounters the reverse shock of its host
SNR. A reverse shock is a shock developed behind the forward shock of an SNR by the high-
pressure swept-up materidéff panel of Figure 1.13). A reverse shock travels backward, i.e.,
toward the neutron star in the frame of the forward shock, sweeping up the supernova ejecta. In
the lab frame, it initially travels forward, then slows down and starts traveling backwigid (
panel of Figure 1.13). The reverse shock can compress the PWN and raise the pressure inside
the PWN. Once the PWN pressure exceeds the reverse shock pressure, the PWN can re-expand.

While compression and re-expansion continue, the pulsar with a kick veBgignay escape the
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PWN. The relic PWN left behind the pulsar keeps radiating by synchrotron and inverse Compton
emission and loses energy without any further injection, while the pulsar forms a new PWN around
it with freshly accelerated energetic particles. As the largest group of VHE sources, PWNe in this
stage often exhibit extended and irregular morphology [55].

The pulsar will eventually escape the host SNR and supersonically travel in the ISM, forming
a bow-shock PWN. The time of the pulsar's esc&ecan be estimated by equating the pulsar's

travel distance and the SNR forward shock radius during the Sedov-Taylor phase [62]:

53

kyre (1.59)

@ P o=p 13 Ecga

0 - -
Gsz 10P1erg lcm 3 400km s 1

Pulsar wind patrticles can escape the bow-shock PWN and form a large (10s of pc) halo around the
still-energetic ( 1034 erg s1) pulsar, emitting VHE gamma rays by inverse Compton scattering
(e.q., [65]). Such halos serve as ideal astrophysical sources for studying suppressed diffusion

around CR accelerators as well as positron excess in the case of nearby pulsars.
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